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cf.) Hayakawa et al. 1958 （伝統的・標準的な話題）
Gabici et al. 2019        （宇宙線業界の最近の話題）
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宇宙線（Cosmic Rays）
•広義：宇宙からやってくる「放射線」（光⼦，核⼦，
電⼦，ニュートリノ，etc…）
•狭義：「荷電粒⼦」（電⼦・陽電⼦，陽⼦，ヘリウ
ム核，etc…）

→ 天体物理学では，特に光速に近い速度のものを指す
ことが多い．
• Victor Franz Hess博⼠(1883-1964)が1912年に発⾒し，

1936年にノーベル物理学賞を受賞した．
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Figure 2:  S. Hayakawa 
He performed comprehensive works on Cosmic rays and high- 
energy Astrophysics,  and predicted the importance of  
Gamma-ray astrophysics through �o decay in 1952. 
 
he discussed how much interstellar matter is traversed 
by cosmic rays during he transport from the sources to 
the Earth, referring to the observed data on heavy 
primaries in cosmic rays by two groups of the Bradt – 
Peters (1950), and Dainton-Fowler-Kent. (1951). 
   In his paper, he also mentioned that gamma-ray 
emission from the πo mesons produced in collisions of 
cosmic rays and the interstellar medium during the 
propagation of cosmic rays, is such that: 
 
 “ In this passage through this thickness secondary     
particles are scarcely produced except photons which 
are due to the decay of neutral pions. The intensity of 
the secondary photons are estimated as about 0.1% of 
the total intensity at the geomagnetic latitude 55°, but 
as nearly 1.5% at the equator”. 
 
This means, Hayakawa predicted the gamma ray flux of  

~2x10-4/cm2s.sr. 
which almost agree with recently accepted data. 
     The concept was accepted that it is important for 
gamma rays from space to be observed, since the 
gamma-ray flux is proportional to the amount of matter 
in the line of sight that is, 
      (Cosmic rays density) times (Density of Interstellar 
        medium).  
    Thus observation of the gamma ray flux bring us 
important information on the density of Cosmic rays 
and Interstellar medium in space, which would be 
difficult to obtain in otherwise. 
   However the flux was so faint, almost all cosmic ray 
scientists were reluctant to attempt experiments with the 
detector technologies of the time, since they thought 
that the extraction of the gamma ray flux is very 
difficult given the strong background of cosmic rays. 

 
3.2. Gamma-ray Flux Predicted  
by  P.Morrison [4] 
 
    Six year after the perdition by Hayakawa, P 
Morrison advocated the importance of Gamma ray 
astrophysics in 1958. His main argument is that the 
astrophysics was developed in the past by observing 
visible light and radio wave, but those photons were 
descendants of the gamma rays produced from the high-
energy phenomena in the stars and Galaxies. In this 
respect, it is important to observe directly the gamma 
rays from the source to understand what are happening 
in the space.�  Instead of diffuse gamma rays estimated 
by Hayakawa, he focused to the point sources of gamma 
rays of the Active stars  and Galaxies.  
  He first discussed on the processes of gamma-ray 
production: 
Synchrotron, Bremsstrahlung, Nuclear gamma rays,  πo-
decay, Matter and Antimatter annihilations. 
    In the case of the Radio luminous colliding galaxies 
of Cyg-A, he estimated the gamma ray flux by 
assuming the energy source of galaxy is due to the 
matter – antimatter annihilation. His estimated flux of 
Gamma rays of Cyg-A was  
                            0.1-1.0/cm2s 
in the range of a few MeV to a few hundred MeV. This 
is several orders higher than Hayakawa’s estimate for 
the flux of diffuse gamma rays. 
    Then Morrison proposed we could observe the 
gamma rays rather easily, if we point the detectors to 
the source. 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
Figure 3 :  P. Morrison  
He advocated the importance of the Gamma–ray Astrophysics 
particularly on the point sources in 1958. 
 
   In his paper [4]: 

“On Gamma-ray Astrophysics  
      P. Morrison 
      1958, IL. Nuovo Cimento VII, No.6, 858”, 
 
he mentioned  that  : 
“Flights of several hr.’s duration are adequate, and the 
altitude required are  not extreme. Telemetering of data, 

早川幸男先⽣（1923-1992）．
宇宙線の超新星起源説，およびガンマ
線天⽂学の提唱者．
天⽂学会の早川幸男基⾦（若⼿海外学
術研究援助基⾦）を設⽴された．
（天⽂辞典より）

From Nishimura 2015
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The energy spectrum of CRs

dF/dE∝E-2.7

宇宙線（Cosmic Rays）

SNR Origin？？？
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宇宙物理学での宇宙線の例
1.   ISMのエネルギー平衡 (太陽近傍)

CR ~ turbulence ~ B-field ~ thermal ~ 1 eV/cc
→ガスの運動に影響を与える: 

e.g. 銀河⾵の駆動源 (Breitschwerdt+ 1991)

2. 分⼦雲の電離源
電離ガスは磁場と結合している．

磁場はプラズマ状態に依存して散逸する．

→ 星形成中の磁束と⾓運動量の再分配 (cf. Inutsuka 2012).

宇宙線の起源は？
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The energy spectrum of CRs
宇宙線の起源について①
Ø εCR ~1 eV cm-3 ( mostly reserved in ~GeV CRs)
＊銀河内の前エネルギーの推定：

~ εCR V ~ 1055 erg (V/ 1067 cm3)

Ø 銀河が “準定常状態 (quasi-equilibrium state)” にある
とすると，これを維持するために必要な宇宙線の
注⼊率が存在する．

→ PCR ~ εCR V / τ [ erg/s ].

Ø 宇宙線の滞在時間 τが必要である.



宇宙線の起源について①
Ø CRs: 様々な核種で構成される

p 11B は星の元素合成でほ
とんど⽣成されないこ
とが知られている．

11B production：
12C + pISM → 11B 

11B と 12C は銀河系内で
の宇宙線の振る舞いの
トレーサーとなる．

Gabici+ 2019

※10B is also produced.
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Figure 4: The boron to carbon ratio as a function of kinetic energy per nucleon EK compared with measure-
ments since the year 1980 [14]. The dashed line is the B/C required for the model of Ref. [15].

rigidity to kinetic energy per nucleon EK is used [10]. An additional systematic error due to the
conversion procedure is derived varying the boron isotopic composition in the range YB = 0.7±0.1.
Figure 4 shows the AMS B/C together with recent results. Also shown is the B/C prediction from
an important theoretical model [15], which explains the AMS positron fraction [16] by secondary
production in cosmic ray propagation. This is an example of a class of models ruled out by this
measurement.

In conclusion, the precise measurement of the boron to carbon flux ratio B/C in cosmic rays
with rigidity from 1.9 GV to 2.6 TV based on 2.3 million boron and 8.3 million carbon nuclei is
presented. The B/C increases with rigidity reaching a maximum at 4 GV then decreases. The B/C
does not show any significant structures. Above 65 GV the B/C can be described by a single power
law of D = �0.333± 0.014(fit)± 0.005(sys), in good agreement with the Kolmogorov theory of
turbulence which predicts D =�1/3 asymptotically [1].
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Boron to Carbon ratio

Solar abundance (Asplund+ 09)
10B : 11B = 2 : 8
B / H = 10-9.3

C / H = 10-3.6

B / C = 10-5.7

(in number)
ほとんどのホウ素は

12C + pISM → 11B 
で⽣成されたとして良い.



宇宙線の起源について①
Ø 滞在時間の推定

11B production： 12C + pISM → 11B 
⽣成率 (s-1)： q ~ n(12C) nISM σc

平衡状態： n(11B) / τ = q

τ ~ {n(11B) / n(12C) } / (σ nISM c)

＊Λ = μmp nISM τc is usually used in CR community.

τ ~ Λ / μmp nISM c
~ 10 Myr (Λ / 10 g cm-2) (nISM / 1 cm-3)-1

→ n(11B) / n(12C) ~ σΛ / μmp

逃⾛率(s-1)： ~ n(11B) / τ



宇宙線の起源について①
Ø CR は主に陽⼦で構成される

τ ~ Λ / μmp nISM c
~ 10 Myr. (Λ / 10 g cm-2) (nISM / 1 cm-3)-1

＊11B の滞在時間
Ø ISM は希薄なガス. →宇宙線の集団的運動は電磁場に
よって決まる（粒⼦間衝突ではなく）．

Ø ジャイロ半径が宇宙線の運動の最⼩スケール.
→ rg~ R/B,  R = pc/Ze “rigidity”．
→ R が同じ粒⼦は同じ運動をする.



宇宙線の起源について①
Ø CR は主に陽⼦で構成される

τ ~ Λ / μmp nISM c
~ 10 Myr. (Λ / 10 g cm-2) (nISM / 1 cm-3)-1

宇宙線が銀河を横切る時間: (10 kpc) / c ~ 0.01 Myr << τ

ü CRは（おそらく）散乱により
銀河内に閉じ込められている.

ü 拡散的に振る舞うことで，
（おそらく）銀河内に充満し
ている．

Finally escaping

source

cf. Skilling 1971, 1975

εCRは“⼀様である”と仮定する．



宇宙線の起源について①
ü エネルギー密度
εCR~ 1 eV cm-3

ü 滞在時間
τ ~ Λ / μmp nISM c

~ 10 Myr (Λ / 10 g cm-2) (nISM / 1 cm-3)-1

ü 必要な注⼊率（Required Power）
PCR ~ εCR V / τ ~ εCR Mc / Λ

~ 1041 erg/s ( εCR / 1 eV cm-3)
(  M / 109 Msolar )
(   Λ / 10 g cm-2 )-1

＊ρ = μmpnISM ~ M /V is used.



宇宙線の起源について①
Required power: PCR ~ 1041 erg/s

Ø Supernova

ü Energy per event : ESN = 1051 erg
ü Event rate: qSN ~ (Number of SNR) / (life time)

~ 300/104 yr
~ 1 / 30 yr

→ Available power: ~ 1051 erg / 30 yr ~ 1042 erg/s
Ø 超新星爆発の運動エネルギーの〜１０％ほどが
宇宙線の⽣成に消費されていれば良い（が，何
故そうなるかは未解明）．

Other advantages: 
1. Chemical composition of CRs (enhanced population of heavy elements)
2. Plausible CR acceleration mechanism was proposed (DSA) 



宇宙線の起源について②
“quasi-equilibrium” & “uniform εCR” are OK?

τ ~ 10 Myr. (Λ / 10 g cm-2) (nISM / 1 cm-3)-1

ü 滞在時間のスケールは銀河の時間スケールに⽐べ
て⾮常に⼩さい．

PCR ~ 1041 erg/s ( εCR / 1 eV cm-3) (M / 109 Msolar) (Λ / 10 g cm-2 )-1

e.g. 星形成率: ~ 1 Msolar / yr
ISMガスの質量M ~ 109Msolarは ~ 10 Myr
では変化しない．



宇宙線の起源について②

No. 1, 2000 ACCELERATING STAR FORMATION IN CLUSTERS 261

studies have found about a dozen Herbig-Haro objects
(Wilking et al. 1997 ; Whitney, & Wood 1998).Go! mez,
Other jets are undoubtedly hidden by the high visual extinc-
tion.

Chen et al. (1997) compiled data for 74 stars and obtained
bolometric luminosities by integrating near-infrared
(Greene & Young 1992) and optical (Herbig & Bell 1988)
photometry. Unfortunately, they could assign spectral types
to only 24 objects located in the periphery of the dark cloud.
For such an embedded cluster, near-infrared spectroscopy
o†ers the best means for obtaining spectral types and e†ec-
tive temperatures. Following the earlier study by Greene &
Meyer (1995), Luhman & Rieke (1999) have employed spec-
troscopy in the K band to study 98 stars in the central
region of L1688, an area about 2 pc in diameter. They
estimated stellar luminosities by applying a bolometric cor-
rection to the dereddened J-band Ñuxes.

Figure 3a shows the distribution in the H-R diagram of
72 stars from this group. Here we have omitted all objects
that Luhman & Rieke judged to be foreground or back-
ground stars or that had uncertain spectral types. Evidently,

the population is distributed rather uniformly below the
birth line, with several members hovering close to the
brown dwarf regime. The age histogram of Figure 3b indi-
cates a slow onset of star formation about 5 ] 106 yr ago
and a sharp rise within the past 1 ] 106 yr.4

How are these results a†ected by the sensitivity of the
near-infrared observations? The stars investigated by
Luhman & Reike represent a magnitude-limited population
in the L1688 core. They judge this sample to be complete
down to a dereddened K magnitude of 11 for sources with
H[K \ 2 mag, corresponding to an extinction A

K
\ 3.

Equivalently, they have detected all such sources with
where this limit holds to the latest spectralL * Z 0.1 L

_
,

type seen (M6). They conclude that their observations are
complete to However, the core of L1688M* \ 0.1 M

_
.

4 Nine stars in the Luhman & Rieke sample are among the ROSAT
sources discussed by Bouvier & Appenzeller (1992). As a whole, the
ROSAT group is older than the L1688 population analyzed here.
However, the nine stars in question have an age distribution consistent
with Fig. 3b.

FIG. 3.ÈH-R diagrams and age distributions for o Ophiuchi and Upper Scorpius. Isochrones are the same as in Fig. 1. For o Ophiuchi, the evolutionary
tracks correspond to 0.1, 0.2, 0.4, 0.6, 0.8, 1.0, 1.2, 1.5, 2.0, 2.5, 3.0, 3.5, 4.0, and 5.0 For Upper Scorpius, we also show the track for 6.0 The two solidM

_
. M

_
.

curves in the upper part of the H-R diagram represent the postÈ main-sequence isochrones of Schaller et al. (1992) for t \ 2 ] 106 yr and 1 ] 107 yr.

Nu
m
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r o

f s
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OB association

Palla & Stahler 2000

ü~ 10 Myrの間に星形成率
は~ 10 倍ほど変動する．

ü時間的・空間的に宇宙線
の注⼊率(by supernova)と
εCRは⼀様とは限らない？

PCR ~ 1041 erg/s ( εCR / 1 eV cm-3) (M / 109 Msolar) (Λ / 10 g cm-2 )-1

εCR ~ 1 eV cm-3は銀河の
代表値なのか？？？

“quasi-equilibrium” & “uniform εCR” are OK?
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Figure 6. Differential ionization rate of both proton and electron CRs (left-hand and right-hand panels, respectively) at different column densities with the
ISM spectra f0 assumed to be that from Voyager and AMS-02 fits. The black curves are the differential ionization rates obtained neglecting propagation and
ionization losses into the cloud.

Figure 7. Ionization rate derived from Voyager spectra compared to ob-
servational data as a function of the column density. The two dot–dashed
line and the dotted line correspond to the ionization rates of electrons and
protons, respectively, neglecting the effects of propagation and ionization
losses. Data points are from Caselli et al. (1998; filled circles), Williams
et al. (1998; empty triangle), Maret & Bergin (2007; asterisk), and Indriolo
& McCall (2012; the filled squares are data points, while the filled inverted
triangles are upper limits).

(i) Better description of the transition between diffuse and dense
media: At present, all the available models aimed at describing the
penetration of CRs into MCs rely on the assumption of a quite
sharp transition between a diluted and ionized medium, and a dense
and neutral one. A more accurate description should consider a
more gradual transition between these two different phases of the
ISM. However, we recall that the simple flux-balance argument
mentioned in Section 2 and discussed in great detail in Morlino
& Gabici (2015) would most likely hold also in this scenario. It
seems thus unlikely that a more accurate modeling could result in
a prediction of ionization rates more than one order of magnitude
larger than that presented here (as required to fit data);

(ii) Inhomogeneous distribution of ionizing CRs in the ISM: The
assumption of a uniform distribution of CRs permeating the entire
ISM could be incorrect. Fluctuations in the CR intensity are indeed
expected to exist, due for example to the discrete nature of CR
sources (see for example Gabici & Montmerle 2015, and references
therein). However, gamma-ray observations of MCs suggests that

such fluctuations are not that pronounced for CR protons in the GeV
energy domain (Yang et al. 2014). Thus, fluctuations of different
amplitude should be invoked for MeV and GeV particles;

(iii) CR sources inside clouds: The ionizing particles could be
accelerated locally by CR accelerators residing inside MCs. Ob-
vious candidate could be protostars, which might accelerate MeV
CRs, as proposed by Padovani at al. (2015, 2016);

(iv) The return of the CR carrot? The existence of an unseen
component of low-energy CRs, called carrot, was proposed a long
time ago by Meneguzzi, Audouze & Reeves (1971) in order to
enhance the spallative generation of 7Li, which at that time was
problematic. Voyager data strongly constrain such a component,
which should become dominant below particle energies of few MeV
(the energy of the lowest data points from Voyager). Such a low-
energy component could also enhance the ionization rate, as recently
proposed by Cummings et al. (2016).

Further investigations are needed in order to test these hypothesis
and reach a better understanding of ionization of MCs.
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Figure 3. Data of the CR intensity for protons (left) and electrons (right) taken from Voyager 1 (Cummings et al. 2016) and AMS-02 (Aguilar et al. 2014,
2015) compared with the fitted curve used in this work.

Figure 4. CR spectra for a cloud of column density NH2 ∼ 3.1 × 1021 cm−2 (corresponding to typical values of nH = 100 cm−3 and Lc = 10 pc). The left
and the right figures are, respectively, spectra of protons and electrons. Also shown with the black solid curves are the ISM spectra given by equation (10).

suppressed with respect to f0, but in the energy range E∗,p(E∗,e) <

E < Eloss,p(Eloss ,e), we still find that fb = fa. E∗,p and E∗,e have been
defined at the end of Section 2.1. This fact can be easily undertood
in the following way:

(i) for proton (electron) energies larger than Eloss,p (Eloss,e) CRs
freely penetrate the cloud, so that f0 = fb = fa;

(ii) for proton (electron) energies in the range E∗,p < E < Eloss,p

(E∗,e < E < Eloss,e), particles suffer ionization energy losses, but
this happens after they repeatedly cross the cloud. This implies that
the CR spatial distribution inside the cloud is uniform, and thus f0

̸= fb = fa;
(iii) for proton (electron) energies E < E∗,p (E < E∗,e), particles

lose energy before completing a single crossing of the cloud, which
implies that the spatial distribution of CRs inside the cloud is non-
uniform, i.e. f0 ̸= fb ̸= fa.

In Fig. 5, we provide also a few spectra to show how our results
depend on the exact value of the column density of the cloud. It is
clear from the figure that the suppression of the CR spectra inside
MCs is more pronounced for larger column densities. For very
large column densities, approaching ∼1023 cm−2, the CR proton

and electron spectrum is suppressed with respect to f0 up to quite
large energies reaching the GeV domain.

4 IO N I Z AT I O N R AT E S

The CR spectra obtained in the previous section can now be used to
compute the ionization rates ζ (H2) in diffuse clouds. In the absence
of a detailed knowledge of the distribution of the gas of the cloud
along the line of sight, we use in the following the spatially aver-
aged spectrum of CRs fa to compute the ionization rates. Following
Padovani et al. (2009), we define the ionization rate of H2 due to
protons and electrons as

ζp(H2) =
∫ Emax

I

fa(E) vp

[
1 + φp(E)

]
σ p

ion(E) dE

+
∫ Emax

0
fa(E) vp σec(E) dE (11)

ζe(H2) =
∫ Emax

I

fa(E) ve

[
1 + φe(E)

]
σ e

ion(E) dE (12)

where σ p
ion, σ ec, and σ e

ion are the proton ionization cross-section, the
electron capture cross-section, and the electron ionization cross-
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p Voyager 1 が太陽系“外”に進出したことで，外の宇宙
線量が初めて分かった．

p これが銀河の代表値と仮定すると，宇宙線電離率は
≈ 10-17 s-1 is predictedとなり，観測を説明できない
(Cummings+16, Phan+18).
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Figure 6. Differential ionization rate of both proton and electron CRs (left-hand and right-hand panels, respectively) at different column densities with the
ISM spectra f0 assumed to be that from Voyager and AMS-02 fits. The black curves are the differential ionization rates obtained neglecting propagation and
ionization losses into the cloud.

Figure 7. Ionization rate derived from Voyager spectra compared to ob-
servational data as a function of the column density. The two dot–dashed
line and the dotted line correspond to the ionization rates of electrons and
protons, respectively, neglecting the effects of propagation and ionization
losses. Data points are from Caselli et al. (1998; filled circles), Williams
et al. (1998; empty triangle), Maret & Bergin (2007; asterisk), and Indriolo
& McCall (2012; the filled squares are data points, while the filled inverted
triangles are upper limits).

(i) Better description of the transition between diffuse and dense
media: At present, all the available models aimed at describing the
penetration of CRs into MCs rely on the assumption of a quite
sharp transition between a diluted and ionized medium, and a dense
and neutral one. A more accurate description should consider a
more gradual transition between these two different phases of the
ISM. However, we recall that the simple flux-balance argument
mentioned in Section 2 and discussed in great detail in Morlino
& Gabici (2015) would most likely hold also in this scenario. It
seems thus unlikely that a more accurate modeling could result in
a prediction of ionization rates more than one order of magnitude
larger than that presented here (as required to fit data);

(ii) Inhomogeneous distribution of ionizing CRs in the ISM: The
assumption of a uniform distribution of CRs permeating the entire
ISM could be incorrect. Fluctuations in the CR intensity are indeed
expected to exist, due for example to the discrete nature of CR
sources (see for example Gabici & Montmerle 2015, and references
therein). However, gamma-ray observations of MCs suggests that

such fluctuations are not that pronounced for CR protons in the GeV
energy domain (Yang et al. 2014). Thus, fluctuations of different
amplitude should be invoked for MeV and GeV particles;

(iii) CR sources inside clouds: The ionizing particles could be
accelerated locally by CR accelerators residing inside MCs. Ob-
vious candidate could be protostars, which might accelerate MeV
CRs, as proposed by Padovani at al. (2015, 2016);

(iv) The return of the CR carrot? The existence of an unseen
component of low-energy CRs, called carrot, was proposed a long
time ago by Meneguzzi, Audouze & Reeves (1971) in order to
enhance the spallative generation of 7Li, which at that time was
problematic. Voyager data strongly constrain such a component,
which should become dominant below particle energies of few MeV
(the energy of the lowest data points from Voyager). Such a low-
energy component could also enhance the ionization rate, as recently
proposed by Cummings et al. (2016).

Further investigations are needed in order to test these hypothesis
and reach a better understanding of ionization of MCs.
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Figure 1. Power needed in CR protons and electrons in order
to keep a carrot at a given energy in the whole Galactic disk,
able to predict (without taking into account the CR penetration
in MCs) an ionization rate of 4 ⇥ 10�16 s�1, as compared with the
power needed to sustain the observed CR Galactic population
(black, solid line) and the observed CR electron spectrum (black,
dashed line), respectively. The line marked as C-2016 is the power
required in CR protons in order to keep the suprathermal tail
invoked in Cummings et al. (2016) in the whole Galactic disk .

Figure 2. Power in CR electrons and protons in order to keep
a carrot at a given energy within a cloud (nc = 100 cm�3, radius
Rc ⇠ 10 pc), able to predict an ionization rate of 4⇥10�16 s�1. This
is compared with the maximum power that a cloud can provide
(black, solid line), given by Pc = Egrav/⌧li f e (⌧li f e ⇠ 107 yr,

Egrav =
3
5
GM2

c
Rc

).

electron and proton energies in the range 1 KeV�1 MeV. We
compare it with the total power (see e.g Strong et al. 2010)
injected by sources in the observed CR spectrum (⇡ 1041

erg/s) and electron spectrum (⇡ 1039 erg/s). We also show
an estimate of the total power in CR protons needed to keep
in the whole Galactic disk the suprathermal tail invoked in
Cummings et al. (2016) as

PC�2016 =
π 1MeV

1KeV

4⇡J(E)E
vp(E)

Vdisk

⌧loss,p(E) dE ⇡ 2⇥1042
erg/s, (7)

where J(E) is the CR proton flux of the suprathermal tail
(see Fig. 16 of Cummings et al. 2016).

Remarkably, the plot in Fig. 1 illustrates that, due to
the short lifetime of low energy CRs in the ISM (see Eq. 5),
a CR carrot (or the suprathermal tail of Cummings et al.
2016) would require a power injection comparable or even
larger than that already needed in order to account for the
whole observed CR spectrum (⇡ 1041 erg/s). The situation
is especially dramatic dramatic for electrons, given that the
observed CR power for them is ⇡ 1039 erg/s.

Note that 1041 erg/s roughly corresponds to 10% of the
total power of galactic supernova explosions. Since super-
nova remnants are considered the major source of Galactic
CRs (see e.g Blasi 2013), our result implies that the exis-
tence of a CR carrot would require either an unreasonably
large (in some cases even larger than 100 %) CR accelera-
tion e�ciency for known CR sources, either the existence of
another, much more powerful (and thus implausible), class
of sources.

Notice that this result is not expected to change with
di↵erent assumptions on the spectral shape of the low energy
component. In fact, the required power injection is minimum
for a proton (electron) carrot at 1 MeV(1 keV), as shown in
Fig. 1. Any choice of a broader spectrum in the range 1keV-
1MeV, able to predict the same ionization level in MCs, will
inevitably imply a larger power injection.

Moreover, this estimated power is a very conservative
lower limit. In fact here we assumed that the unknown CR
component is uniformly distributed in the whole Galactic
disk and inside clouds. However, CRs have to penetrate the
cloud. As illustrated by Phan et al. (2018), taking into ac-
count this e↵ect leads to a lower predicted level of ionization.
This can be easily seen if, for instance, we consider the aver-
age distance travelled by CR electrons and protons inside a
cloud before losing all their energy due to ionization losses,
that we estimate as:

Lloss(E) = v(E)⌧loss(E, nc), (8)

where

⌧loss,p(E, nc) ⇡
8>><
>>:

500
nc

yr for E in 1 keV-0.1 MeV

1.1 ⇥ 104 E4/3
MeV
nc

yr for E in 0.1-1 MeV

(9)

⌧loss,e(E, nc) ⇡ 105 EMeV

nc
yr for E in 1 keV-1 MeV

are approximate expressions for the CR ionization loss time
(Padovani et al. 2009; Phan et al. 2018) for CR electrons
and protons in a cloud of H2 density given by nc .

In Fig. 3 we compare this typical distance for CR elec-
trons and protons of energy in the range 1 KeV�1 MeV inside
a cloud of nc = 100 cm�3, with a typical cloud size Lc = 10

MNRAS 000, 1–5 (2018)
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to be representative of the whole CR spectrum in Galaxy. Several
possibilities have been put forward: (i) the possible presence of
MeV CR accelerators inside MCs (see e.g. Padovani et al. 2015,
2016); (ii) inhomogeneities in the distribution of low-energy CRs
in the Galaxy (see e.g. Cesarsky 1975; Gabici & Montmerle 2015;
Nobukawa et al. 2015, 2018); (iii) the existence of a still unknown
CR component emerging at energies below few MeV (the smallest
energy detected by Voyager 1). Such component, called carrot,
was first proposed by Meneguzzi, Audouze & Reeves (1971) to
explain the abundances of light elements, and has recently been
reconsidered by Cummings et al. (2016, who called it suprathermal
tail).

In this paper we focus on the carrot scenario and we analyse in
detail the implications of the possible presence of a CR population
at energies below few MeV. 1 In particular, we estimate the power
that has to be injected in low-energy CRs in order to keep in the
whole Galactic disc a population able to account for the observed
ionization rate in MCs. We do so by assuming that the carrot
component is uniformly distributed both inside clouds and in the
rest of the ISM. The power estimated in that way represents a
very conservative lower limit, since in a more realistic scenario
low-energy CRs present in the ISM penetrate the cloud and their
transport and energy losses in MCs have to be taken into account. As
shown by Phan et al. (2018), the ionization rate predicted in this case
would be smaller than in the simple scenario presented here. Here
we show that, due to the relatively short (!105 yr, see equation 5)
lifetime of sub MeV CRs in the ISM, in order to maintain a very
low energy and hidden CR component able to explain the observed
ionization rates, it would be necessary for the potential sources to
inject in the ISM a power comparable to or larger than that needed
to explain the whole observed CR spectrum. This result poses a
serious concern on the viability of a carrot scenario.

We also explore the implications of assuming that such compo-
nent be accelerated by the turbulent magnetic field in the ISM,
through second-order Fermi acceleration (see e.g. Osborne &
Ptuskin 1988; Jokipii 2001; Thornbury & Drury 2014; Drury &
Strong 2017). However, we show that in this case the level of
turbulence required at the scale resonant with CRs at the relevant
energies is much larger than the one usually accepted. This brings
additional support to the idea that a CR carrot at energies below the
smallest one detected by Voyager 1 fails to provide a solution to the
problem of the ionization rate in MCs.

2 POW E R R E QU I R E M E N T

Let us assume the presence of a CR (electron and/or proton)
component at a given energy Ẽ ! 3 MeV (energies smaller than
those detected by Voyager 1), uniformly distributed in the whole
Galactic disc, including the interior of MCs. For simplicity, we
assume that the distribution function of such component is

f (E) = Aδ(E − Ẽ), (1)

where A is a normalization constant that has to be determined.
We do so by imposing that the H2 ionization rate produced by

CRs (electrons or protons) with the distribution function given by
equation (1), equals the average value, ξ ≈ 4 × 10−16 s−1, detected
in diffuse clouds (see e.g. Indriolo, Fields & McCall 2009).

1We do not consider here the effect of the CR carrot on the production of
light elements. For a recent review of this topic see Tatischeff & Gabici
2018.

Such ionization rate can be computed, following the approach by
Padovani et al. (2009) and Phan et al. (2018), as

ξ p =
∫ EMax

I

fp(E)vp
[(

1 + φp(E)
)
σ p

ion(E) + σec(E)
]

dE , (2)

ξ e =
∫ EMax

I

fe(E)ve [1 + φe(E)] σ e
ion(E) dE. (3)

Here fp(e)(E) is the CR proton(electron) distribution function,
vp(e) is the incident CR velocity, σ p(e)

ion is ionization cross-section
and σ ec is the electron capture cross-section, φp(e) are the aver-
age secondary ionizations per primary ionization (Krause, Mor-
lino & Gabici 2015), I = 15.603 eV is the H2 ionization
potential.

Once determined the overall normalization of the carrot distribu-
tion function, the power needed in order to sustain such component
in the whole Galactic disc can be estimated as

P (Ẽ) = A(Ẽ)ẼVdisc

τloss(Ẽ)
. (4)

Here Vdisc is the disc volume (radius Rd ∼ 15 kpc, height hd ∼
300 pc) and

τloss,p(E) ≈ 6 E
4/3
keV yr for E in 1 keV–1 MeV

τloss,e(E) ≈ 3 × 102EkeV yr for E in 1 keV–1 MeV (5)

are the approximate expressions for the CR proton and electron
energy loss time in the Galactic disc. Such energy losses are
mainly due to ionization losses in the neutral phases of the ISM
and Coulomb losses in the ionized phases of the ISM (see e.g.
Schlickeiser et al. 2016).

The expressions of equation (5) are computed as

τloss(p,e)(E) = 1∑
i ri(p,e)fi

, (6)

where ri and fi are the loss rate and filling factor, respectively, for
the different phases of the ISM. The ISM is approximated as mainly
constituted by three phases (see e.g. Osterbrock & Bochkarev 1989):
(1) warm neutral medium (WNM), mostly made of neutral atomic
hydrogen (density ≈ 0.5 cm−3, volume filling factor ≈25 per cent,
temperature ≈8000 K); (2) warm ionized medium (WIM), mostly
made of ionized atomic hydrogen (density ≈ 0.5 cm−3, volume
filling factor ≈25 per cent, temperature ≈8000 K); (3) hot ionized
medium (HIM), mostly made of ionized atomic hydrogen (density
≈ 0.006 cm−3, volume filling factor ≈50 per cent, temperature
≈106 K).

In Fig. 1 we show the power estimated in equation (4) for
CR electron and proton energies in the range 1 KeV–1 MeV. We
compare it with the total power (see e.g. Strong et al. 2010)
injected by sources in the observed CR spectrum (≈1041 erg s−1)
and electron spectrum (≈1039 erg s−1). We also show an estimate of
the total power in CR protons needed to keep in the whole Galactic
disc the suprathermal tail invoked in Cummings et al. (2016)
as

PC−2016 =
∫ 1 MeV

1 KeV

4πJ (E)E
vp(E)

Vdisc

τloss,p(E)
dE ≈ 2 × 1042 erg s−1,

(7)

where J(E) is the CR proton flux of the suprathermal tail (see fig. 16
of Cummings et al. 2016).

Remarkably, the plot in Fig. 1 illustrates that, due to the short
lifetime of low-energy CRs in the ISM (see equation 5), a CR carrot
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to be representative of the whole CR spectrum in Galaxy. Several
possibilities have been put forward: (i) the possible presence of
MeV CR accelerators inside MCs (see e.g. Padovani et al. 2015,
2016); (ii) inhomogeneities in the distribution of low-energy CRs
in the Galaxy (see e.g. Cesarsky 1975; Gabici & Montmerle 2015;
Nobukawa et al. 2015, 2018); (iii) the existence of a still unknown
CR component emerging at energies below few MeV (the smallest
energy detected by Voyager 1). Such component, called carrot,
was first proposed by Meneguzzi, Audouze & Reeves (1971) to
explain the abundances of light elements, and has recently been
reconsidered by Cummings et al. (2016, who called it suprathermal
tail).

In this paper we focus on the carrot scenario and we analyse in
detail the implications of the possible presence of a CR population
at energies below few MeV. 1 In particular, we estimate the power
that has to be injected in low-energy CRs in order to keep in the
whole Galactic disc a population able to account for the observed
ionization rate in MCs. We do so by assuming that the carrot
component is uniformly distributed both inside clouds and in the
rest of the ISM. The power estimated in that way represents a
very conservative lower limit, since in a more realistic scenario
low-energy CRs present in the ISM penetrate the cloud and their
transport and energy losses in MCs have to be taken into account. As
shown by Phan et al. (2018), the ionization rate predicted in this case
would be smaller than in the simple scenario presented here. Here
we show that, due to the relatively short (!105 yr, see equation 5)
lifetime of sub MeV CRs in the ISM, in order to maintain a very
low energy and hidden CR component able to explain the observed
ionization rates, it would be necessary for the potential sources to
inject in the ISM a power comparable to or larger than that needed
to explain the whole observed CR spectrum. This result poses a
serious concern on the viability of a carrot scenario.

We also explore the implications of assuming that such compo-
nent be accelerated by the turbulent magnetic field in the ISM,
through second-order Fermi acceleration (see e.g. Osborne &
Ptuskin 1988; Jokipii 2001; Thornbury & Drury 2014; Drury &
Strong 2017). However, we show that in this case the level of
turbulence required at the scale resonant with CRs at the relevant
energies is much larger than the one usually accepted. This brings
additional support to the idea that a CR carrot at energies below the
smallest one detected by Voyager 1 fails to provide a solution to the
problem of the ionization rate in MCs.

2 POW E R R E QU I R E M E N T

Let us assume the presence of a CR (electron and/or proton)
component at a given energy Ẽ ! 3 MeV (energies smaller than
those detected by Voyager 1), uniformly distributed in the whole
Galactic disc, including the interior of MCs. For simplicity, we
assume that the distribution function of such component is

f (E) = Aδ(E − Ẽ), (1)

where A is a normalization constant that has to be determined.
We do so by imposing that the H2 ionization rate produced by

CRs (electrons or protons) with the distribution function given by
equation (1), equals the average value, ξ ≈ 4 × 10−16 s−1, detected
in diffuse clouds (see e.g. Indriolo, Fields & McCall 2009).

1We do not consider here the effect of the CR carrot on the production of
light elements. For a recent review of this topic see Tatischeff & Gabici
2018.

Such ionization rate can be computed, following the approach by
Padovani et al. (2009) and Phan et al. (2018), as

ξ p =
∫ EMax

I

fp(E)vp
[(

1 + φp(E)
)
σ p

ion(E) + σec(E)
]

dE , (2)

ξ e =
∫ EMax

I

fe(E)ve [1 + φe(E)] σ e
ion(E) dE. (3)

Here fp(e)(E) is the CR proton(electron) distribution function,
vp(e) is the incident CR velocity, σ p(e)

ion is ionization cross-section
and σ ec is the electron capture cross-section, φp(e) are the aver-
age secondary ionizations per primary ionization (Krause, Mor-
lino & Gabici 2015), I = 15.603 eV is the H2 ionization
potential.

Once determined the overall normalization of the carrot distribu-
tion function, the power needed in order to sustain such component
in the whole Galactic disc can be estimated as

P (Ẽ) = A(Ẽ)ẼVdisc

τloss(Ẽ)
. (4)

Here Vdisc is the disc volume (radius Rd ∼ 15 kpc, height hd ∼
300 pc) and

τloss,p(E) ≈ 6 E
4/3
keV yr for E in 1 keV–1 MeV

τloss,e(E) ≈ 3 × 102EkeV yr for E in 1 keV–1 MeV (5)

are the approximate expressions for the CR proton and electron
energy loss time in the Galactic disc. Such energy losses are
mainly due to ionization losses in the neutral phases of the ISM
and Coulomb losses in the ionized phases of the ISM (see e.g.
Schlickeiser et al. 2016).

The expressions of equation (5) are computed as

τloss(p,e)(E) = 1∑
i ri(p,e)fi

, (6)

where ri and fi are the loss rate and filling factor, respectively, for
the different phases of the ISM. The ISM is approximated as mainly
constituted by three phases (see e.g. Osterbrock & Bochkarev 1989):
(1) warm neutral medium (WNM), mostly made of neutral atomic
hydrogen (density ≈ 0.5 cm−3, volume filling factor ≈25 per cent,
temperature ≈8000 K); (2) warm ionized medium (WIM), mostly
made of ionized atomic hydrogen (density ≈ 0.5 cm−3, volume
filling factor ≈25 per cent, temperature ≈8000 K); (3) hot ionized
medium (HIM), mostly made of ionized atomic hydrogen (density
≈ 0.006 cm−3, volume filling factor ≈50 per cent, temperature
≈106 K).

In Fig. 1 we show the power estimated in equation (4) for
CR electron and proton energies in the range 1 KeV–1 MeV. We
compare it with the total power (see e.g. Strong et al. 2010)
injected by sources in the observed CR spectrum (≈1041 erg s−1)
and electron spectrum (≈1039 erg s−1). We also show an estimate of
the total power in CR protons needed to keep in the whole Galactic
disc the suprathermal tail invoked in Cummings et al. (2016)
as

PC−2016 =
∫ 1 MeV

1 KeV

4πJ (E)E
vp(E)

Vdisc

τloss,p(E)
dE ≈ 2 × 1042 erg s−1,

(7)

where J(E) is the CR proton flux of the suprathermal tail (see fig. 16
of Cummings et al. 2016).

Remarkably, the plot in Fig. 1 illustrates that, due to the short
lifetime of low-energy CRs in the ISM (see equation 5), a CR carrot
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explain the abundances of light elements, and has recently been
reconsidered by Cummings et al. (2016, who called it suprathermal
tail).

In this paper we focus on the carrot scenario and we analyse in
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rest of the ISM. The power estimated in that way represents a
very conservative lower limit, since in a more realistic scenario
low-energy CRs present in the ISM penetrate the cloud and their
transport and energy losses in MCs have to be taken into account. As
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2 POW E R R E QU I R E M E N T
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equation (1), equals the average value, ξ ≈ 4 × 10−16 s−1, detected
in diffuse clouds (see e.g. Indriolo, Fields & McCall 2009).
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light elements. For a recent review of this topic see Tatischeff & Gabici
2018.
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Here fp(e)(E) is the CR proton(electron) distribution function,
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ion is ionization cross-section
and σ ec is the electron capture cross-section, φp(e) are the aver-
age secondary ionizations per primary ionization (Krause, Mor-
lino & Gabici 2015), I = 15.603 eV is the H2 ionization
potential.

Once determined the overall normalization of the carrot distribu-
tion function, the power needed in order to sustain such component
in the whole Galactic disc can be estimated as

P (Ẽ) = A(Ẽ)ẼVdisc

τloss(Ẽ)
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Here Vdisc is the disc volume (radius Rd ∼ 15 kpc, height hd ∼
300 pc) and

τloss,p(E) ≈ 6 E
4/3
keV yr for E in 1 keV–1 MeV

τloss,e(E) ≈ 3 × 102EkeV yr for E in 1 keV–1 MeV (5)

are the approximate expressions for the CR proton and electron
energy loss time in the Galactic disc. Such energy losses are
mainly due to ionization losses in the neutral phases of the ISM
and Coulomb losses in the ionized phases of the ISM (see e.g.
Schlickeiser et al. 2016).

The expressions of equation (5) are computed as

τloss(p,e)(E) = 1∑
i ri(p,e)fi

, (6)

where ri and fi are the loss rate and filling factor, respectively, for
the different phases of the ISM. The ISM is approximated as mainly
constituted by three phases (see e.g. Osterbrock & Bochkarev 1989):
(1) warm neutral medium (WNM), mostly made of neutral atomic
hydrogen (density ≈ 0.5 cm−3, volume filling factor ≈25 per cent,
temperature ≈8000 K); (2) warm ionized medium (WIM), mostly
made of ionized atomic hydrogen (density ≈ 0.5 cm−3, volume
filling factor ≈25 per cent, temperature ≈8000 K); (3) hot ionized
medium (HIM), mostly made of ionized atomic hydrogen (density
≈ 0.006 cm−3, volume filling factor ≈50 per cent, temperature
≈106 K).

In Fig. 1 we show the power estimated in equation (4) for
CR electron and proton energies in the range 1 KeV–1 MeV. We
compare it with the total power (see e.g. Strong et al. 2010)
injected by sources in the observed CR spectrum (≈1041 erg s−1)
and electron spectrum (≈1039 erg s−1). We also show an estimate of
the total power in CR protons needed to keep in the whole Galactic
disc the suprathermal tail invoked in Cummings et al. (2016)
as

PC−2016 =
∫ 1 MeV

1 KeV

4πJ (E)E
vp(E)

Vdisc

τloss,p(E)
dE ≈ 2 × 1042 erg s−1,

(7)

where J(E) is the CR proton flux of the suprathermal tail (see fig. 16
of Cummings et al. 2016).

Remarkably, the plot in Fig. 1 illustrates that, due to the short
lifetime of low-energy CRs in the ISM (see equation 5), a CR carrot
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分⼦雲の中に未知の源があるのだろうか？

(Yang+14; Recchia+19)



分⼦雲の宇宙線電離率：
新しい測定法の提案 by VLT X-shooter 3

FIG. 1.— Predicted line brightness for CR, UV, and H2-formation pumping, as functions of z , assuming N22 = c = 1. For UV pumping, the strip includes
the four lines. For formation pumping it also encompass the three different formation models (see §3.2). The horizontal line is the X-shooter sensitivity for a
S/N = 3 over 8 hrs integration time (see §??).

where hµi ⌘ hcos(q)i ⇡ 0.8, sg ⌘ 1.9⇥ 10�21s̃ cm2 is the
dust absorption cross section over the LW band, per hydro-
gen nucleus, and s̃ is the cross-section in normalized units.
a ⌘ D0/(Rn) and G ⇡ 3.0 ⇥ 10�5[9.9/(1 + 8.9s̃)]0.37 is a
self-shielding factor (Sternberg et al. 2014; Bialy & Stern-
berg 2016). Eq. (7) assumes slab geometry, and irradiation by
isotropic UV field of strength c/2 on each of side of the slab.
For beamed irradiation, multiply aG by 2.

For densities n/c & 20 cm�2, aG . 3.2, and we may ex-
pand Eq. (7), giving NHI = aG/(2sg), and

Itot,(uv) '
P0G

8psg
Ē(uv) (8)

⇡ 9.6⇥10�7c erg cm�2 s�1 str�1 .

where in the second equality we used P0 = 9D0, D0 = 5.8⇥
10�11c and s̃ = 1. As long as c/n is not too large, the bright-
ness is independent of the density and the H2 formation rate,
and is proportional to the UV intensity, c .

Given Itot,(uv), the brightness in an individual line excited
by UV is Iul,(uv) = ful,(uv)Itot,(uv), where the relative emissions,
ful,(uv), are determined by the Einstein radiative decay coeffi-
cients. The ful,(uv) values are given in Table 1 based on S88.
They are of order 1%, and are much lower than the corre-
sponding values for CR pumping. This is because UV pump-
ing populates the levels through a cascade from electronic ex-
cited states, while for CR pumping, the levels are populated
by direct impact excitation. Fig. 2 shows the resulting line
brightness at c = 1, and N22 = 1. Evidently, CR pumping
dominates line emission for z�16 > 0.1� 0.2. More, gener-
ally, the ratio of emission arising from CR pumping relative

to UV pumping is

Iul,(cr)

Iul,(uv)
= 0.38

z�16

c

 
ful,(cr)

ful,(uv)

!
gN22 , (9)

and the critical z/c above which CR-pumping dominates is
✓

z�16

c

◆

c
= 2.7

 
ful,(cr)

ful,(uv)
gN22

!�1

. (10)

For N22 = 1 (g = 0.66), (z�16/c)c ⇡ 0.08 for O(2), and ⇡ 0.2
for Q(2), S(0), O(4).

3.2. Formation Pumping
For each H2 formed, a fraction of the binding energy is con-

verted into level excitation. It is useful to separate the line
emission by H2 formation pumping into a sum of two com-
ponents, Itot,(f) = Itot,(f,c) + Itot,(f,e), the contributions from the
molecular core in which H2 is destroyed by CRs, and from
the outer envelopes where UV photons destroy H2. Assuming
chemical steady state, the H2 formation is proportional to H2
destruction and we get

Itot,(f,c) =
1

4p
gNH2yz Ē(f) (11)

⇡ 1.7⇥10�7jEgN22yz�16 erg cm�2 s�1 str�1 ,

Itot,(f,e) =
D0G
8psg

Ē(f) (12)

⇡ 7.5⇥10�8jE cerg cm�2 s�1 str�1 ,

for the inner core, and the outer envelopes, respectively. Here
we defined jE ⌘ Ē(f)/(1.3eV), where Ē(f) ⇡ 1.3 eV corre-
sponds excitation of the v = 4 level, as suggested by experi-
mental experiments (Islam et al. 2010), and the factor y ⇡ 2

Bialy 2020
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FIG. 1.— Predicted line brightness for CR, UV, and H2-formation pumping, as functions of z , assuming N22 = c = 1. For UV pumping, the strip includes
the four lines. For formation pumping it also encompass the three different formation models (see §3.2). The horizontal line is the X-shooter sensitivity for a
S/N = 3 over 8 hrs integration time (see §??).

where hµi ⌘ hcos(q)i ⇡ 0.8, sg ⌘ 1.9⇥ 10�21s̃ cm2 is the
dust absorption cross section over the LW band, per hydro-
gen nucleus, and s̃ is the cross-section in normalized units.
a ⌘ D0/(Rn) and G ⇡ 3.0 ⇥ 10�5[9.9/(1 + 8.9s̃)]0.37 is a
self-shielding factor (Sternberg et al. 2014; Bialy & Stern-
berg 2016). Eq. (7) assumes slab geometry, and irradiation by
isotropic UV field of strength c/2 on each of side of the slab.
For beamed irradiation, multiply aG by 2.

For densities n/c & 20 cm�2, aG . 3.2, and we may ex-
pand Eq. (7), giving NHI = aG/(2sg), and

Itot,(uv) '
P0G

8psg
Ē(uv) (8)

⇡ 9.6⇥10�7c erg cm�2 s�1 str�1 .

where in the second equality we used P0 = 9D0, D0 = 5.8⇥
10�11c and s̃ = 1. As long as c/n is not too large, the bright-
ness is independent of the density and the H2 formation rate,
and is proportional to the UV intensity, c .

Given Itot,(uv), the brightness in an individual line excited
by UV is Iul,(uv) = ful,(uv)Itot,(uv), where the relative emissions,
ful,(uv), are determined by the Einstein radiative decay coeffi-
cients. The ful,(uv) values are given in Table 1 based on S88.
They are of order 1%, and are much lower than the corre-
sponding values for CR pumping. This is because UV pump-
ing populates the levels through a cascade from electronic ex-
cited states, while for CR pumping, the levels are populated
by direct impact excitation. Fig. 2 shows the resulting line
brightness at c = 1, and N22 = 1. Evidently, CR pumping
dominates line emission for z�16 > 0.1� 0.2. More, gener-
ally, the ratio of emission arising from CR pumping relative

to UV pumping is

Iul,(cr)

Iul,(uv)
= 0.38
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and the critical z/c above which CR-pumping dominates is
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For N22 = 1 (g = 0.66), (z�16/c)c ⇡ 0.08 for O(2), and ⇡ 0.2
for Q(2), S(0), O(4).

3.2. Formation Pumping
For each H2 formed, a fraction of the binding energy is con-

verted into level excitation. It is useful to separate the line
emission by H2 formation pumping into a sum of two com-
ponents, Itot,(f) = Itot,(f,c) + Itot,(f,e), the contributions from the
molecular core in which H2 is destroyed by CRs, and from
the outer envelopes where UV photons destroy H2. Assuming
chemical steady state, the H2 formation is proportional to H2
destruction and we get

Itot,(f,c) =
1

4p
gNH2yz Ē(f) (11)

⇡ 1.7⇥10�7jEgN22yz�16 erg cm�2 s�1 str�1 ,

Itot,(f,e) =
D0G
8psg

Ē(f) (12)

⇡ 7.5⇥10�8jE cerg cm�2 s�1 str�1 ,

for the inner core, and the outer envelopes, respectively. Here
we defined jE ⌘ Ē(f)/(1.3eV), where Ē(f) ⇡ 1.3 eV corre-
sponds excitation of the v = 4 level, as suggested by experi-
mental experiments (Islam et al. 2010), and the factor y ⇡ 2
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宇宙線電離率が⾼いことは
εCR > 1 eV/cc for ~GeV CRsを⽰唆する？

Ø 分⼦雲中で ~MeV CRsを作るのが必要なのか？
→具体的な天体・⽣成メカニズムは？

Ø SNが起源だと思って星形成率の増減で説明する？
→実際のところ，どれだけ⽣成されるのか？

Ø 分⼦雲の周りでの宇宙線の振る舞いは特殊？
→磁場が著しく乱れているといいのか？

Ø 分⼦雲の形成過程がヒント？
→ガスを掃き集めるときに宇宙線も集める？



Supernova Remnant (SNR)

SNR 0509-67.5 (Chandra & HST)
Blue: 1.5 – 7.0 keV
Green: 0.2 – 1.5 keV
Red: Ha

γ-ray: electron or proton?

X-ray: ~TeV CR electrons
Supernova ejecta 

Ha: useful tracer of shock 
condition & physics．

From Chandra archival image

SNR shock は起源の第⼀候補
である．



Supernova Remnant (SNR)
γ-ray: electron or proton?

From Chandra archival image

Inverse Compton pCR + pISM → π0 → 2γ
νFν d(log ν) ~ ν (3-p)/2 νFν d(log ν) ~ ν1-p

dFCR/dE ~ E-p e-E/Emax

ν2 F
ν

log ν

p = 2

Fν : photon energy flux
per frequency

Uniform nISM is assumed



Supernova Remnant (SNR)
γ-ray: electron or proton?

From Chandra archival image

Inverse Compton pCR + pISM → π0 → 2γ
νFν d(log ν) ~ ν (3-p)/2 νFν d(log ν) ~ ν1-p

dFCR/dE ~ E-p e-E/Emax

ν2 F
ν

log ν

p = 2

Fν : photon energy flux
per frequency

ガンマ線のスペクトルから…
1. 表⾯輝度から電⼦と陽⼦の総量が推定できる．
2. スペクトルの形から加速機構が制限される (スペク
トル指数 p & 最⾼エネルギー Emax)

Uniform nISM is assumed
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γ-ray: electron or proton?

From Chandra archival image
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Figure 3. Energy spectrum of RX J1713.7−3946 in gamma rays. Shown is
the Fermi-LAT-detected emission in combination with the energy spectrum
detected by H.E.S.S. (Aharonian et al. 2007). The green region shows the
uncertainty band obtained from our maximum likelihood fit of the spectrum of
RX J1713.7−3946 assuming a power law between 500 MeV and 400 GeV for the
default model of the region. The gray region depicts the systematic uncertainty
of this fit obtained by variation of the background and source models. The black
error bars correspond to independent fits of the flux of RX J1713.7−3946 in
the respective energy bands. Upper limits are set at a 95% confidence level.
Also shown are curves that cover the range of models proposed for this object.
These models have been generated to match the TeV emission and pre-date the
LAT detection. The top panel features predictions assuming that the gamma-
ray emission predominately originates from the interaction of protons with
interstellar gas (brown: Berezhko & Völk 2006; blue: Ellison & Vladimirov
2008; cyan (solid/dashed): Zirakashvili & Aharonian 2010). The bottom
panel features models where the bulk of the gamma-ray emission arises from
interactions of electrons with the interstellar radiation field (leptonic models).
(Brown: Porter et al. 2006; blue: Ellison & Vladimirov 2008; cyan: Zirakashvili
& Aharonian 2010.) See the text for a qualitative discussion of these models. It
should be noted that the publication of the latest H.E.S.S. spectrum (Aharonian
et al. 2007) contains a mismatch between Table 5 and Figure 4 by a factor of
0.85 (Figure 4 is correct, the table values have to be multiplied by 0.85 to get the
correct values). Some of the mismatch between model curves (e.g., Zirakashvili
& Aharonian 2010) and the H.E.S.S. data might be due to this discrepancy.
(A color version of this figure is available in the online journal.)

in the collaboration for source analysis for the 2FGL catalog
(refined with 24 months of data and with finer gas maps), and

(5) replacing the standard diffuse model by a model based on
the GALPROP code68 used in the Fermi-LAT analysis of the
isotropic diffuse emission. The GALPROP model is described
in Abdo et al. (2010c). For (5), i.e., the GALPROP-based model,
we considered the various components of the diffuse emission
model separately for which we then individually fit the normal-
izations in our likelihood analysis. The components are gamma
rays produced by IC emission, gamma rays produced by in-
teractions of CRs with atomic and ionized interstellar gas, and
gamma rays produced in the interactions of CRs with molecular
gas. The model component describing the gamma-ray intensity
from interactions with molecular gas is further subdivided into
seven ranges of Galactocentric distance to accommodate local-
ized variations of the CR and molecular gas density along the
line of sight which are not accounted for in the model.

The same model of the isotropic component was used for
all model variations (1)–(5). From model variations (1)–(5), we
obtain a systematic uncertainty of +0.08/−0.10 for the spec-
tral index of RX J1713.7−3946 and a systematic uncertainty
of (+0.6/−0.7)×10−9 cm−2 s−1 for the flux above 1 GeV on
top of the statistical uncertainty. The systematic uncertainty of
the derived flux and spectral index related to the uncertainty
in the LAT effective area was evaluated separately. The uncer-
tainty of the LAT effective area—estimated from observations
of Vela (Abdo et al. 2009b) and the Earth albedo (Abdo et al.
2009a)—ranges from 10% at 500 MeV to 20% at !10 GeV.
The impact on the spectral parameters of RX J1713.7−3946 is
a systematic uncertainty of ±0.05 for the spectral index and a
systematic uncertainty of ±0.4 for the flux above 1 GeV. The
gray band in Figure 3 displays the superposition of all uncer-
tainty bands obtained in our variations of the default model.
Figure 4 depicts the model variation (2) resulting in the softest
spectrum together with the fluxes in individual energy bands
(black error bars) derived for model (2) using the same pro-
cedure as for the default model described above. The range of
systematic uncertainty is particularly important to consider for
comparisons of the spectrum to pion-decay-dominated gamma-
ray emission models which are generally expected to be softer
than IC-dominated gamma-ray emission models.

3. DISCUSSION

The positional coincidence between the extended gamma-
ray emission detected by the Fermi-LAT at the position of
RX J1713.7−3946 strongly suggests a physical association
between the GeV gamma-ray emission and this young SNR.
In addition, the region of brightest LAT gamma-ray emission
coincides with the northwestern part of the SNR. From CO
(J = 1–0) observations, Fukui et al. (2003) and Moriguchi et al.
(2005) suggested that this part of the SNR is undergoing com-
plex interactions between the SN shock wave and a molecular
cloud. This part is also the brightest region in non-thermal X-
rays and in TeV gamma rays. The match between the locations
of brightest emission suggests that the GeV emission is also
generated by the population of relativistic particles responsible
for the TeV gamma-ray and non-thermal X-ray emission.

The origin of the TeV gamma-ray emission from
RX J1713.7−3946 has been a matter of active debate (see
Zirakashvili & Aharonian 2010, and references therein). There
are two competing processes potentially responsible for the

68 GALPROP is a software package for calculating the diffuse Galactic
gamma-ray emission based on a model of cosmic-ray propagation in the
Galaxy. See http://galprop.stanford.edu/ for details and references.

7

RX J1713.7-3946 の観測例

“電⼦” が⽀配的な形をしている.
→陽⼦は加速してない？？？

pCR + pISM → π0 → 2γ

ターゲットのガス密度が空間構造
を持つ場合，電⼦の場合と似た形
になり得ることが知られている
(Inoue+12; Inoue 19).

Abdo+2011
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Figure 3. Energy spectrum of RX J1713.7−3946 in gamma rays. Shown is
the Fermi-LAT-detected emission in combination with the energy spectrum
detected by H.E.S.S. (Aharonian et al. 2007). The green region shows the
uncertainty band obtained from our maximum likelihood fit of the spectrum of
RX J1713.7−3946 assuming a power law between 500 MeV and 400 GeV for the
default model of the region. The gray region depicts the systematic uncertainty
of this fit obtained by variation of the background and source models. The black
error bars correspond to independent fits of the flux of RX J1713.7−3946 in
the respective energy bands. Upper limits are set at a 95% confidence level.
Also shown are curves that cover the range of models proposed for this object.
These models have been generated to match the TeV emission and pre-date the
LAT detection. The top panel features predictions assuming that the gamma-
ray emission predominately originates from the interaction of protons with
interstellar gas (brown: Berezhko & Völk 2006; blue: Ellison & Vladimirov
2008; cyan (solid/dashed): Zirakashvili & Aharonian 2010). The bottom
panel features models where the bulk of the gamma-ray emission arises from
interactions of electrons with the interstellar radiation field (leptonic models).
(Brown: Porter et al. 2006; blue: Ellison & Vladimirov 2008; cyan: Zirakashvili
& Aharonian 2010.) See the text for a qualitative discussion of these models. It
should be noted that the publication of the latest H.E.S.S. spectrum (Aharonian
et al. 2007) contains a mismatch between Table 5 and Figure 4 by a factor of
0.85 (Figure 4 is correct, the table values have to be multiplied by 0.85 to get the
correct values). Some of the mismatch between model curves (e.g., Zirakashvili
& Aharonian 2010) and the H.E.S.S. data might be due to this discrepancy.
(A color version of this figure is available in the online journal.)

in the collaboration for source analysis for the 2FGL catalog
(refined with 24 months of data and with finer gas maps), and

(5) replacing the standard diffuse model by a model based on
the GALPROP code68 used in the Fermi-LAT analysis of the
isotropic diffuse emission. The GALPROP model is described
in Abdo et al. (2010c). For (5), i.e., the GALPROP-based model,
we considered the various components of the diffuse emission
model separately for which we then individually fit the normal-
izations in our likelihood analysis. The components are gamma
rays produced by IC emission, gamma rays produced by in-
teractions of CRs with atomic and ionized interstellar gas, and
gamma rays produced in the interactions of CRs with molecular
gas. The model component describing the gamma-ray intensity
from interactions with molecular gas is further subdivided into
seven ranges of Galactocentric distance to accommodate local-
ized variations of the CR and molecular gas density along the
line of sight which are not accounted for in the model.

The same model of the isotropic component was used for
all model variations (1)–(5). From model variations (1)–(5), we
obtain a systematic uncertainty of +0.08/−0.10 for the spec-
tral index of RX J1713.7−3946 and a systematic uncertainty
of (+0.6/−0.7)×10−9 cm−2 s−1 for the flux above 1 GeV on
top of the statistical uncertainty. The systematic uncertainty of
the derived flux and spectral index related to the uncertainty
in the LAT effective area was evaluated separately. The uncer-
tainty of the LAT effective area—estimated from observations
of Vela (Abdo et al. 2009b) and the Earth albedo (Abdo et al.
2009a)—ranges from 10% at 500 MeV to 20% at !10 GeV.
The impact on the spectral parameters of RX J1713.7−3946 is
a systematic uncertainty of ±0.05 for the spectral index and a
systematic uncertainty of ±0.4 for the flux above 1 GeV. The
gray band in Figure 3 displays the superposition of all uncer-
tainty bands obtained in our variations of the default model.
Figure 4 depicts the model variation (2) resulting in the softest
spectrum together with the fluxes in individual energy bands
(black error bars) derived for model (2) using the same pro-
cedure as for the default model described above. The range of
systematic uncertainty is particularly important to consider for
comparisons of the spectrum to pion-decay-dominated gamma-
ray emission models which are generally expected to be softer
than IC-dominated gamma-ray emission models.

3. DISCUSSION

The positional coincidence between the extended gamma-
ray emission detected by the Fermi-LAT at the position of
RX J1713.7−3946 strongly suggests a physical association
between the GeV gamma-ray emission and this young SNR.
In addition, the region of brightest LAT gamma-ray emission
coincides with the northwestern part of the SNR. From CO
(J = 1–0) observations, Fukui et al. (2003) and Moriguchi et al.
(2005) suggested that this part of the SNR is undergoing com-
plex interactions between the SN shock wave and a molecular
cloud. This part is also the brightest region in non-thermal X-
rays and in TeV gamma rays. The match between the locations
of brightest emission suggests that the GeV emission is also
generated by the population of relativistic particles responsible
for the TeV gamma-ray and non-thermal X-ray emission.

The origin of the TeV gamma-ray emission from
RX J1713.7−3946 has been a matter of active debate (see
Zirakashvili & Aharonian 2010, and references therein). There
are two competing processes potentially responsible for the

68 GALPROP is a software package for calculating the diffuse Galactic
gamma-ray emission based on a model of cosmic-ray propagation in the
Galaxy. See http://galprop.stanford.edu/ for details and references.
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RX J1713.7-3946 というSNRの観測例

“電⼦” が⽀配的な形をしている.
→陽⼦は加速してない？？？

pCR + pISM → π0 → 2γ

ターゲットのガス密度が空間構造
を持つ場合，電⼦の場合と似た形
になり得ることが知られている
(Inoue+12; Inoue 19).

Abdo+2011 ”形”はガス密度の空間構造にも依
存する．
→加速機構の制限には不定性が存
在する．



Supernova Remnant (SNR)
γ-ray: electron or proton?

pCR + pISM → π0 → 2γ

Lν,π0 ~ Fν×4πd2 ~ 0.1 εCR V nISM σc
Ø 表⾯輝度

”正確な” 距離 dと密度 nISMが必要だが…
e.g.) RX J1713.7-3946
1. Caswell et al. 1975 : d ~ 10 kpc (HI absorption)
2. Fukui et al. 2003:      d ~ 1 kpc (CO emission)
3. Wang et al. 2020:     d ~ 5 kpc (red crump stars)

(arXiv2005.08270)
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Figure 3. Energy spectrum of RX J1713.7−3946 in gamma rays. Shown is
the Fermi-LAT-detected emission in combination with the energy spectrum
detected by H.E.S.S. (Aharonian et al. 2007). The green region shows the
uncertainty band obtained from our maximum likelihood fit of the spectrum of
RX J1713.7−3946 assuming a power law between 500 MeV and 400 GeV for the
default model of the region. The gray region depicts the systematic uncertainty
of this fit obtained by variation of the background and source models. The black
error bars correspond to independent fits of the flux of RX J1713.7−3946 in
the respective energy bands. Upper limits are set at a 95% confidence level.
Also shown are curves that cover the range of models proposed for this object.
These models have been generated to match the TeV emission and pre-date the
LAT detection. The top panel features predictions assuming that the gamma-
ray emission predominately originates from the interaction of protons with
interstellar gas (brown: Berezhko & Völk 2006; blue: Ellison & Vladimirov
2008; cyan (solid/dashed): Zirakashvili & Aharonian 2010). The bottom
panel features models where the bulk of the gamma-ray emission arises from
interactions of electrons with the interstellar radiation field (leptonic models).
(Brown: Porter et al. 2006; blue: Ellison & Vladimirov 2008; cyan: Zirakashvili
& Aharonian 2010.) See the text for a qualitative discussion of these models. It
should be noted that the publication of the latest H.E.S.S. spectrum (Aharonian
et al. 2007) contains a mismatch between Table 5 and Figure 4 by a factor of
0.85 (Figure 4 is correct, the table values have to be multiplied by 0.85 to get the
correct values). Some of the mismatch between model curves (e.g., Zirakashvili
& Aharonian 2010) and the H.E.S.S. data might be due to this discrepancy.
(A color version of this figure is available in the online journal.)

in the collaboration for source analysis for the 2FGL catalog
(refined with 24 months of data and with finer gas maps), and

(5) replacing the standard diffuse model by a model based on
the GALPROP code68 used in the Fermi-LAT analysis of the
isotropic diffuse emission. The GALPROP model is described
in Abdo et al. (2010c). For (5), i.e., the GALPROP-based model,
we considered the various components of the diffuse emission
model separately for which we then individually fit the normal-
izations in our likelihood analysis. The components are gamma
rays produced by IC emission, gamma rays produced by in-
teractions of CRs with atomic and ionized interstellar gas, and
gamma rays produced in the interactions of CRs with molecular
gas. The model component describing the gamma-ray intensity
from interactions with molecular gas is further subdivided into
seven ranges of Galactocentric distance to accommodate local-
ized variations of the CR and molecular gas density along the
line of sight which are not accounted for in the model.

The same model of the isotropic component was used for
all model variations (1)–(5). From model variations (1)–(5), we
obtain a systematic uncertainty of +0.08/−0.10 for the spec-
tral index of RX J1713.7−3946 and a systematic uncertainty
of (+0.6/−0.7)×10−9 cm−2 s−1 for the flux above 1 GeV on
top of the statistical uncertainty. The systematic uncertainty of
the derived flux and spectral index related to the uncertainty
in the LAT effective area was evaluated separately. The uncer-
tainty of the LAT effective area—estimated from observations
of Vela (Abdo et al. 2009b) and the Earth albedo (Abdo et al.
2009a)—ranges from 10% at 500 MeV to 20% at !10 GeV.
The impact on the spectral parameters of RX J1713.7−3946 is
a systematic uncertainty of ±0.05 for the spectral index and a
systematic uncertainty of ±0.4 for the flux above 1 GeV. The
gray band in Figure 3 displays the superposition of all uncer-
tainty bands obtained in our variations of the default model.
Figure 4 depicts the model variation (2) resulting in the softest
spectrum together with the fluxes in individual energy bands
(black error bars) derived for model (2) using the same pro-
cedure as for the default model described above. The range of
systematic uncertainty is particularly important to consider for
comparisons of the spectrum to pion-decay-dominated gamma-
ray emission models which are generally expected to be softer
than IC-dominated gamma-ray emission models.

3. DISCUSSION

The positional coincidence between the extended gamma-
ray emission detected by the Fermi-LAT at the position of
RX J1713.7−3946 strongly suggests a physical association
between the GeV gamma-ray emission and this young SNR.
In addition, the region of brightest LAT gamma-ray emission
coincides with the northwestern part of the SNR. From CO
(J = 1–0) observations, Fukui et al. (2003) and Moriguchi et al.
(2005) suggested that this part of the SNR is undergoing com-
plex interactions between the SN shock wave and a molecular
cloud. This part is also the brightest region in non-thermal X-
rays and in TeV gamma rays. The match between the locations
of brightest emission suggests that the GeV emission is also
generated by the population of relativistic particles responsible
for the TeV gamma-ray and non-thermal X-ray emission.

The origin of the TeV gamma-ray emission from
RX J1713.7−3946 has been a matter of active debate (see
Zirakashvili & Aharonian 2010, and references therein). There
are two competing processes potentially responsible for the

68 GALPROP is a software package for calculating the diffuse Galactic
gamma-ray emission based on a model of cosmic-ray propagation in the
Galaxy. See http://galprop.stanford.edu/ for details and references.
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RX J1713.7-3946 の観測例
(one of the brightest SNR?)

Abdo+2011

εCR V < 0.3 × 1051 erg
(nISM/ 0.1 cm-3)-1 (d / 1 kpc)2 

For ~ GeV CRs (Abdo+11)

※Proton origin is assumed.
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宇宙物理学での宇宙線の例
1.   ISMのエネルギー平衡 (太陽近傍)

CR ~ turbulence ~ B-field ~ thermal ~ 1 eV/cc
→ガスの運動に影響を与える: 

e.g. 銀河⾵の駆動源 (Breitschwerdt+ 1991)

2. 分⼦雲の電離源
電離ガスは磁場と結合している．

磁場はプラズマ状態に依存して散逸する．

→ 星形成中の磁束と⾓運動量の再分配 (cf. Inutsuka 2012).

宇宙線の起源は？
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宇宙物理学での宇宙線の例
1.   ISMのエネルギー平衡 (太陽近傍)

CR ~ turbulence ~ B-field ~ thermal ~ 1 eV/cc
→ガスの運動に影響を与える: 

e.g. 銀河⾵の駆動源 (Breitschwerdt+ 1991)

2. 分⼦雲の電離源
電離ガスは磁場と結合している．

磁場はプラズマ状態に依存して散逸する．

→ 星形成中の磁束と⾓運動量の再分配 (cf. Inutsuka 2012).

宇宙線の起源は？

Ø εCR ~1 eV cm-3 ( ~GeV CRsが担う)
Supernova が最有⼒“候補“.

分⼦雲の電離度は星形成率で説明できるのか？
CR ~ turbulence ~ B-field ~ thermal ~ 1 eV/cc
は銀河(ISM)のどこでも成り⽴つのか？

Ø SNRの先⾏研究
宇宙線の⽣成率と加速機構は未解明．

SNRでの加速機構を解明するための提案：
Hαの偏光観測が重要である.

Cf. Shimoda et al. 2018
Shimoda & Laming 2019 a, b
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Diffusive Shock Acceleration; DSA
Assumption：
① ”無衝突衝撃波”である．

②衝撃波を往復する⾼エネ

ルギー粒⼦が存在する．

衝撃波面
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u2u0
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DSAの模式図

磁気擾乱Alfven wave

“power-law”分布を
予⾔する．

p = 1 + 3u2 / (u0-u2)

dFCR/dE ~ E-p e-E/Emax

p 背景の衝撃波構造 ( u0(r) & u2(r) ) は宇宙線の反作⽤
効果によって変調する (e.g. Drury & Volk 81; Drury & 
Falle 86)．

p そのような反作⽤効果の証拠は⾒つ
かっていない．

p 宇宙線がどれだけ加速されるかと，どのように振る
舞うか（≒拡散係数）を決めることが，宇宙線加速
研究の最重要課題の⼀つである．



宇宙線と衝撃波構造
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z

downup

宇宙線なしの時

の衝撃波構造

(流体⼒学)

宇宙線が加速さ
れると？
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no CR

p

宇宙線がプラズマ
波動を励起し，上
流は加熱される．

より多くの宇宙
線が加速される
と？
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宇宙線と衝撃波構造
no CR

shock (z=0)
z

CR

宇宙線圧⼒が⼤きく
なり，上流の流れを
押し返す．→減速

with CR
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downup
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p = 1 + 3u2 / (u0-u2)

宇宙線スペクトル
は宇宙線⾃⾝が決
める！

p Cosmic Ray Modified Shock (CRMS)という．
p 上流の “加熱” precursorは光電離でも起
きる (e.g. Ghavamian+00, Medina+14).

p 「速度変化」を確認してCRMSの証拠を
捉えたい．
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Figure 2. Radial dependencies of the gas density (thick solid line), the gas
velocity (dotted line), the CR pressure (thick dashed line), the gas pressure
(dashed line), and the electron temperature (thin solid line) at t = 1620 yr. The
calculations result in the following parameters in the present epoch: the forward
shock velocity 2760 km s−1, its radius 10.5 pc, the magnetic field strength
downstream of the forward shock 127 µG. In the same figure we show the
positions of the forward and reverse shocks, (FS and RS, respectively) and the
contact discontinuity (CD).

comparable to the ejecta mass at t > 100 yr and when the
transition to the Sedov phase begins. It is important that the
observable ratio Rb/Rf ∼ 0.5 is achieved at the Sedov phase
when the FS speed is close to 1/3 of the characteristic ejecta
speed Vej. Since the synchrotron X-ray emission of SNR RX
J1713.7−3946 extends well beyond 1 keV, the present FS speed
cannot be significantly less than 3 × 103 km s−1. Therefore,
the characteristic velocity of the ejecta cannot be smaller than
104 km s−1. Such high velocities may be attributed to Ib/c
and IIb core collapse supernovae with low ejecta masses, but
not to the most frequent core collapse IIP supernovae with
characteristic ejecta velocities 3 × 103–4 × 103 km s−1 and
high ejecta masses.

Radial dependencies of several key parameters at the present
epoch t = 1620 yr are shown in Figure 2. In the same
figure, we show the positions of the CD, the FS and the RS.
The CD between the ejecta and the interstellar gas is located
at r = Rc = 7.8 pc. The RS in the ejecta is situated at
r = Rb = 5.5 pc. At the Sedov stage, the RS moves in
the negative direction and reaches the center three thousand
years after the supernova explosion. It should be noted that our
one-dimensional calculations cannot adequately describe the
development of the Rayleigh–Taylor instability of the CD. In
real situations, the supernova ejecta and the circumstellar gas
are mixed by turbulent motions in this region (see, e.g., MHD
modeling of Jun & Norman 1996).

In SNRs, the plasma is heated to keV temperatures. The ther-
mal X-ray emission is determined by the electron temperature.
In young SNRs, thermal electrons are not in equilibrium with
protons if the temperature equilibration proceeds through the
minimum available electron heating, i.e., through Coulomb col-
lisions (Spitzer 1968). The evolution of electron temperature Te
is described by the following equation

∂Te

∂t
= −u

∂Te

∂r
− 2Te

3r2

∂r2u

∂r
+ Pg

8
√

2q4

3mem

(
me

Te

)3/2

λep, (10)

where λep ∼ 30 is the Coulomb logarithm. The corresponding
temperature is also shown in Figure 2.
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f

p/mc

p

p

e

e

0.01 1 100 104 106

0.001

0.01

0.1

1

Figure 3. Energy distributions of accelerated protons (thick lines) and electrons
(multiplied to the factor of 5000; thin lines) at the epoch t = 1620 yr. The
spectra at both the forward shock (solid lines) and at the reverse shock (dashed
lines) are shown.
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f

p/mc

e

p

e

p

0.01 1 100 104 106

0.001

0.01

0.1

1

Figure 4. Energy distributions of accelerated protons (thick lines) and electrons
(multiplied to the factor of 5000; thin lines) at t = 100 yr. Spectra at both the
forward shock (solid lines) and the reverse shock (dashed lines) are shown.

Spectra of accelerated protons and electrons are shown in
Figure 3. At the present epoch, the maximum energy of protons
accelerated in this SNR is about 140 TeV, while higher energy
particles have already left the remnant. The spectra of both
electrons and protons at the RS show significant bumps just
before the cutoffs. Because the RS presently moves in the
rarefied medium of the ejecta, the amount of freshly injected
low-energy particles is relatively small, while many high-energy
particles accelerated earlier have not left the RS yet, and
continue to be accelerated.

The spectra for an early epoch, t = 100 yr, are shown in
Figure 4. Since the shock speed was Vf = 1.3 × 104 km s−1,
the maximum energy of particles was also higher. For the FS, it
is about 650 TeV.

Spatially integrated proton and electron spectra at the present
epoch t = 1620 yr are shown in Figure 5. We also show the
spectrum of runaway particles. These particles have already
left the simulation domain through an absorbing boundary at
r = 2Rf . The sum of the proton spectra shown is the total
CR spectrum produced in this SNR over the last 1620 years
after SN explosion. For this SNR, the spectrum of CR protons
have a maximum at 800 TeV. This is somewhat smaller than the
required value to explain the knee in the CR spectrum.
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Figure 2. Radial dependencies of the gas density (thick solid line), the gas
velocity (dotted line), the CR pressure (thick dashed line), the gas pressure
(dashed line), and the electron temperature (thin solid line) at t = 1620 yr. The
calculations result in the following parameters in the present epoch: the forward
shock velocity 2760 km s−1, its radius 10.5 pc, the magnetic field strength
downstream of the forward shock 127 µG. In the same figure we show the
positions of the forward and reverse shocks, (FS and RS, respectively) and the
contact discontinuity (CD).

comparable to the ejecta mass at t > 100 yr and when the
transition to the Sedov phase begins. It is important that the
observable ratio Rb/Rf ∼ 0.5 is achieved at the Sedov phase
when the FS speed is close to 1/3 of the characteristic ejecta
speed Vej. Since the synchrotron X-ray emission of SNR RX
J1713.7−3946 extends well beyond 1 keV, the present FS speed
cannot be significantly less than 3 × 103 km s−1. Therefore,
the characteristic velocity of the ejecta cannot be smaller than
104 km s−1. Such high velocities may be attributed to Ib/c
and IIb core collapse supernovae with low ejecta masses, but
not to the most frequent core collapse IIP supernovae with
characteristic ejecta velocities 3 × 103–4 × 103 km s−1 and
high ejecta masses.

Radial dependencies of several key parameters at the present
epoch t = 1620 yr are shown in Figure 2. In the same
figure, we show the positions of the CD, the FS and the RS.
The CD between the ejecta and the interstellar gas is located
at r = Rc = 7.8 pc. The RS in the ejecta is situated at
r = Rb = 5.5 pc. At the Sedov stage, the RS moves in
the negative direction and reaches the center three thousand
years after the supernova explosion. It should be noted that our
one-dimensional calculations cannot adequately describe the
development of the Rayleigh–Taylor instability of the CD. In
real situations, the supernova ejecta and the circumstellar gas
are mixed by turbulent motions in this region (see, e.g., MHD
modeling of Jun & Norman 1996).

In SNRs, the plasma is heated to keV temperatures. The ther-
mal X-ray emission is determined by the electron temperature.
In young SNRs, thermal electrons are not in equilibrium with
protons if the temperature equilibration proceeds through the
minimum available electron heating, i.e., through Coulomb col-
lisions (Spitzer 1968). The evolution of electron temperature Te
is described by the following equation

∂Te
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where λep ∼ 30 is the Coulomb logarithm. The corresponding
temperature is also shown in Figure 2.
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Figure 3. Energy distributions of accelerated protons (thick lines) and electrons
(multiplied to the factor of 5000; thin lines) at the epoch t = 1620 yr. The
spectra at both the forward shock (solid lines) and at the reverse shock (dashed
lines) are shown.
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Figure 4. Energy distributions of accelerated protons (thick lines) and electrons
(multiplied to the factor of 5000; thin lines) at t = 100 yr. Spectra at both the
forward shock (solid lines) and the reverse shock (dashed lines) are shown.

Spectra of accelerated protons and electrons are shown in
Figure 3. At the present epoch, the maximum energy of protons
accelerated in this SNR is about 140 TeV, while higher energy
particles have already left the remnant. The spectra of both
electrons and protons at the RS show significant bumps just
before the cutoffs. Because the RS presently moves in the
rarefied medium of the ejecta, the amount of freshly injected
low-energy particles is relatively small, while many high-energy
particles accelerated earlier have not left the RS yet, and
continue to be accelerated.

The spectra for an early epoch, t = 100 yr, are shown in
Figure 4. Since the shock speed was Vf = 1.3 × 104 km s−1,
the maximum energy of particles was also higher. For the FS, it
is about 650 TeV.

Spatially integrated proton and electron spectra at the present
epoch t = 1620 yr are shown in Figure 5. We also show the
spectrum of runaway particles. These particles have already
left the simulation domain through an absorbing boundary at
r = 2Rf . The sum of the proton spectra shown is the total
CR spectrum produced in this SNR over the last 1620 years
after SN explosion. For this SNR, the spectrum of CR protons
have a maximum at 800 TeV. This is somewhat smaller than the
required value to explain the knee in the CR spectrum.
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Figure 6. Results of modeling of nonthermal radiation of RX J1713.7−3946 within the hadronic scenario of gamma-ray production. The following basic parameters
are used: t = 1620 yr, D = 1.2 kpc, nH = 0.09 cm−3, ESN = 2.7 × 1051 erg, Mej = 1.5 M⊙, M

f
A = Mb

A = 23, ξ0 = 0.05, the electron-to-proton ratios at the
forward and reverse shocks, K

f
ep = 10−4 and Kb

ep = 1.4 × 10−3. The calculations lead to the following values of the magnetic fields and the shock speeds at the
present epoch: the magnetic field downstream of the forward and reverse shocks Bf = 127 µG and Bb = 21 µG, respectively, the speed of the forward shock Vf =
2760 km s−1, the speed of the reverse shock Vb = −1470 km s−1. The following radiation processes are taken into account: synchrotron radiation of accelerated
electrons (solid curve on the left), IC emission (dashed line), gamma-ray emission from pion decay (solid line on the right), thermal bremsstrahlung (dotted line).
The input of the reverse shock is shown by the corresponding thin lines. Experimental data in gamma-ray (HESS; Aharonian et al. 2007a) and X-ray bands (Suzaku;
Tanaka et al. 2008), as well as the radio flux 22 ± 2 Jy at 1.4 GHz (ATCA; Acero al. 2009) from the whole remnant are also shown.
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Figure 7. Same as in Figure 6, but for the supernova shock propagating in the medium with r2 density profile, assuming the following parameters t = 1620 yr, D =
1.3 kpc, ESN = 2.5 × 1051 erg, Mej = 1.4 M⊙, M

f
A = Mb

A = 23, ξ0 = 0.05, K
f
ep = 1.5 × 10−4, and Kb

ep = 4.4 × 10−4. The undisturbed hydrogen number density
at the present shock position is nH = 0.12 cm−3. The calculations lead to the following values of the magnetic fields and the shock speeds at the present epoch: the
magnetic field downstream of the forward and reverse shocks Bf = 131 µG and Bb = 28 µG, respectively, the speed of the forward shock Vf = 2260 km s−1, and
the speed of the reverse shock Vb = −3010 km s−1.

CRs will be low and the same will be true for the amplified
magnetic field. Such a situation is possible, in particular, for
a perpendicular SNR shock propagating in the medium with
an azimuthal magnetic field. In this case, we use a very small
injection parameter ηf = 10−5 at the FS and the standard value
ηb = 10−2 for the injection parameter at the RS. Thus, in this
scenario we deal with non-modified FS and modified RS. Since,
under these assumption, the electron-to-proton ratio Kep is close
to the observed ratio for galactic CRs, 0.01 at 10 GeV, the
electron injection was taken to be independent on the shock
velocity. We also use a higher value M

f
A = 69 for the FS, and

adopt the distance D = 1.5 kpc that is close to an upper limit
according to Cassam-Chenaı̈ et al. (2004) and Fukui (2008).

We should note that the shock speed is one of the key
parameters in order to achieve the good fit. The shock speed
is related with a remnant size at given age of the remnant. This
explains a slight difference of the assumed value of distances.

The results are shown in Figure 8. The magnetic fields at the
RS and the FS are comparable in this case. The energy of CRs
is only 10% of the explosion energy. The CR pressure at the FS
is only 2% of the ram pressure ρ0Ṙ

2
f . The particles are mainly

accelerated at the RS. The maximum energies are 55 TeV and
36 TeV for protons and electrons, respectively. The RS produces
16 % of X-ray emission.

For completeness, we also consider the case when both FS and
RS are not modified. The injection efficiency ηb = ηf = 10−5

Ø Zirakashvili & Aharonian 2010
先⾏研究のガンマ線スペクト

ルの解釈では，宇宙線圧⼒が

⾮常に⼤きい場合を考えてい

る．

For RX J1713.7-3946
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Figure 2. Radial dependencies of the gas density (thick solid line), the gas
velocity (dotted line), the CR pressure (thick dashed line), the gas pressure
(dashed line), and the electron temperature (thin solid line) at t = 1620 yr. The
calculations result in the following parameters in the present epoch: the forward
shock velocity 2760 km s−1, its radius 10.5 pc, the magnetic field strength
downstream of the forward shock 127 µG. In the same figure we show the
positions of the forward and reverse shocks, (FS and RS, respectively) and the
contact discontinuity (CD).

comparable to the ejecta mass at t > 100 yr and when the
transition to the Sedov phase begins. It is important that the
observable ratio Rb/Rf ∼ 0.5 is achieved at the Sedov phase
when the FS speed is close to 1/3 of the characteristic ejecta
speed Vej. Since the synchrotron X-ray emission of SNR RX
J1713.7−3946 extends well beyond 1 keV, the present FS speed
cannot be significantly less than 3 × 103 km s−1. Therefore,
the characteristic velocity of the ejecta cannot be smaller than
104 km s−1. Such high velocities may be attributed to Ib/c
and IIb core collapse supernovae with low ejecta masses, but
not to the most frequent core collapse IIP supernovae with
characteristic ejecta velocities 3 × 103–4 × 103 km s−1 and
high ejecta masses.

Radial dependencies of several key parameters at the present
epoch t = 1620 yr are shown in Figure 2. In the same
figure, we show the positions of the CD, the FS and the RS.
The CD between the ejecta and the interstellar gas is located
at r = Rc = 7.8 pc. The RS in the ejecta is situated at
r = Rb = 5.5 pc. At the Sedov stage, the RS moves in
the negative direction and reaches the center three thousand
years after the supernova explosion. It should be noted that our
one-dimensional calculations cannot adequately describe the
development of the Rayleigh–Taylor instability of the CD. In
real situations, the supernova ejecta and the circumstellar gas
are mixed by turbulent motions in this region (see, e.g., MHD
modeling of Jun & Norman 1996).

In SNRs, the plasma is heated to keV temperatures. The ther-
mal X-ray emission is determined by the electron temperature.
In young SNRs, thermal electrons are not in equilibrium with
protons if the temperature equilibration proceeds through the
minimum available electron heating, i.e., through Coulomb col-
lisions (Spitzer 1968). The evolution of electron temperature Te
is described by the following equation

∂Te
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where λep ∼ 30 is the Coulomb logarithm. The corresponding
temperature is also shown in Figure 2.
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Figure 3. Energy distributions of accelerated protons (thick lines) and electrons
(multiplied to the factor of 5000; thin lines) at the epoch t = 1620 yr. The
spectra at both the forward shock (solid lines) and at the reverse shock (dashed
lines) are shown.
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Figure 4. Energy distributions of accelerated protons (thick lines) and electrons
(multiplied to the factor of 5000; thin lines) at t = 100 yr. Spectra at both the
forward shock (solid lines) and the reverse shock (dashed lines) are shown.

Spectra of accelerated protons and electrons are shown in
Figure 3. At the present epoch, the maximum energy of protons
accelerated in this SNR is about 140 TeV, while higher energy
particles have already left the remnant. The spectra of both
electrons and protons at the RS show significant bumps just
before the cutoffs. Because the RS presently moves in the
rarefied medium of the ejecta, the amount of freshly injected
low-energy particles is relatively small, while many high-energy
particles accelerated earlier have not left the RS yet, and
continue to be accelerated.

The spectra for an early epoch, t = 100 yr, are shown in
Figure 4. Since the shock speed was Vf = 1.3 × 104 km s−1,
the maximum energy of particles was also higher. For the FS, it
is about 650 TeV.

Spatially integrated proton and electron spectra at the present
epoch t = 1620 yr are shown in Figure 5. We also show the
spectrum of runaway particles. These particles have already
left the simulation domain through an absorbing boundary at
r = 2Rf . The sum of the proton spectra shown is the total
CR spectrum produced in this SNR over the last 1620 years
after SN explosion. For this SNR, the spectrum of CR protons
have a maximum at 800 TeV. This is somewhat smaller than the
required value to explain the knee in the CR spectrum.
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Figure 2. Radial dependencies of the gas density (thick solid line), the gas
velocity (dotted line), the CR pressure (thick dashed line), the gas pressure
(dashed line), and the electron temperature (thin solid line) at t = 1620 yr. The
calculations result in the following parameters in the present epoch: the forward
shock velocity 2760 km s−1, its radius 10.5 pc, the magnetic field strength
downstream of the forward shock 127 µG. In the same figure we show the
positions of the forward and reverse shocks, (FS and RS, respectively) and the
contact discontinuity (CD).

comparable to the ejecta mass at t > 100 yr and when the
transition to the Sedov phase begins. It is important that the
observable ratio Rb/Rf ∼ 0.5 is achieved at the Sedov phase
when the FS speed is close to 1/3 of the characteristic ejecta
speed Vej. Since the synchrotron X-ray emission of SNR RX
J1713.7−3946 extends well beyond 1 keV, the present FS speed
cannot be significantly less than 3 × 103 km s−1. Therefore,
the characteristic velocity of the ejecta cannot be smaller than
104 km s−1. Such high velocities may be attributed to Ib/c
and IIb core collapse supernovae with low ejecta masses, but
not to the most frequent core collapse IIP supernovae with
characteristic ejecta velocities 3 × 103–4 × 103 km s−1 and
high ejecta masses.

Radial dependencies of several key parameters at the present
epoch t = 1620 yr are shown in Figure 2. In the same
figure, we show the positions of the CD, the FS and the RS.
The CD between the ejecta and the interstellar gas is located
at r = Rc = 7.8 pc. The RS in the ejecta is situated at
r = Rb = 5.5 pc. At the Sedov stage, the RS moves in
the negative direction and reaches the center three thousand
years after the supernova explosion. It should be noted that our
one-dimensional calculations cannot adequately describe the
development of the Rayleigh–Taylor instability of the CD. In
real situations, the supernova ejecta and the circumstellar gas
are mixed by turbulent motions in this region (see, e.g., MHD
modeling of Jun & Norman 1996).

In SNRs, the plasma is heated to keV temperatures. The ther-
mal X-ray emission is determined by the electron temperature.
In young SNRs, thermal electrons are not in equilibrium with
protons if the temperature equilibration proceeds through the
minimum available electron heating, i.e., through Coulomb col-
lisions (Spitzer 1968). The evolution of electron temperature Te
is described by the following equation
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where λep ∼ 30 is the Coulomb logarithm. The corresponding
temperature is also shown in Figure 2.
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Figure 3. Energy distributions of accelerated protons (thick lines) and electrons
(multiplied to the factor of 5000; thin lines) at the epoch t = 1620 yr. The
spectra at both the forward shock (solid lines) and at the reverse shock (dashed
lines) are shown.
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Figure 4. Energy distributions of accelerated protons (thick lines) and electrons
(multiplied to the factor of 5000; thin lines) at t = 100 yr. Spectra at both the
forward shock (solid lines) and the reverse shock (dashed lines) are shown.

Spectra of accelerated protons and electrons are shown in
Figure 3. At the present epoch, the maximum energy of protons
accelerated in this SNR is about 140 TeV, while higher energy
particles have already left the remnant. The spectra of both
electrons and protons at the RS show significant bumps just
before the cutoffs. Because the RS presently moves in the
rarefied medium of the ejecta, the amount of freshly injected
low-energy particles is relatively small, while many high-energy
particles accelerated earlier have not left the RS yet, and
continue to be accelerated.

The spectra for an early epoch, t = 100 yr, are shown in
Figure 4. Since the shock speed was Vf = 1.3 × 104 km s−1,
the maximum energy of particles was also higher. For the FS, it
is about 650 TeV.

Spatially integrated proton and electron spectra at the present
epoch t = 1620 yr are shown in Figure 5. We also show the
spectrum of runaway particles. These particles have already
left the simulation domain through an absorbing boundary at
r = 2Rf . The sum of the proton spectra shown is the total
CR spectrum produced in this SNR over the last 1620 years
after SN explosion. For this SNR, the spectrum of CR protons
have a maximum at 800 TeV. This is somewhat smaller than the
required value to explain the knee in the CR spectrum.

Ø Zirakashvili & Aharonian 2010
Previous studies for the SED 
fitting supposed the CR pressure 
dominated case.

For RX J1713.7-3946

The Astrophysical Journal, 734:28 (9pp), 2011 June 10 Abdo et al.
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Figure 3. Energy spectrum of RX J1713.7−3946 in gamma rays. Shown is
the Fermi-LAT-detected emission in combination with the energy spectrum
detected by H.E.S.S. (Aharonian et al. 2007). The green region shows the
uncertainty band obtained from our maximum likelihood fit of the spectrum of
RX J1713.7−3946 assuming a power law between 500 MeV and 400 GeV for the
default model of the region. The gray region depicts the systematic uncertainty
of this fit obtained by variation of the background and source models. The black
error bars correspond to independent fits of the flux of RX J1713.7−3946 in
the respective energy bands. Upper limits are set at a 95% confidence level.
Also shown are curves that cover the range of models proposed for this object.
These models have been generated to match the TeV emission and pre-date the
LAT detection. The top panel features predictions assuming that the gamma-
ray emission predominately originates from the interaction of protons with
interstellar gas (brown: Berezhko & Völk 2006; blue: Ellison & Vladimirov
2008; cyan (solid/dashed): Zirakashvili & Aharonian 2010). The bottom
panel features models where the bulk of the gamma-ray emission arises from
interactions of electrons with the interstellar radiation field (leptonic models).
(Brown: Porter et al. 2006; blue: Ellison & Vladimirov 2008; cyan: Zirakashvili
& Aharonian 2010.) See the text for a qualitative discussion of these models. It
should be noted that the publication of the latest H.E.S.S. spectrum (Aharonian
et al. 2007) contains a mismatch between Table 5 and Figure 4 by a factor of
0.85 (Figure 4 is correct, the table values have to be multiplied by 0.85 to get the
correct values). Some of the mismatch between model curves (e.g., Zirakashvili
& Aharonian 2010) and the H.E.S.S. data might be due to this discrepancy.
(A color version of this figure is available in the online journal.)

in the collaboration for source analysis for the 2FGL catalog
(refined with 24 months of data and with finer gas maps), and

(5) replacing the standard diffuse model by a model based on
the GALPROP code68 used in the Fermi-LAT analysis of the
isotropic diffuse emission. The GALPROP model is described
in Abdo et al. (2010c). For (5), i.e., the GALPROP-based model,
we considered the various components of the diffuse emission
model separately for which we then individually fit the normal-
izations in our likelihood analysis. The components are gamma
rays produced by IC emission, gamma rays produced by in-
teractions of CRs with atomic and ionized interstellar gas, and
gamma rays produced in the interactions of CRs with molecular
gas. The model component describing the gamma-ray intensity
from interactions with molecular gas is further subdivided into
seven ranges of Galactocentric distance to accommodate local-
ized variations of the CR and molecular gas density along the
line of sight which are not accounted for in the model.

The same model of the isotropic component was used for
all model variations (1)–(5). From model variations (1)–(5), we
obtain a systematic uncertainty of +0.08/−0.10 for the spec-
tral index of RX J1713.7−3946 and a systematic uncertainty
of (+0.6/−0.7)×10−9 cm−2 s−1 for the flux above 1 GeV on
top of the statistical uncertainty. The systematic uncertainty of
the derived flux and spectral index related to the uncertainty
in the LAT effective area was evaluated separately. The uncer-
tainty of the LAT effective area—estimated from observations
of Vela (Abdo et al. 2009b) and the Earth albedo (Abdo et al.
2009a)—ranges from 10% at 500 MeV to 20% at !10 GeV.
The impact on the spectral parameters of RX J1713.7−3946 is
a systematic uncertainty of ±0.05 for the spectral index and a
systematic uncertainty of ±0.4 for the flux above 1 GeV. The
gray band in Figure 3 displays the superposition of all uncer-
tainty bands obtained in our variations of the default model.
Figure 4 depicts the model variation (2) resulting in the softest
spectrum together with the fluxes in individual energy bands
(black error bars) derived for model (2) using the same pro-
cedure as for the default model described above. The range of
systematic uncertainty is particularly important to consider for
comparisons of the spectrum to pion-decay-dominated gamma-
ray emission models which are generally expected to be softer
than IC-dominated gamma-ray emission models.

3. DISCUSSION

The positional coincidence between the extended gamma-
ray emission detected by the Fermi-LAT at the position of
RX J1713.7−3946 strongly suggests a physical association
between the GeV gamma-ray emission and this young SNR.
In addition, the region of brightest LAT gamma-ray emission
coincides with the northwestern part of the SNR. From CO
(J = 1–0) observations, Fukui et al. (2003) and Moriguchi et al.
(2005) suggested that this part of the SNR is undergoing com-
plex interactions between the SN shock wave and a molecular
cloud. This part is also the brightest region in non-thermal X-
rays and in TeV gamma rays. The match between the locations
of brightest emission suggests that the GeV emission is also
generated by the population of relativistic particles responsible
for the TeV gamma-ray and non-thermal X-ray emission.

The origin of the TeV gamma-ray emission from
RX J1713.7−3946 has been a matter of active debate (see
Zirakashvili & Aharonian 2010, and references therein). There
are two competing processes potentially responsible for the

68 GALPROP is a software package for calculating the diffuse Galactic
gamma-ray emission based on a model of cosmic-ray propagation in the
Galaxy. See http://galprop.stanford.edu/ for details and references.
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Figure 6. Results of modeling of nonthermal radiation of RX J1713.7−3946 within the hadronic scenario of gamma-ray production. The following basic parameters
are used: t = 1620 yr, D = 1.2 kpc, nH = 0.09 cm−3, ESN = 2.7 × 1051 erg, Mej = 1.5 M⊙, M

f
A = Mb

A = 23, ξ0 = 0.05, the electron-to-proton ratios at the
forward and reverse shocks, K

f
ep = 10−4 and Kb

ep = 1.4 × 10−3. The calculations lead to the following values of the magnetic fields and the shock speeds at the
present epoch: the magnetic field downstream of the forward and reverse shocks Bf = 127 µG and Bb = 21 µG, respectively, the speed of the forward shock Vf =
2760 km s−1, the speed of the reverse shock Vb = −1470 km s−1. The following radiation processes are taken into account: synchrotron radiation of accelerated
electrons (solid curve on the left), IC emission (dashed line), gamma-ray emission from pion decay (solid line on the right), thermal bremsstrahlung (dotted line).
The input of the reverse shock is shown by the corresponding thin lines. Experimental data in gamma-ray (HESS; Aharonian et al. 2007a) and X-ray bands (Suzaku;
Tanaka et al. 2008), as well as the radio flux 22 ± 2 Jy at 1.4 GHz (ATCA; Acero al. 2009) from the whole remnant are also shown.
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Figure 7. Same as in Figure 6, but for the supernova shock propagating in the medium with r2 density profile, assuming the following parameters t = 1620 yr, D =
1.3 kpc, ESN = 2.5 × 1051 erg, Mej = 1.4 M⊙, M

f
A = Mb

A = 23, ξ0 = 0.05, K
f
ep = 1.5 × 10−4, and Kb

ep = 4.4 × 10−4. The undisturbed hydrogen number density
at the present shock position is nH = 0.12 cm−3. The calculations lead to the following values of the magnetic fields and the shock speeds at the present epoch: the
magnetic field downstream of the forward and reverse shocks Bf = 131 µG and Bb = 28 µG, respectively, the speed of the forward shock Vf = 2260 km s−1, and
the speed of the reverse shock Vb = −3010 km s−1.

CRs will be low and the same will be true for the amplified
magnetic field. Such a situation is possible, in particular, for
a perpendicular SNR shock propagating in the medium with
an azimuthal magnetic field. In this case, we use a very small
injection parameter ηf = 10−5 at the FS and the standard value
ηb = 10−2 for the injection parameter at the RS. Thus, in this
scenario we deal with non-modified FS and modified RS. Since,
under these assumption, the electron-to-proton ratio Kep is close
to the observed ratio for galactic CRs, 0.01 at 10 GeV, the
electron injection was taken to be independent on the shock
velocity. We also use a higher value M

f
A = 69 for the FS, and

adopt the distance D = 1.5 kpc that is close to an upper limit
according to Cassam-Chenaı̈ et al. (2004) and Fukui (2008).

We should note that the shock speed is one of the key
parameters in order to achieve the good fit. The shock speed
is related with a remnant size at given age of the remnant. This
explains a slight difference of the assumed value of distances.

The results are shown in Figure 8. The magnetic fields at the
RS and the FS are comparable in this case. The energy of CRs
is only 10% of the explosion energy. The CR pressure at the FS
is only 2% of the ram pressure ρ0Ṙ

2
f . The particles are mainly

accelerated at the RS. The maximum energies are 55 TeV and
36 TeV for protons and electrons, respectively. The RS produces
16 % of X-ray emission.

For completeness, we also consider the case when both FS and
RS are not modified. The injection efficiency ηb = ηf = 10−5

Zirakashvili & Aharonian 2010



Cosmic-Ray Modified Shock (CRMS)

where the mass density of the upstream solar wind q was
!5.8 · 10"24 g/cm3.

The basic condition for a CRMS, the pressure balance
in the shock rest frame, qV SW2 þ P CR þ P CR;eþ
P B þ P th ! const., has been confirmed for this 1994 IP
shock Terasawa et al., 1999. (We take the ‘cosmic-ray’ par-
tial pressure PCR = 2!60–230/3, assuming isotropy of 60–
230 keV protons. Similarly, the ‘cosmic-ray’ electron par-
tial pressure PCR,e is calculated from the LEP observation
of electrons (up to 40 keV). PB and Pth are magnetic and
thermal-particle pressures, respectively.) The feature of
the CRMS is readily visible in the precursor increases of
VSW and |B| after !08:30 UT. DVSW, the amount of the
increase of VSW from the far upstream value reached

!130 km/s just before the arrival of the IP shock, which
amounted to !1/4 of the total velocity jump across the
shock front.

Fig. 2 shows an overview of the October–November
2003 event, for which we concentrate on the IP shock
arrived at Geotail position at !06:10 UT on 29 October
2003 (Terasawa et al., 2005). The Goes MeV proton mon-
itor showed that protons from several MeV to !15 MeV
had intensity maxima at the arrival of this IP shock. The
second to fourth panels of the figure show the variations
of !60–230, VSW, and |B| for the 4-h interval around the IP
shock arrival. In the figure the CRMS features similar to
those seen in Fig. 1 appeared but with a much smaller scale:
!60–230 increased exponentially toward the IP shock arrival,
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Fig. 1. Overview of the 1994 event between 19 and 23 February, during which a moderately strong IP shock came at !09:03 UT on 21 February. From
top, MeV proton fluxes obtained by the Goes particle monitor, energy density of energetic protons in the range of 60–230 keV !60–230, the solar wind
velocity VSW, and the magnitude of the magnetic field |B|. After the shock arrival VSW and |B| jumped to !900 km/s and J 20 nT, scaling out of the
coverage of these panels.
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Terasawa 2006
~20 % of shock energy (flux) 
converted to non-thermal particles

• 太陽⾵の「その場観
測」で確認済み．

太陽⾵
Vsh 〜 100 km/s
ECR      〜 10 keV - MeV
B       〜 10 μG (MA〜 5)
Age   〜 day
若いSNR
Vsh >~ 1000 km/s
ECR      〜 1 GeV – 3 PeV ?
B       〜 1 - 100 μG ? 

(MA〜 1 – 100 ?)
Age   〜 100 – 1000 yr.

速度変化
〜10 %



Cosmic-Ray Modified Shock (CRMS)
et al. 2008; van Adelsberg et al. 2008; Laming et al. 2014; Vink
et al. 2015), where m v 3p d

2 is the downstream proton
temperature for the strong shock limit and vd is the upstream
flow velocity in the downstream rest frame. Therefore, when
we calculate collisional ionization by electrons, we assume that
the relative velocity between a hydrogen atom and electrons is
given by (Pauls et al. 1995)
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where vH is the velocity of the hydrogen atom and the mean
velocity of electrons is assumed to be the mean velocity of
protons, up, and the electron temperature is assumed to be
T 0e � and T m v0.01 3e p d

2� in the upstream and downstream
regions, respectively.

2.1. Simulation Setup

We perform two-dimensional hybrid simulations in the xy
plane. We inject simulation particles with a positive drift
velocity at the left boundary, x=0, and the simulation
particles are specularly reflected at the right boundary. Then,
a collisionless shock is produced and propagates to the left
boundary as time goes on, that is, the simulation frame
corresponds to the downstream rest frame. We impose the
periodic boundary condition in the y direction. The simulation
box size is L L c c77, 600 800x y pp ppX Xq � q , where c
and ppX are the speed of light and plasma frequency of protons,
respectively. The cell size and time step are x y c ppX% � % �
and t 8.333 10 3

cp
1% � q 8� � , respectively. Initially, we put 64

protons and 64 hydrogen atoms in each cell and the magnetic
field is taken to be spatially homogenous, pointing in the y
direction, B eB y0� . Therefore, a perpendicular shock is
formed in this simulation, where the shock normal direction
is perpendicular to upstream mean magnetic field lines. For
parameters of the upstream plasma, we set f 0.5,i �

0.5p HC C� � , and v v30 1000 km sd A
1� � � , where

f , ,i p HC C , and vd are the upstream ionization fraction, the
ratio of the proton pressure to the magnetic pressure, the ratio
of the hydrogen pressure to the magnetic pressure, and the drift
velocity of the x direction, respectively. v B 4A 0 p,0QS� is
the Alfvén velocity defined by the proton mass density in the
far upstream region, p,0S .

2.2. Simulation Results

In Figure 1, we show the shock structures of the proton
density, p p,0S S , magnetic field B B B B B B B B, , ,x y z0 0 0 0∣ ∣ ,
and the fluid velocity in the downstream rest frame,
u v u v,x yd d, at time t 2000 cp

1� 8 � , where ux and uy are x
and y components of the mean proton velocity, respectively.
The shock front is located at about x c57, 600 ppX� and the
left side of the shock front is the upstream region. The shock
velocity is v v v4 3 40 1333 km ssh d A

1x � � � in the
upstream rest frame. If we use another Alfvén velocity,
v B 4A,tot 0 p,0 H,0( )Q S S� � , defined by the total mass
density, the shock velocity is expressed as v v57sh A,totx in
the upstream rest frame, where H,0S is the upstream hydrogen
mass density.

Large amplitude density fluctuations are observed both in the
upstream and downstream regions. In our previous simulation
for v v10 2000 km sd A

1� � � , the proton density is correlated

with the magnetic field strength in the upstream region and the
wave vector is highly oblique to the magnetic field direction,
that is, the fast magnetosonic modes are excited (Ohira 2014).
In this simulation for v v30 1000 km sd A

1� � � , the correla-
tion is observed in many upstream regions, but anticorrelation
between the proton density and the magnetic field strength is
observed in high-density filaments of the upstream region and
the wave vector is almost parallel to the initial magnetic field
direction. The velocity field in Figure 1 (uy) shows that the
upstream filamentary structures are produced by compression
in the y direction. The compression motion is driven by the
magnetic pressure of large amplitude Alfvén waves propagat-
ing to the initial magnetic field direction (see Bx and Bz in
Figure 1). The upstream Alfvén waves are excited by the
pressure anisotropy produced by the ionization of leaking
neutral particles (Ohira 2013b).
The amplitude of the filamentary structures in the upstream

region is about 5p p,0ES S x . Such large density fluctuations
produce rippled shock structures and turbulence in the
downstream region (see velocity structures ux and uy in
Figure 1). As a result, downstream magnetic fields are

Figure 1. Two-dimensional shock structures at t 2000 cp
1� 8� . From top to

bottom, the panels show proton density, pS , magnetic field strength, B∣ ∣, each
component of the magnetic field, B B B, ,x y z, and fluid velocity of protons in
the downstream rest frame, u u,x y. The left regions (x c57600 ppX� ) are
upstream regions.
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Figure 1). The upstream Alfvén waves are excited by the
pressure anisotropy produced by the ionization of leaking
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region is about 5p p,0ES S x . Such large density fluctuations
produce rippled shock structures and turbulence in the
downstream region (see velocity structures ux and uy in
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Figure 1. Two-dimensional shock structures at t 2000 cp
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bottom, the panels show proton density, pS , magnetic field strength, B∣ ∣, each
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amplified by the turbulence, which was suggested by Ohira
(2013b). In this paper, we first demonstrated via hybrid
simulations that even though shocks propagate partially ionized
plasmas, magnetic fields are amplified up to near the
equipartition level by the downstream turbulence. Figure 1
shows that downstream magnetic fields are locally amplified
over 30B0 and the spatially averaged value is about B15 0 at
x c58, 400 ppX� , that is, a significant fraction of the
upstream kinetic energy is converted to the magnetic field
energy. After the magnetic field strength reaches a saturation
level, it gradually decays as the turbulence decays. The decay
length scale is about c300 ppX , which is much smaller than the
observable length scale. However, once particles are acceler-
ated by DSA, density fluctuations with larger length scales
would be generated by the accelerated particles (Caprioli &
Spitkovsky 2013). If so, the decay length scale of magnetic
fields would be larger. Although simulations in this paper are a
two-dimensional system, it has been demonstrated by the three-
dimensional magnetohydrodynamic simulation that the turbu-
lence does amplify magnetic fields up to near the equipartition
level (Inoue et al. 2010). Therefore, actual higher Alfvén Mach
number shocks can be expected to amplify magnetic fields
more strongly.

The amplitude of the magnetic field fluctuations is
B B 30E x in the upstream region. The coherent length scale
of magnetic field structures is of the order of the gyroradius of
upstream pickup ions. The pickup ions are preferentially
accelerated by charge exchange and pickup processes (Ohira
2013b). Therefore, the observed magnetic turbulence is
important for injection into DSA. Simulations in this paper
are performed in the two-dimensional system, so that particle
diffusion perpendicular to the magnetic field line is artificially
surpassed (Jokipii et al. 1993; Giacalone & Jokipii 1994).
Therefore, we can expect DSA in perpendicular shocks
propagating into partially ionized plasmas for a real three-
dimensional system, which will be addressed in future works.

There are no clear mirror mode structures in the downstream
region, although we observed that in the previous simulation
for v v10 2000 km sd A

1� � � . The mirror mode is excited by
the pressure anisotropy of pickup ions produced in the
downstream region (Raymond et al. 2008). However, magnetic
field lines are not ordered in the downstream region of this
simulation, so pickup ions produced in the downstream regions
do not have pressure anisotropy and the mirror mode is not
excited.

In Figure 2, we show one-dimensional shock structures
averaged over the y direction at time t 2000 cp

1� 8� . The red,
blue, and black lines indicate the mean proton velocity of the x
direction, u up p,0, the proton density, 0.1 p p,0S S , and the
ionization fraction, fi, respectively. As with our previous
simulation, the plasma flow is gradually decelerated within the
ionization length scale but the shock modification is larger than
that of the previous simulation for v 2000 km sd

1� � . This is
because more hydrogen atoms leak into the upstream region for
v 1000 km sd

1� � than that for v 2000 km sd
1� � . The number

of leaking neutral particles increases with the ratio of the charge
exchange rate to the collisional ionization rate. The ratio
decreases with the shock velocity so that more hydrogen atoms
leak into the upstream region in this simulation compared with
our previous simulation. The ratio of the fluid velocity just in
front of the shock to that just behind the shock is about 3.2 and
the total compression ratio is about 4 in this simulation. If

particles are accelerated by DSA in this velocity structure, the
momentum spectrum, dN/dp, becomes steeper than p 2� (Blasi
et al. 2012; Ohira 2012).
Figure 3 shows the phase space at time t 2000 cp

1� 8 � . It
can be seen that there are many leaking hydrogen atoms in the
upstream region. Downstream hot hydrogen atoms produced by
charge exchange can leak into the upstream region because
they do not interact with electromagnetic fields and some of
them have a velocity faster than the shock velocity. Because the
ionization rate dominates over the charge exchange rate for
v 3000 km srel

1� � , the maximum velocity of leaking neutral
particles is about 3000 km s 1� , which is v90 A in this
simulation. The leaking hydrogen atoms are ionized by
upstream particles and picked up by the upstream flow and
become pickup ions. All the upstream protons are mainly
thermalized at the collisionless shock at x c57, 600 ppX� .
In the left panel of Figure 4, we show the z component of the

velocity distribution of hydrogen atoms in the downstream
region, c x c57, 700 72, 900pp pp- -X X , at time t �
2000 cp

18 � . For the standard model of Hα emission from
SNRs (Chevalier & Raymond 1978), the velocity distribution

Figure 2. Shock structures averaged over the y direction at t 2000 cp
1� 8� . The

red, blue, and black lines show the fluid velocity normalized by the far
upstream value, u vx d, the proton density normalized by 10 times the far
upstream value, 0.1 p p,0S S , and the ionization fraction, fi, respectively.

Figure 3. Phase space plots of protons (top) and hydrogen atoms (bottom)
att 2000 cp

1� 8� . The color shows the phase space density in logarithmic scale.
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has two components (narrow and broad). The dashed line in the
left panel of Figure 4 shows a Gaussian distribution with
dispersion v2 32

d
2T � , which corresponds to the broad

component of the standard model. It can be seen that the
velocity distribution has three components (narrow, intermedi-
ate, and broad) in this simulation. The intermediate component
originates from protons thermalized by the collisionless shock.
Because upstream cold protons are significantly decelerated
before they interact with the collisionless shock (see Figure 2),
the downstream temperature of these protons becomes lower
than that of the standard model. The lost kinetic energy of
upstream cold protons mainly converts to the kinetic energy of
pickup ions. As a result, the width of the intermediate
component becomes smaller than expected from the standard
model. The broadest component is produced by protons ionized
in the downstream region. Upstream neutral particles penetrate
the collisionless shock front without energy exchange with
pickup ions, so protons ionized in the downstream region have
a kinetic energy of m v 2p d

2 . Therefore, the width of the
broadest component is the same as that of the standard model.
As with the standard model, the narrowest component
originates from upstream hydrogen atoms (before charge
exchange). We do not see any heating of upstream hydrogen
atoms in this simulation, so the velocity dispersion of the
narrowest component in this simulation corresponds to the
temperature of the far upstream region. Morlino et al. (2012)
proposed the three-component structure of Hα emission, but
the formation mechanism is different from our results. Their
intermediate component originates from the neutral precursor
region, and the velocity dispersion is of the order of
100 km s 1� , which is much smaller than that in this simulation.
Interestingly, the three-component structure is observed in the
SNR Tycho (Raymond et al. 2010). If the broadest component
is not identified as Hα emission, we will mistakenly identify
the intermediate component as the broad component of the
standard model of Hα emission from SNRs and mistakenly
estimate the downstream temperature. Therefore, estimating the
downstream temperature from Hα emission requires careful
attention.

The right panel of Figure 4 shows energy spectra of protons
and hydrogen atoms in the downstream region,

c x c57, 700 72, 900pp pp- -X X , at time t 2000 cp
1� 8 � .

Some protons are accelerated to over 10 times the initial kinetic
energy, E m v 20 p d

2� . As with previous simulations, particles
are accelerated by charge exchange and pickup processes
(Ohira 2013b). The typical energy becomes E E10 0� after the
first cycle of the acceleration (Ohira 2013b). Almost all
accelerated particles experience only the first cycle of the

acceleration and the energy spectrum has a cutoff at E E10 0x
in the previous simulation for v 2000 km sd

1� � . On the other
hand, the energy spectrum has a cutoff at E E60 0x in this
simulation for v 1000 km sd

1� � because some accelerated
particle can experience the second cycle of the acceleration.
The maximum velocity of leaking neutral particles is about
3000 km s 1� in the downstream rest frame. After ionization in
the upstream region, they are picked up by the upstream flow
and their velocity becomes about 4000 km s 1� in the upstream
rest frame. The picked up particles interact with the shock and
are heated to v 8000 km s 1x � , that is, the kinetic energy
becomes E E64 0x , which is comparable to the cutoff energy
in this simulation. The total kinetic energy of non-thermal
particles is about 29% of the total kinetic energy of all particles
in this simulation, where the non-thermal particles are defined
by E E4 0� .
As mentioned above, particle diffusion that is perpendicular

to the magnetic field line is artificially surpassed in our two-
dimensional simulations, so we cannot follow further accel-
eration by DSA. However, several early studies have already
show that once CRs are injected, magnetic field fluctuations are
excited by CRs even though there are neutral hydrogen atoms
(Drury et al. 1996; Bykov & Toptygin 2005; Reville
et al. 2007). Therefore, we can expect further acceleration by
DSA in a real three-dimensional system.

3. DISCUSSION

We briefly mention simulation results for other shock
velocities in order to discuss the dependence on the upstream
velocity (shock velocity) and Alfvén Mach number. The
upstream velocities of our previous simulation and this simulation
are v v10 2000 km sd A

1� � � and v v30 1000 km sd A
1� � � ,

respectively. In addition to that, we perform two other
simulations for v v10 1000 km sd A

1� � � and v v30d A� �
2000 km s 1� . For v v10 1000 km sd A

1� � � , the phase space
plot, one-dimensional shock structures, the velocity distribution,
and energy spectra are similar to those of this simulation for
v v30 1000 km sd A

1� � � , but the large magnetic field ampli-
fication is not observed. For v v30 2000 km sd A

1� � � , the
phase space plot, one-dimensional shock structures, the velocity
distribution, and energy spectra are similar to those of our
previous simulation for v v10 2000 km sd A

1� � � , and mag-
netic fields are slightly amplified. Therefore, only magnetic fields
strongly depend on the Alfvén Mach number of shocks and
others strongly depend on the shock velocity. All results should
depend on other parameters (ionization fraction, electron
temperature, and magnetic field orientation). Systematic studies
will address this in future works.
In this paper, we use artificially large cross-sections of

charge exchange and collisional ionization in order to reduce
the ionization length scale and timescale. For actual SNR
shocks, the length scale of a neutral precursor region becomes
larger than that of our simulations. Then the size of turbulent
regions would be larger than those for this simulation, and the
second order acceleration would become important (Ohira
2013a). The growth rates of instabilities in this simulation
might be artificially increased by a factor of 103. In actual SNR
shocks, the amplitudes of excited waves would be smaller than
those in this simulation because of several damping mechan-
isms. On the other hand, the Alfvén Mach number of actual
young SNRs is larger than that in this simulation; that is, the
free energy of leaking particles of realistic young SNRs is

Figure 4. Velocity distribution of hydrogen atoms (left) and energy spectra (right)
in the downstream region, c x c57, 700 72, 900pp pp- -X X ,t 2000 cp

1� 8� .
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Age 〜 1 day

部分電離プラズマ中を
伝播するSNR衝撃波
のhybrid simulation
(Ohira 16)．



Cosmic-Ray Modified Shock (CRMS)
et al. 2008; van Adelsberg et al. 2008; Laming et al. 2014; Vink
et al. 2015), where m v 3p d

2 is the downstream proton
temperature for the strong shock limit and vd is the upstream
flow velocity in the downstream rest frame. Therefore, when
we calculate collisional ionization by electrons, we assume that
the relative velocity between a hydrogen atom and electrons is
given by (Pauls et al. 1995)
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where vH is the velocity of the hydrogen atom and the mean
velocity of electrons is assumed to be the mean velocity of
protons, up, and the electron temperature is assumed to be
T 0e � and T m v0.01 3e p d

2� in the upstream and downstream
regions, respectively.

2.1. Simulation Setup

We perform two-dimensional hybrid simulations in the xy
plane. We inject simulation particles with a positive drift
velocity at the left boundary, x=0, and the simulation
particles are specularly reflected at the right boundary. Then,
a collisionless shock is produced and propagates to the left
boundary as time goes on, that is, the simulation frame
corresponds to the downstream rest frame. We impose the
periodic boundary condition in the y direction. The simulation
box size is L L c c77, 600 800x y pp ppX Xq � q , where c
and ppX are the speed of light and plasma frequency of protons,
respectively. The cell size and time step are x y c ppX% � % �
and t 8.333 10 3

cp
1% � q 8� � , respectively. Initially, we put 64

protons and 64 hydrogen atoms in each cell and the magnetic
field is taken to be spatially homogenous, pointing in the y
direction, B eB y0� . Therefore, a perpendicular shock is
formed in this simulation, where the shock normal direction
is perpendicular to upstream mean magnetic field lines. For
parameters of the upstream plasma, we set f 0.5,i �

0.5p HC C� � , and v v30 1000 km sd A
1� � � , where

f , ,i p HC C , and vd are the upstream ionization fraction, the
ratio of the proton pressure to the magnetic pressure, the ratio
of the hydrogen pressure to the magnetic pressure, and the drift
velocity of the x direction, respectively. v B 4A 0 p,0QS� is
the Alfvén velocity defined by the proton mass density in the
far upstream region, p,0S .

2.2. Simulation Results

In Figure 1, we show the shock structures of the proton
density, p p,0S S , magnetic field B B B B B B B B, , ,x y z0 0 0 0∣ ∣ ,
and the fluid velocity in the downstream rest frame,
u v u v,x yd d, at time t 2000 cp

1� 8 � , where ux and uy are x
and y components of the mean proton velocity, respectively.
The shock front is located at about x c57, 600 ppX� and the
left side of the shock front is the upstream region. The shock
velocity is v v v4 3 40 1333 km ssh d A

1x � � � in the
upstream rest frame. If we use another Alfvén velocity,
v B 4A,tot 0 p,0 H,0( )Q S S� � , defined by the total mass
density, the shock velocity is expressed as v v57sh A,totx in
the upstream rest frame, where H,0S is the upstream hydrogen
mass density.

Large amplitude density fluctuations are observed both in the
upstream and downstream regions. In our previous simulation
for v v10 2000 km sd A

1� � � , the proton density is correlated

with the magnetic field strength in the upstream region and the
wave vector is highly oblique to the magnetic field direction,
that is, the fast magnetosonic modes are excited (Ohira 2014).
In this simulation for v v30 1000 km sd A

1� � � , the correla-
tion is observed in many upstream regions, but anticorrelation
between the proton density and the magnetic field strength is
observed in high-density filaments of the upstream region and
the wave vector is almost parallel to the initial magnetic field
direction. The velocity field in Figure 1 (uy) shows that the
upstream filamentary structures are produced by compression
in the y direction. The compression motion is driven by the
magnetic pressure of large amplitude Alfvén waves propagat-
ing to the initial magnetic field direction (see Bx and Bz in
Figure 1). The upstream Alfvén waves are excited by the
pressure anisotropy produced by the ionization of leaking
neutral particles (Ohira 2013b).
The amplitude of the filamentary structures in the upstream

region is about 5p p,0ES S x . Such large density fluctuations
produce rippled shock structures and turbulence in the
downstream region (see velocity structures ux and uy in
Figure 1). As a result, downstream magnetic fields are

Figure 1. Two-dimensional shock structures at t 2000 cp
1� 8� . From top to

bottom, the panels show proton density, pS , magnetic field strength, B∣ ∣, each
component of the magnetic field, B B B, ,x y z, and fluid velocity of protons in
the downstream rest frame, u u,x y. The left regions (x c57600 ppX� ) are
upstream regions.
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2 is the downstream proton
temperature for the strong shock limit and vd is the upstream
flow velocity in the downstream rest frame. Therefore, when
we calculate collisional ionization by electrons, we assume that
the relative velocity between a hydrogen atom and electrons is
given by (Pauls et al. 1995)
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protons, up, and the electron temperature is assumed to be
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2.1. Simulation Setup

We perform two-dimensional hybrid simulations in the xy
plane. We inject simulation particles with a positive drift
velocity at the left boundary, x=0, and the simulation
particles are specularly reflected at the right boundary. Then,
a collisionless shock is produced and propagates to the left
boundary as time goes on, that is, the simulation frame
corresponds to the downstream rest frame. We impose the
periodic boundary condition in the y direction. The simulation
box size is L L c c77, 600 800x y pp ppX Xq � q , where c
and ppX are the speed of light and plasma frequency of protons,
respectively. The cell size and time step are x y c ppX% � % �
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1% � q 8� � , respectively. Initially, we put 64

protons and 64 hydrogen atoms in each cell and the magnetic
field is taken to be spatially homogenous, pointing in the y
direction, B eB y0� . Therefore, a perpendicular shock is
formed in this simulation, where the shock normal direction
is perpendicular to upstream mean magnetic field lines. For
parameters of the upstream plasma, we set f 0.5,i �

0.5p HC C� � , and v v30 1000 km sd A
1� � � , where

f , ,i p HC C , and vd are the upstream ionization fraction, the
ratio of the proton pressure to the magnetic pressure, the ratio
of the hydrogen pressure to the magnetic pressure, and the drift
velocity of the x direction, respectively. v B 4A 0 p,0QS� is
the Alfvén velocity defined by the proton mass density in the
far upstream region, p,0S .

2.2. Simulation Results

In Figure 1, we show the shock structures of the proton
density, p p,0S S , magnetic field B B B B B B B B, , ,x y z0 0 0 0∣ ∣ ,
and the fluid velocity in the downstream rest frame,
u v u v,x yd d, at time t 2000 cp

1� 8 � , where ux and uy are x
and y components of the mean proton velocity, respectively.
The shock front is located at about x c57, 600 ppX� and the
left side of the shock front is the upstream region. The shock
velocity is v v v4 3 40 1333 km ssh d A

1x � � � in the
upstream rest frame. If we use another Alfvén velocity,
v B 4A,tot 0 p,0 H,0( )Q S S� � , defined by the total mass
density, the shock velocity is expressed as v v57sh A,totx in
the upstream rest frame, where H,0S is the upstream hydrogen
mass density.

Large amplitude density fluctuations are observed both in the
upstream and downstream regions. In our previous simulation
for v v10 2000 km sd A

1� � � , the proton density is correlated

with the magnetic field strength in the upstream region and the
wave vector is highly oblique to the magnetic field direction,
that is, the fast magnetosonic modes are excited (Ohira 2014).
In this simulation for v v30 1000 km sd A

1� � � , the correla-
tion is observed in many upstream regions, but anticorrelation
between the proton density and the magnetic field strength is
observed in high-density filaments of the upstream region and
the wave vector is almost parallel to the initial magnetic field
direction. The velocity field in Figure 1 (uy) shows that the
upstream filamentary structures are produced by compression
in the y direction. The compression motion is driven by the
magnetic pressure of large amplitude Alfvén waves propagat-
ing to the initial magnetic field direction (see Bx and Bz in
Figure 1). The upstream Alfvén waves are excited by the
pressure anisotropy produced by the ionization of leaking
neutral particles (Ohira 2013b).
The amplitude of the filamentary structures in the upstream

region is about 5p p,0ES S x . Such large density fluctuations
produce rippled shock structures and turbulence in the
downstream region (see velocity structures ux and uy in
Figure 1). As a result, downstream magnetic fields are

Figure 1. Two-dimensional shock structures at t 2000 cp
1� 8� . From top to

bottom, the panels show proton density, pS , magnetic field strength, B∣ ∣, each
component of the magnetic field, B B B, ,x y z, and fluid velocity of protons in
the downstream rest frame, u u,x y. The left regions (x c57600 ppX� ) are
upstream regions.
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amplified by the turbulence, which was suggested by Ohira
(2013b). In this paper, we first demonstrated via hybrid
simulations that even though shocks propagate partially ionized
plasmas, magnetic fields are amplified up to near the
equipartition level by the downstream turbulence. Figure 1
shows that downstream magnetic fields are locally amplified
over 30B0 and the spatially averaged value is about B15 0 at
x c58, 400 ppX� , that is, a significant fraction of the
upstream kinetic energy is converted to the magnetic field
energy. After the magnetic field strength reaches a saturation
level, it gradually decays as the turbulence decays. The decay
length scale is about c300 ppX , which is much smaller than the
observable length scale. However, once particles are acceler-
ated by DSA, density fluctuations with larger length scales
would be generated by the accelerated particles (Caprioli &
Spitkovsky 2013). If so, the decay length scale of magnetic
fields would be larger. Although simulations in this paper are a
two-dimensional system, it has been demonstrated by the three-
dimensional magnetohydrodynamic simulation that the turbu-
lence does amplify magnetic fields up to near the equipartition
level (Inoue et al. 2010). Therefore, actual higher Alfvén Mach
number shocks can be expected to amplify magnetic fields
more strongly.

The amplitude of the magnetic field fluctuations is
B B 30E x in the upstream region. The coherent length scale
of magnetic field structures is of the order of the gyroradius of
upstream pickup ions. The pickup ions are preferentially
accelerated by charge exchange and pickup processes (Ohira
2013b). Therefore, the observed magnetic turbulence is
important for injection into DSA. Simulations in this paper
are performed in the two-dimensional system, so that particle
diffusion perpendicular to the magnetic field line is artificially
surpassed (Jokipii et al. 1993; Giacalone & Jokipii 1994).
Therefore, we can expect DSA in perpendicular shocks
propagating into partially ionized plasmas for a real three-
dimensional system, which will be addressed in future works.

There are no clear mirror mode structures in the downstream
region, although we observed that in the previous simulation
for v v10 2000 km sd A

1� � � . The mirror mode is excited by
the pressure anisotropy of pickup ions produced in the
downstream region (Raymond et al. 2008). However, magnetic
field lines are not ordered in the downstream region of this
simulation, so pickup ions produced in the downstream regions
do not have pressure anisotropy and the mirror mode is not
excited.

In Figure 2, we show one-dimensional shock structures
averaged over the y direction at time t 2000 cp

1� 8� . The red,
blue, and black lines indicate the mean proton velocity of the x
direction, u up p,0, the proton density, 0.1 p p,0S S , and the
ionization fraction, fi, respectively. As with our previous
simulation, the plasma flow is gradually decelerated within the
ionization length scale but the shock modification is larger than
that of the previous simulation for v 2000 km sd

1� � . This is
because more hydrogen atoms leak into the upstream region for
v 1000 km sd

1� � than that for v 2000 km sd
1� � . The number

of leaking neutral particles increases with the ratio of the charge
exchange rate to the collisional ionization rate. The ratio
decreases with the shock velocity so that more hydrogen atoms
leak into the upstream region in this simulation compared with
our previous simulation. The ratio of the fluid velocity just in
front of the shock to that just behind the shock is about 3.2 and
the total compression ratio is about 4 in this simulation. If

particles are accelerated by DSA in this velocity structure, the
momentum spectrum, dN/dp, becomes steeper than p 2� (Blasi
et al. 2012; Ohira 2012).
Figure 3 shows the phase space at time t 2000 cp

1� 8 � . It
can be seen that there are many leaking hydrogen atoms in the
upstream region. Downstream hot hydrogen atoms produced by
charge exchange can leak into the upstream region because
they do not interact with electromagnetic fields and some of
them have a velocity faster than the shock velocity. Because the
ionization rate dominates over the charge exchange rate for
v 3000 km srel

1� � , the maximum velocity of leaking neutral
particles is about 3000 km s 1� , which is v90 A in this
simulation. The leaking hydrogen atoms are ionized by
upstream particles and picked up by the upstream flow and
become pickup ions. All the upstream protons are mainly
thermalized at the collisionless shock at x c57, 600 ppX� .
In the left panel of Figure 4, we show the z component of the

velocity distribution of hydrogen atoms in the downstream
region, c x c57, 700 72, 900pp pp- -X X , at time t �
2000 cp

18 � . For the standard model of Hα emission from
SNRs (Chevalier & Raymond 1978), the velocity distribution

Figure 2. Shock structures averaged over the y direction at t 2000 cp
1� 8� . The

red, blue, and black lines show the fluid velocity normalized by the far
upstream value, u vx d, the proton density normalized by 10 times the far
upstream value, 0.1 p p,0S S , and the ionization fraction, fi, respectively.

Figure 3. Phase space plots of protons (top) and hydrogen atoms (bottom)
att 2000 cp

1� 8� . The color shows the phase space density in logarithmic scale.
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has two components (narrow and broad). The dashed line in the
left panel of Figure 4 shows a Gaussian distribution with
dispersion v2 32

d
2T � , which corresponds to the broad

component of the standard model. It can be seen that the
velocity distribution has three components (narrow, intermedi-
ate, and broad) in this simulation. The intermediate component
originates from protons thermalized by the collisionless shock.
Because upstream cold protons are significantly decelerated
before they interact with the collisionless shock (see Figure 2),
the downstream temperature of these protons becomes lower
than that of the standard model. The lost kinetic energy of
upstream cold protons mainly converts to the kinetic energy of
pickup ions. As a result, the width of the intermediate
component becomes smaller than expected from the standard
model. The broadest component is produced by protons ionized
in the downstream region. Upstream neutral particles penetrate
the collisionless shock front without energy exchange with
pickup ions, so protons ionized in the downstream region have
a kinetic energy of m v 2p d

2 . Therefore, the width of the
broadest component is the same as that of the standard model.
As with the standard model, the narrowest component
originates from upstream hydrogen atoms (before charge
exchange). We do not see any heating of upstream hydrogen
atoms in this simulation, so the velocity dispersion of the
narrowest component in this simulation corresponds to the
temperature of the far upstream region. Morlino et al. (2012)
proposed the three-component structure of Hα emission, but
the formation mechanism is different from our results. Their
intermediate component originates from the neutral precursor
region, and the velocity dispersion is of the order of
100 km s 1� , which is much smaller than that in this simulation.
Interestingly, the three-component structure is observed in the
SNR Tycho (Raymond et al. 2010). If the broadest component
is not identified as Hα emission, we will mistakenly identify
the intermediate component as the broad component of the
standard model of Hα emission from SNRs and mistakenly
estimate the downstream temperature. Therefore, estimating the
downstream temperature from Hα emission requires careful
attention.

The right panel of Figure 4 shows energy spectra of protons
and hydrogen atoms in the downstream region,

c x c57, 700 72, 900pp pp- -X X , at time t 2000 cp
1� 8 � .

Some protons are accelerated to over 10 times the initial kinetic
energy, E m v 20 p d

2� . As with previous simulations, particles
are accelerated by charge exchange and pickup processes
(Ohira 2013b). The typical energy becomes E E10 0� after the
first cycle of the acceleration (Ohira 2013b). Almost all
accelerated particles experience only the first cycle of the

acceleration and the energy spectrum has a cutoff at E E10 0x
in the previous simulation for v 2000 km sd

1� � . On the other
hand, the energy spectrum has a cutoff at E E60 0x in this
simulation for v 1000 km sd

1� � because some accelerated
particle can experience the second cycle of the acceleration.
The maximum velocity of leaking neutral particles is about
3000 km s 1� in the downstream rest frame. After ionization in
the upstream region, they are picked up by the upstream flow
and their velocity becomes about 4000 km s 1� in the upstream
rest frame. The picked up particles interact with the shock and
are heated to v 8000 km s 1x � , that is, the kinetic energy
becomes E E64 0x , which is comparable to the cutoff energy
in this simulation. The total kinetic energy of non-thermal
particles is about 29% of the total kinetic energy of all particles
in this simulation, where the non-thermal particles are defined
by E E4 0� .
As mentioned above, particle diffusion that is perpendicular

to the magnetic field line is artificially surpassed in our two-
dimensional simulations, so we cannot follow further accel-
eration by DSA. However, several early studies have already
show that once CRs are injected, magnetic field fluctuations are
excited by CRs even though there are neutral hydrogen atoms
(Drury et al. 1996; Bykov & Toptygin 2005; Reville
et al. 2007). Therefore, we can expect further acceleration by
DSA in a real three-dimensional system.

3. DISCUSSION

We briefly mention simulation results for other shock
velocities in order to discuss the dependence on the upstream
velocity (shock velocity) and Alfvén Mach number. The
upstream velocities of our previous simulation and this simulation
are v v10 2000 km sd A

1� � � and v v30 1000 km sd A
1� � � ,

respectively. In addition to that, we perform two other
simulations for v v10 1000 km sd A

1� � � and v v30d A� �
2000 km s 1� . For v v10 1000 km sd A

1� � � , the phase space
plot, one-dimensional shock structures, the velocity distribution,
and energy spectra are similar to those of this simulation for
v v30 1000 km sd A

1� � � , but the large magnetic field ampli-
fication is not observed. For v v30 2000 km sd A

1� � � , the
phase space plot, one-dimensional shock structures, the velocity
distribution, and energy spectra are similar to those of our
previous simulation for v v10 2000 km sd A

1� � � , and mag-
netic fields are slightly amplified. Therefore, only magnetic fields
strongly depend on the Alfvén Mach number of shocks and
others strongly depend on the shock velocity. All results should
depend on other parameters (ionization fraction, electron
temperature, and magnetic field orientation). Systematic studies
will address this in future works.
In this paper, we use artificially large cross-sections of

charge exchange and collisional ionization in order to reduce
the ionization length scale and timescale. For actual SNR
shocks, the length scale of a neutral precursor region becomes
larger than that of our simulations. Then the size of turbulent
regions would be larger than those for this simulation, and the
second order acceleration would become important (Ohira
2013a). The growth rates of instabilities in this simulation
might be artificially increased by a factor of 103. In actual SNR
shocks, the amplitudes of excited waves would be smaller than
those in this simulation because of several damping mechan-
isms. On the other hand, the Alfvén Mach number of actual
young SNRs is larger than that in this simulation; that is, the
free energy of leaking particles of realistic young SNRs is

Figure 4. Velocity distribution of hydrogen atoms (left) and energy spectra (right)
in the downstream region, c x c57, 700 72, 900pp pp- -X X ,t 2000 cp

1� 8� .
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Age 〜 1 day

部分電離プラズマ中を
伝播するSNR衝撃波
のhybrid simulation
(Ohira 16)．

p ⽰唆される「速度変化」は〜１０％．
最低限，これを識別する必要がある．

SNR(〜数kpc)にあるプラズマの〜１０％の
速度変化を判別せよ！

Challenging!



Supernova Remnant (SNR)

SNR 0509-67.5 (Chandra & HST)
Blue: 1.5 – 7.0 keV
Green: 0.2 – 1.5 keV
Red: Ha

γ-ray: electron or proton?

X-ray: ~TeV CR electrons
Supernova ejecta 

Ha: useful tracer of shock 
condition & physics．

From Chandra archival image

SNR shock は起源の第⼀候補
である．

Haは衝撃波周辺のプラズマ状態を反映し
て光る (e.g. Raymond 91 for review).



Hα emission from upstreamL148 LEE ET AL. Vol. 715

H
α

S
u

rf
ac

e
B

ri
gh

tn
es

s

−8 −6 −4 −2 0 2 4 6

Distance from the peak [′′]

precursor postshock

Shock Direction

Figure 3. Hα brightness profile across the shock normal extracted from cut 04. The bright narrow peak is believed to correspond to the emission from the narrow
region of the immediate postshock area. The emission extends up to 4′′ toward upstream, which is interpreted as emission from the shock precursor. The small bumps
in the profile (marked with small vertical bars) are likely the projection of other SFs.
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Figure 4. Hα brightness profiles across the shock normals in different regions
marked in Figure 2. The profiles are fitted with multiple components of toy
precursor models. The gray area represents the accumulated emission from all
models, and the solid lines represent emission from projected individual shocks.

around ∼0.′′3. A relatively large L of ∼2′′is found in cut 01,
but this is likely to be overestimated due to the much stronger
local curvature of the shock in this region. We also note that for
profiles in cuts 02 and 03, where the structure of the overlapping
shocks is quite complex, the fitted precursor parameters are
somewhat sensitive to the assumed baseline and also the number
of shock components. These can cause ∼20%–30% systematic
uncertainties on the fitted parameters.

We now consider a more realistic precursor model that
assumes an exponential temperature profile (similar to the above
toy model) in the precursor. The model calculates the ionization
of hydrogen atoms throughout the shock and the emissivity of
Hα and Lyβ lines. The radiative transfer of the Lyβ line is
computed using the Monte Carlo technique to account for the
Hα enhancement by Lyβ trapping. The model has been utilized
by Wagner et al. (2009) to interpret the result of Lee07. We adopt
the parameters used in Wagner et al. (2009): the shock velocity of
2000 km s−1, the preshock density of 1 cm−3, and the preshock
neutral fraction of 0.85. More details of the model and the input
parameters can be found in Wagner et al. (2009). The extensive
discussion of the detailed modeling and associated uncertainties

is beyond the scope of this Letter, and here we simply present a
brief summary of the results. For cuts 02, 03, and 04, we estimate
peak temperatures in the precursor Tpeak = 80,000–100,000 K,
and the precursor length scale L = (5–7) × 1016 cm. As in
the toy model, a larger length scale is required for cut 01. The
estimated length scales of the precursor are generally larger than
those estimated from the simple toy model. This is because the
Hα emissivity is sensitive to the temperature, i.e., the emissivity
profile increases more rapidly than the temperature profile, thus
effectively reducing the length scale. We note that the precursor
parameters are in agreement with the results of Wagner et al.
(2009), while the length scale is slightly larger.

4. ORIGIN OF THE PRECURSOR

The existence of a thin precursor has been suggested from
previous observations. The spectral profiles of the Hα narrow
component trace the velocity distribution of the gas entering
the shocks, and those observed in SNRs have widths 40–60
km s−1 (e.g., Smith et al. 1994; Sollerman et al. 2003). This
is too large for the temperature of the ambient gas, as all the
hydrogen would have been ionized at the implied temperature
and no Balmer filament should exist. Instead, the observed
line width is suggested to represent the gas heated in the
precursor, which is thin enough for the preshock neutrals
not to be completely ionized. Also, the observed flux ratio
of the Hα broad component and the narrow component was
sometimes found to be smaller than what models predict (e.g.,
Ghavamian et al. 2003; Rakowski et al. 2009), and the excessive
narrow component emission was attributed to the contribution of
emission from the precursor (Ghavamian et al. 2001; Rakowski
et al. 2009).

The characteristics of the precursor revealed by our HST ob-
servations are consistent with results from previous observa-
tions. The peak temperature in the precursor may be relatively
higher than the temperature implied by the line width of the Hα
narrow component. However, the temperature we modeled is the
electron temperature, which might not be in equilibrium with
the neutral hydrogen atoms. Also, the velocity profiles of the
Hα emission could deviate from a Gaussian profile (Ghavamian
et al. 2001; Lee et al. 2007; Raymond et al. 2010), and a simple
line width may not be an adequate temperature indicator. Our
observations show that the emission from the precursor is a sig-
nificant contributor to the Hα narrow component. We estimate
that the precursor emission may contribute up to 30%–40%

Tycho’s SNR (Lee+2010)
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Figure 3. Hα brightness profile across the shock normal extracted from cut 04. The bright narrow peak is believed to correspond to the emission from the narrow
region of the immediate postshock area. The emission extends up to 4′′ toward upstream, which is interpreted as emission from the shock precursor. The small bumps
in the profile (marked with small vertical bars) are likely the projection of other SFs.
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Figure 4. Hα brightness profiles across the shock normals in different regions
marked in Figure 2. The profiles are fitted with multiple components of toy
precursor models. The gray area represents the accumulated emission from all
models, and the solid lines represent emission from projected individual shocks.
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ABSTRACT

We report on the results from Hα imaging observations of the eastern limb of Tycho’s supernova remnant (SN1572)
using the Wide Field Planetary Camera 2 on the Hubble Space Telescope. We resolve the detailed structure of the
fast, collisionless shock wave into a delicate structure of nearly edge-on filaments. We find a gradual increase of
Hα intensity just ahead of the shock front, which we interpret as emission from the thin (∼1′′) shock precursor. We
find that a significant amount of the Hα emission comes from the precursor and that this could affect the amount of
temperature equilibration derived from the observed flux ratio of the broad and narrow Hα components. The observed
Hα emission profiles are fit using simple precursor models, and we discuss the relevant parameters. We suggest
that the precursor is likely due to cosmic rays and discuss the efficiency of cosmic-ray acceleration at this position.

Key words: ISM: individual objects (G120.1+1.4) – ISM: supernova remnants– shock waves
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1. INTRODUCTION

The shock transition in fast astrophysical shocks is intrin-
sically a “collisionless” process, and energy is dissipated via
plasma turbulence and/or electromagnetic fields. An important
consequence of the collisionless nature of the shocks is cosmic-
ray acceleration (e.g., Blandford & Eichler 1987). While there
is increasing evidence of cosmic-ray acceleration in supernova
remnants (SNRs), the details of the process are still not well
understood, and the question of whether SNRs are the primary
acceleration sites of Galactic cosmic rays is still open (Butt
2009).

Cosmic-ray acceleration models require a precursor in which
accelerated particles can scatter back to the postshock region for
further acceleration. Observations of the cosmic-ray precursor
can constrain the two key parameters of acceleration models:
the diffusion coefficient and the injection efficiency (Blandford
& Eichler 1987; Boulares & Cox 1988). The Balmer-dominated
filaments that are produced when fast SNR shocks propagate
into partially neutral gas are potential sites where such a cosmic-
ray precursor can be observed. Most of the Balmer emission
comes from a very narrow zone behind the shock, where the
hydrogen atoms swept up by the shock are excited before
they are ionized (Chevalier & Raymond 1978; Chevalier et al.
1980). However, in the presence of the precursor, additional
Balmer emission is expected from the precursor region where
the preshock gas is compressed and heated. Using long-slit Hα
spectroscopy along the shock normal of a Balmer filament in
Tycho’s SNR, Lee et al. (2007, hereafter Lee07) found that
there is an increase of the Hα narrow component intensity in a
small region (∼0.′′4) ahead of the shock front (SF), which they
proposed as potential emission from the precursor. However, the
angular resolution of the observation by Lee07 is ∼0.′′5 and their
results needed to be verified with high-resolution observations.

In this Letter, we report Hα imaging observations of
Balmer-dominated filaments in Tycho’s SNR using the Wide

Field Planetary Camera 2 (WFPC2) on the Hubble Space
Telescope (HST), which resolves the detailed structure of the
shock. Section 2 presents the observations and reports the de-
tection of the precursor. The precursor is modeled in Section 3
and its characteristics are discussed in Section 4. Finally, in
Section 5, we discuss the efficiency of cosmic-ray acceleration
in this region.

2. OBSERVATIONS AND RESULTS

We observed the eastern limb of Tycho’s SNR using WFPC2
on HST. The observations were conducted on 2008 March 23,
with the camera arranged to cover knot g, one of the brightest Hα
filaments in the remnant (α2000, δ2000 = 00h25m52s, +64◦09′21′′).
A total of 10 exposures, each with 2600–2700 s, were obtained
using the F656N Hα filter, which has a central wavelength of
6564 Å. The filter has a bandwidth of 54 Å (∼2500 km s− 1),
which is comparable to the velocity width of the Hα broad
component in this region (Ghavamian et al. 2001), and transmits
about half of the broad component flux. Images are combined
and “drizzled” onto a 0.′′06 pixel− 1 scale using the IRAF task
multidrizzle (Fruchter & Hook 2002), which also detects and
removes cosmic rays. The point-spread function of the final
drizzled image has an FWHM of ∼0.′′18.

The full field observed with the HST is shown in Figure 1. The
brightest filaments, comprising the knot g region and associated
filaments, are seen on the WF3 chip, while fainter filaments
belonging to the northeastern limb of the SNR are visible
on the WF4 chip. The superb angular resolution of the HST
reveals details of the filaments not available from ground-based
telescopes. This is more clearly seen in Figure 2, where we
compare the close-up view of the knot g region to the image
observed with a ground-based telescope (CCD image obtained
at the KPNO 2.1 m telescope on 2007 October 4) at the same
scale. The HST image reveals a faint extension of the emission
toward upstream (to the east) along most of the bright part of

L146



CR precursor (see also Sollerman et al. 2003, reporting a hint
of the CR precursor from Kepler’s SNR). Therefore, it is
essential to accumulate observational information about CR
precursors by observing other Balmer-dominated shocks.

Balmer-dominated shocks in the Cygnus Loop offer a unique
opportunity for the study of thin precursors, thanks to its
proximity—it is the closest (d= 540 80

100
�
� pc: Blair et al. 2005)

among 11 SNRs (both in our Galaxy and the LMC) associated
with Balmer-dominated shocks, with 1″ corresponding to
2.6×10−3 pc. Recently, Medina et al. (2014) performed high-
resolution spectroscopy of a number of shocks along with
diffuse emission 2 5 ahead of northeastern (NE) shocks of the
Cygnus Loop. They found that Hα line widths in the diffuse
regions are as narrow as ∼29 km s−1, while Hα profiles of the
shocks themselves consist of broader narrow (∼36 km s−1) and
broad (∼250 km s−1) components. They suggested that the Hα
broadening of ∼29 km s−1 in the diffuse region is due to
photoionization, and speculated that the additional broadening
of the narrow component at the shock originates from a thin CR
precursor. Like Tycho’s Knot g (Lee et al. 2007), such a thin
precursor may be detected by spatially resolved spectroscopy
of the Balmer-dominated shock.

Here, we present high-resolution long-slit spectra which are
spatially resolved perpendicular to the best-studied Balmer-
dominated shock in the Cygnus Loop (Raymond et al. 1983;
Fesen & Itoh 1985; Long et al. 1992; Hester et al. 1994; Sankrit
et al. 2000; Blair et al. 2005; Katsuda et al. 2008; Medina
et al. 2014). Consistent with the previous optical spectroscopy
(Medina et al. 2014), we detect a diffuse precursor ahead of the
shock throughout the slit position. We find that the width of the
narrow component increases within an unresolved region at the
shock, which we attribute to heating by damping of Alfvén
waves in a CR precursor. We present our observations and
results in Section 2, and our interpretations in Section 3.

2. OBSERVATIONS AND RESULTS

We observed one of the brightest Balmer-dominated shocks
in the NE limb of the Cygnus Loop on 2015 August 31 using
the Subaru High Dispersion Spectrogram (HDS: Noguchi
et al. 2002). We use a long slit together with the Hα order-

blocking filter. The slit width is 1″, which gives a velocity
resolution of FWHM=9 km s−1. The slit was centered at (R.
A., decl.)=(20:56:04.8, +31:56:46.7) (J2000), with a position
angle of 46° measured north of east as shown in Figure 1(a).
This way, we investigate spatial variations of the line profile
along the shock normal, i.e., parallel to the shock motion. The
total exposure time was 6×30 minutes, which was reduced to
2.5 hr after rejecting one frame affected by fog. The spectrum
was binned by 2 pixels for both the dispersion axis and the slit
direction, so that the pixel scales after the binning were
0.0364Å pixel−1 and 0 276 pixel−1, respectively. The wave-
length range covered by this observation is 6515–6589Å. The
seeing was about 0 5. We performed a standard processing of
the Subaru data, including overscan correction, flat fielding,
and wavelength calibration based on the spectrum from a Th–
Ar lamp. We reject CR backgrounds by taking the median of
the four frames. In this processing, we utilize version 2.16 of
the IRAF software.12

Figure 1(b) shows a fully processed two-dimensional
spectrum of the Hα line, for which the x- and y-axis show
the wavelength and the slit position (top is to the NE),
respectively. The four blobs near the bottom correspond to the
Balmer-dominated shocks 1–4. Since we did not obtain a sky
background frame separately, we adopt the far upstream region
between two dotted horizontal lines in Figure 1(b) as our
background. The background-subtracted Hα intensity profiles
along the slit position are plotted in Figure 1(c), where the
black and red show the narrow and broad components,
respectively. The broad component arises immediately behind
the bright shocks, whereas the narrow component extends
ahead of them as indicated by arrows with “photoionization
precursor” in the plot (see below).
To investigate spatial variations of the Hα profile, we extract

one-dimensional spectra from 21 regions along the slit, as
indicated by a vertical scale bar in Figure 1(b). The regions are
divided such that brighter regions have smaller widths with a
minimum width of 2 pixels or 0 55. Figure 2 shows a
background-subtracted one-dimensional spectrum taken from

Figure 1. (a) Hα image of the Balmer-dominated shock in the Cygnus Loop obtained by the HST WFPC2 camera (Blair et al. 2005). The 1″×60″ slit of the Subaru
HDS is overlaid as a white rectangle. (b) Hα two-dimensional spectrum with the Subaru HDS. The vertical scale bar indicates spectral extraction regions, among
which the top region is used as our background. The spectrum in Figure 2 is extracted from the region marked by a horizontal arrow. (c) Background-subtracted Hα
profiles along the slit position. The narrow and broad components are taken from velocity ranges of vLSR∣ ∣ � 25 km s−1 and 25 km s−1 vLSR∣ ∣� � 125 km s−1,
respectively.

12 http://iraf.noao.edu/
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ABSTRACT

We present high-resolution long-slit spectroscopy of a Balmer-dominated shock in the northeastern limb of the
Cygnus Loop with the Subaru high dispersion spectrograph. By setting the slit angle along the shock normal, we
investigate variations of the flux and profile of the Hα line from preshock to postshock regions with a spatial
resolution of ∼4×1015 cm. The Hα line profile can be represented by a narrow (28.9± 0.7 km s−1) Gaussian in a
diffuse region ahead of the shock, i.e., a photoionization precursor, and narrow (33.1± 0.2 km s−1) plus broad
(130–230 km s−1) Gaussians at the shock itself. We find that the width of the narrow component abruptly increases
up to 33.1±0.2 km s−1, or 38.8±0.4 km s−1 if we eliminate projected emission originating from the
photoionization precursor, in an unresolved thin layer (4×1015 cm at a distance of 540 pc) at the shock. We
show that the sudden broadening can be best explained by heating via damping of Alfvén waves in a thin cosmic-
ray (CR) precursor, although other possibilities are not fully ruled out. The thickness of the CR precursor in the
Cygnus Loop (a soft gamma-ray emitter) is an order of magnitude thinner than that in Tycho’s Knot g (a hard
gamma-ray emitter), which may be caused by the different energy distribution of accelerated particles between the
two sources. In this context, systematic studies might reveal a positive correlation between the thickness of the CR
precursor and the hardness of the CR energy distribution.

Key words: acceleration of particles – ISM: individual objects (Cygnus Loop) – ISM: supernova remnants –
shock waves

1. INTRODUCTION

Supernova explosions produce strong shock waves propa-
gating into the interstellar medium (ISM). Whereas these
shocks are usually associated with bright optical forbidden
lines from metals (radiative shocks) and permitted lines from
hydrogen, a small subsample of supernova remnants (SNRs)
exhibit faint Balmer-dominated shocks which are characterized
by H lines and very weak forbidden lines from lowly ionized
metals (e.g., Raymond 2001; Heng 2010; Ghavamian
et al. 2013, for reviews). Diagnostics of the H line profile
have been used to probe “collisionless” shocks, where the
shock transition occurs effectively by collective interactions of
the plasma with the magnetic field rather than Coulomb
collisions. The H line profile behind a Balmer-dominated shock
consists of narrow and broad components. The narrow
component arises from collisional excitation of cold neutrals
that pass through the shock, and the broad component arises
from collisional excitation and cascading processes of hot
neutrals that are created by charge exchange (CX) reactions
between hot downstream protons heated at the shock and the
cold neutrals unaffected by the shock transition region
(Chevalier et al. 1980; Ghavamian et al. 2001). Therefore,
the widths of the narrow and broad components should reflect

temperatures of unshocked neutrals and shocked protons,
respectively.
It has been a long-standing problem that the widths of the

narrow component, FWHMs ∼30–50 km s−1, are broader than
the thermal width expected in the ISM, roughly 21 (T/
104 K)0.5 km s−1 (e.g., Sollerman et al. 2003). Although the
broadening can be partly due to heating by a photoionization
precursor from postshock emission such as He II λ304 (e.g.,
Ghavamian et al. 2000), this effect is insufficient to explain
quantitatively the width observed. Various possibilities have
been considered in the interpretation of the nature of the
additional broadening (Hester et al. 1994; Smith et al. 1994).
Of these, the most likely is a cosmic-ray (CR) precursor, in
which the gas is heated by damping of Alfvén/sound waves
emitted by CRs and/or is disturbed by Alfvén wave turbulence.
Lee et al. (2007, 2010) discovered a possible CR precursor
associated with a Balmer-dominated shock at the eastern edge
(Knot g: Kamper & van den Bergh 1978) in Tycho’s SNR,
where both the intensity and width of the Hα line gradually
increases within a thin (∼1016 cm) region ahead of the shock.
Wagner et al. (2009) showed that the precursor can heat the gas
by damping of sound waves from CRs via an acoustic
instability. So far, it is the only known example of a promising
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CR precursor (see also Sollerman et al. 2003, reporting a hint
of the CR precursor from Kepler’s SNR). Therefore, it is
essential to accumulate observational information about CR
precursors by observing other Balmer-dominated shocks.

Balmer-dominated shocks in the Cygnus Loop offer a unique
opportunity for the study of thin precursors, thanks to its
proximity—it is the closest (d= 540 80

100
�
� pc: Blair et al. 2005)

among 11 SNRs (both in our Galaxy and the LMC) associated
with Balmer-dominated shocks, with 1″ corresponding to
2.6×10−3 pc. Recently, Medina et al. (2014) performed high-
resolution spectroscopy of a number of shocks along with
diffuse emission 2 5 ahead of northeastern (NE) shocks of the
Cygnus Loop. They found that Hα line widths in the diffuse
regions are as narrow as ∼29 km s−1, while Hα profiles of the
shocks themselves consist of broader narrow (∼36 km s−1) and
broad (∼250 km s−1) components. They suggested that the Hα
broadening of ∼29 km s−1 in the diffuse region is due to
photoionization, and speculated that the additional broadening
of the narrow component at the shock originates from a thin CR
precursor. Like Tycho’s Knot g (Lee et al. 2007), such a thin
precursor may be detected by spatially resolved spectroscopy
of the Balmer-dominated shock.

Here, we present high-resolution long-slit spectra which are
spatially resolved perpendicular to the best-studied Balmer-
dominated shock in the Cygnus Loop (Raymond et al. 1983;
Fesen & Itoh 1985; Long et al. 1992; Hester et al. 1994; Sankrit
et al. 2000; Blair et al. 2005; Katsuda et al. 2008; Medina
et al. 2014). Consistent with the previous optical spectroscopy
(Medina et al. 2014), we detect a diffuse precursor ahead of the
shock throughout the slit position. We find that the width of the
narrow component increases within an unresolved region at the
shock, which we attribute to heating by damping of Alfvén
waves in a CR precursor. We present our observations and
results in Section 2, and our interpretations in Section 3.

2. OBSERVATIONS AND RESULTS

We observed one of the brightest Balmer-dominated shocks
in the NE limb of the Cygnus Loop on 2015 August 31 using
the Subaru High Dispersion Spectrogram (HDS: Noguchi
et al. 2002). We use a long slit together with the Hα order-

blocking filter. The slit width is 1″, which gives a velocity
resolution of FWHM=9 km s−1. The slit was centered at (R.
A., decl.)=(20:56:04.8, +31:56:46.7) (J2000), with a position
angle of 46° measured north of east as shown in Figure 1(a).
This way, we investigate spatial variations of the line profile
along the shock normal, i.e., parallel to the shock motion. The
total exposure time was 6×30 minutes, which was reduced to
2.5 hr after rejecting one frame affected by fog. The spectrum
was binned by 2 pixels for both the dispersion axis and the slit
direction, so that the pixel scales after the binning were
0.0364Å pixel−1 and 0 276 pixel−1, respectively. The wave-
length range covered by this observation is 6515–6589Å. The
seeing was about 0 5. We performed a standard processing of
the Subaru data, including overscan correction, flat fielding,
and wavelength calibration based on the spectrum from a Th–
Ar lamp. We reject CR backgrounds by taking the median of
the four frames. In this processing, we utilize version 2.16 of
the IRAF software.12

Figure 1(b) shows a fully processed two-dimensional
spectrum of the Hα line, for which the x- and y-axis show
the wavelength and the slit position (top is to the NE),
respectively. The four blobs near the bottom correspond to the
Balmer-dominated shocks 1–4. Since we did not obtain a sky
background frame separately, we adopt the far upstream region
between two dotted horizontal lines in Figure 1(b) as our
background. The background-subtracted Hα intensity profiles
along the slit position are plotted in Figure 1(c), where the
black and red show the narrow and broad components,
respectively. The broad component arises immediately behind
the bright shocks, whereas the narrow component extends
ahead of them as indicated by arrows with “photoionization
precursor” in the plot (see below).
To investigate spatial variations of the Hα profile, we extract

one-dimensional spectra from 21 regions along the slit, as
indicated by a vertical scale bar in Figure 1(b). The regions are
divided such that brighter regions have smaller widths with a
minimum width of 2 pixels or 0 55. Figure 2 shows a
background-subtracted one-dimensional spectrum taken from

Figure 1. (a) Hα image of the Balmer-dominated shock in the Cygnus Loop obtained by the HST WFPC2 camera (Blair et al. 2005). The 1″×60″ slit of the Subaru
HDS is overlaid as a white rectangle. (b) Hα two-dimensional spectrum with the Subaru HDS. The vertical scale bar indicates spectral extraction regions, among
which the top region is used as our background. The spectrum in Figure 2 is extracted from the region marked by a horizontal arrow. (c) Background-subtracted Hα
profiles along the slit position. The narrow and broad components are taken from velocity ranges of vLSR∣ ∣ � 25 km s−1 and 25 km s−1 vLSR∣ ∣� � 125 km s−1,
respectively.

12 http://iraf.noao.edu/
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Figure 2. The polarization degree of scattered H α at the line centre. Note
that we consider only the transition from 3p3/2 to 2s1/2 here. The solid
line is the case of a uniform, isotropically emitting medium in which the
intensity of Ly β is given by equation (20). The dots represent the case of
an anisotropic radiation field modelling the SNR shock. Here we set Iν, B =
10S ν in equation (29).

the radiation field is quite anisotropic at the shock (e.g. fig. 7 of
Shimoda & Laming 2019). This situation may be modelled by

I (i)
ν,µ = Iν,Be− τν

|µ| + Sν(1 − e− τν
|µ| ), (28)

where Iν,B is the µ-independent intensity of Ly β from the down-
stream region, and τ ν is now the optical depth outside the shock.
Then, the polarization degree becomes

Q(s)
ν

I
(s)
ν

=
(
Iν,B − Sν

)
(3A(τν) − 9B(τν))

16Sν +
(
Iν,B − Sν

)
(17A(τν) − 3B(τν))

. (29)

Fig. 2 shows the case of Iν,B = 10S ν (see dots), giving ‘negative’
polarization. Note that if the value of S ν is absolutely equal to zero,
the polarization degree becomes −0.43 at τ ν → ∞. In other words,
if S ν has a very small but finite value, the degree becomes zero at
which Iν,Be− τν

µ ≪ Sν . Hence, in actual SNR shocks, H α can have
a sizable, ‘negative’ polarization degree in the upstream region.

For the CR modified shock, the upstream hydrogen atoms can
be decelerated before entering the shock front as a consequence of
charge-exchange reactions with decelerated protons. This ‘deceler-
ation’ is measured in the shock rest frame. In the observer rest frame
(far upstream rest frame), the particles are accelerated towards the
far upstream region where the CR back reactions cease. Thus, the
atoms in the far upstream region ‘see’ blueshifted Ly β radiated
by the decelerated atoms. As a result, the optical depth depends
strongly on the direction cosine µ. Because the Ly β incident from
µ ≈0 are seen as not shifted, the scattering of the µ ≈0 photons
becomes dominant, giving a ‘positive’ polarization.

In actual SNR shocks, unfortunately, the radiation line transfer
problem including the polarization is quite complex even if there is
no shock modification. Hence, using the latest radiative line transfer
model of SNR shocks constructed by Shimoda & Laming (2019)
and making several simplifications, we estimate the polarization of
H α for both cases of modified/unmodified shock in this paper.

3 M O D EL

We estimate the polarization of H α from the upstream region of
SNR shocks with fixed shock velocity, Vsh = 4000 km s−1, far
upstream temperature, T0 = 6000 K, and pre-shock ionization
degree, χ0 = 0.5, for the following three cases: (i) no particles
leaking to the upstream region which is the same situation as in

Figure 3. Schematic illustration of the shock models considered in this
paper. The vertical axis shows the velocities of hydrogen atoms and protons
measured in the shock rest frame. The horizontal axis is the z-axis. The
shock (or sub-shock for the modified shock case) is located at z = 0. The
solid lines indicate the cases of no velocity modification, while the broken
lines indicate the case of the modified shocks. The orange lines are the mean
velocity of protons and the black lines are the mean velocity of hydrogen
atoms, respectively. The precursor front is located at z = zpre at which the
electrons are heated up to 106 K and the protons are being decelerated to
have a mean velocity of 0.95Vsh. Some of hydrogen atoms having the same
bulk velocity as the protons emerge from charge-exchange reactions.

Shimoda & Laming (2019), (ii) an electron heating precursor with
temperature of 106 K due to CRs but no velocity modifications
following Laming et al. (2014), (iii) in addition to the electron
heating precursor, there are decelerated protons, but with no proton
heating. Fig. 3 summarizes these three cases. We assume that
the velocity modification is 5 per cent of Vsh (i.e. 200 km s−1)
and that the downstream values are given by usual the Rankine–
Hugoniot relations for simplicity. Note that the downstream electron
temperature is fixed at 10 per cent of proton temperature (Te ≃
3 keV).

In the radiation line transfer model of Shimoda & Laming (2019),
the shock geometry is the same as in Fig. 1. For the radiation
transfer problem, they set the two free escape boundaries for
photons upstream and downstream of the shock. The plasma they
consider consists of protons, electrons and hydrogen atoms. Note
that bremsstrahlung radiation, emission from the SNR ejecta, and
any other external radiation sources are neglected. The excitation
levels of hydrogen atom are considered up to 4f. Their model did
not consider the existence of a precursor. Therefore, we additionally
solve the ionization structure of hydrogen for the precursor cases.

For case (ii), with only an electron heating precursor, we solve
the ionization structure of the upstream hydrogen in the shock rest
frame with the following equations

∂n0
H

∂z
= −n0

H
CI

Vsh
, (30)

and

∂np

∂z
= n0

H
CI

Vsh
, (31)

where n0
H is the number density of hydrogen atoms that have not

experienced the charge-exchange reactions. The number density of
protons is np and CI is the ionization rate. For the modified shock
case (iii), the ionization structure in the precursor region is given
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Figure 2. The polarization degree of scattered H α at the line centre. Note
that we consider only the transition from 3p3/2 to 2s1/2 here. The solid
line is the case of a uniform, isotropically emitting medium in which the
intensity of Ly β is given by equation (20). The dots represent the case of
an anisotropic radiation field modelling the SNR shock. Here we set Iν, B =
10S ν in equation (29).

the radiation field is quite anisotropic at the shock (e.g. fig. 7 of
Shimoda & Laming 2019). This situation may be modelled by

I (i)
ν,µ = Iν,Be− τν

|µ| + Sν(1 − e− τν
|µ| ), (28)

where Iν,B is the µ-independent intensity of Ly β from the down-
stream region, and τ ν is now the optical depth outside the shock.
Then, the polarization degree becomes
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Fig. 2 shows the case of Iν,B = 10S ν (see dots), giving ‘negative’
polarization. Note that if the value of S ν is absolutely equal to zero,
the polarization degree becomes −0.43 at τ ν → ∞. In other words,
if S ν has a very small but finite value, the degree becomes zero at
which Iν,Be− τν

µ ≪ Sν . Hence, in actual SNR shocks, H α can have
a sizable, ‘negative’ polarization degree in the upstream region.

For the CR modified shock, the upstream hydrogen atoms can
be decelerated before entering the shock front as a consequence of
charge-exchange reactions with decelerated protons. This ‘deceler-
ation’ is measured in the shock rest frame. In the observer rest frame
(far upstream rest frame), the particles are accelerated towards the
far upstream region where the CR back reactions cease. Thus, the
atoms in the far upstream region ‘see’ blueshifted Ly β radiated
by the decelerated atoms. As a result, the optical depth depends
strongly on the direction cosine µ. Because the Ly β incident from
µ ≈0 are seen as not shifted, the scattering of the µ ≈0 photons
becomes dominant, giving a ‘positive’ polarization.

In actual SNR shocks, unfortunately, the radiation line transfer
problem including the polarization is quite complex even if there is
no shock modification. Hence, using the latest radiative line transfer
model of SNR shocks constructed by Shimoda & Laming (2019)
and making several simplifications, we estimate the polarization of
H α for both cases of modified/unmodified shock in this paper.

3 M O D EL

We estimate the polarization of H α from the upstream region of
SNR shocks with fixed shock velocity, Vsh = 4000 km s−1, far
upstream temperature, T0 = 6000 K, and pre-shock ionization
degree, χ0 = 0.5, for the following three cases: (i) no particles
leaking to the upstream region which is the same situation as in

Figure 3. Schematic illustration of the shock models considered in this
paper. The vertical axis shows the velocities of hydrogen atoms and protons
measured in the shock rest frame. The horizontal axis is the z-axis. The
shock (or sub-shock for the modified shock case) is located at z = 0. The
solid lines indicate the cases of no velocity modification, while the broken
lines indicate the case of the modified shocks. The orange lines are the mean
velocity of protons and the black lines are the mean velocity of hydrogen
atoms, respectively. The precursor front is located at z = zpre at which the
electrons are heated up to 106 K and the protons are being decelerated to
have a mean velocity of 0.95Vsh. Some of hydrogen atoms having the same
bulk velocity as the protons emerge from charge-exchange reactions.

Shimoda & Laming (2019), (ii) an electron heating precursor with
temperature of 106 K due to CRs but no velocity modifications
following Laming et al. (2014), (iii) in addition to the electron
heating precursor, there are decelerated protons, but with no proton
heating. Fig. 3 summarizes these three cases. We assume that
the velocity modification is 5 per cent of Vsh (i.e. 200 km s−1)
and that the downstream values are given by usual the Rankine–
Hugoniot relations for simplicity. Note that the downstream electron
temperature is fixed at 10 per cent of proton temperature (Te ≃
3 keV).

In the radiation line transfer model of Shimoda & Laming (2019),
the shock geometry is the same as in Fig. 1. For the radiation
transfer problem, they set the two free escape boundaries for
photons upstream and downstream of the shock. The plasma they
consider consists of protons, electrons and hydrogen atoms. Note
that bremsstrahlung radiation, emission from the SNR ejecta, and
any other external radiation sources are neglected. The excitation
levels of hydrogen atom are considered up to 4f. Their model did
not consider the existence of a precursor. Therefore, we additionally
solve the ionization structure of hydrogen for the precursor cases.

For case (ii), with only an electron heating precursor, we solve
the ionization structure of the upstream hydrogen in the shock rest
frame with the following equations

∂n0
H

∂z
= −n0

H
CI

Vsh
, (30)

and

∂np

∂z
= n0

H
CI

Vsh
, (31)

where n0
H is the number density of hydrogen atoms that have not

experienced the charge-exchange reactions. The number density of
protons is np and CI is the ionization rate. For the modified shock
case (iii), the ionization structure in the precursor region is given
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We solve 3 cases:

1. No precursor（流体⼒学的な衝撃波）
2. 電⼦加熱あり,減速なし(electron heating precursor)

3. 電⼦加熱あり,減速あり (Cosmic-Ray Modified Shock)
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Figure 1. Schematic illustrations of the SNR shock. (a): The shock is axially
symmetric to the z-axis. The x-y plane corresponds to the shock surface.
The red arrows indicate the photon ray, which makes the angle θ with the
z-axis. The upstream side is z < 0, while the downstream side is z > 0. Two
broken lines at z = zout and z = zin represent the free-escape boundaries
of photons for the upside and the downside, respectively. (b): The curves
with colors black, blue and orange indicate the number density of narrow
hydrogen atoms, broad hydrogen atoms and protons, respectively. Here we
assume that there is no leaky particles to the upstream region. The red
arrows represent the ray of scattered photons, which escape from the shock
by crossing the outer/inner boundary.

structure of ‘narrow’ hydrogen atoms, which can be well approx-
imated by the classical model. Moreover, we consider only the
hydrogen line emissions and ignore the bremsstrahlung radiation,
thermal emissions from the SNR ejecta, external radiation sources
and so on for simplicity. Thus, our model predicts somewhat smaller
number of the 2s-state hydrogen atoms than the realistic SNR shock.
In Section 2, we formulate the radiative line transfer problem for the
SNR shock. In Section 3, we present the results of atomic popula-
tion. In Section 4, we consider how the hydrogen lines are observed
based on the results of atomic population. Finally, we summarize
our results.

2 FORMULATION OF LINE TRANSFER
The line transfer problem is reviewed in several literatures (e.g.
Castor 2004). We apply their formulation to the problem for the
SNR shocks propagating into pure atomic hydrogen plasma, which
consist of hydrogen atoms (denoted ’H’), protons (’p’) and electrons
(’e’). The shock is set to be stationary, axially symmetric to z-axis,
plane-parallel to x-y plane and located at z = 0 (see, Fig. 1a). We
set two free-escape boundaries for photons at the upside (z = zout)
and downside (z = zin) of the shock. For simplicity, we assume that
there is no leaky particles to the upstream region and the radiation
filed consists of only the line emissions (i.e. bremsstrahlung radia-
tion, emission from the SNR ejecta and any other external radiation
sources are neglected). Moreover, we assume the temperature equi-

librium for the upstream plasma and fix the upstream temperature
as T0 = 6000 K for simplicity.

Firstly, we describe the ionization structure of hydrogen atoms.
Let nN

H, j be the number density of ’narrow’ hydrogen atoms, which
have not experienced the charge-exchange reactions, while nB

H, j
be the number density of ’broad’ hydrogen atoms emerged by the
charge-exchange reactions. Obviously, we have the relation nH, j =
nN

H, j+nB
H, j . Fig. 1b is schematic illustration of the spatial distribution

of particles. We consider that the partially ionized plasma flows from
the far upstream region (z < zout) and presume that they are in the
ionization equilibrium. Hence, we set the boundary conditions as
nN

H,1s(z < 0) = nN
H,1s(zout), nB

H,1s(z < 0) = 0 and np(z < 0) =
np(zout), where np is the number density of proton. At the shock
(z = 0), we assume the jump conditions as

np(0) = 4np(zout), (6)

u2 =
Vsh
4 , (7)

kBTp =
3
16 µ

′mpVsh
2 (8)

Te = βTp (9)

where Vsh is the shock velocity, kB is the Boltzmann constant and
mp is the proton mass. Tp and Te are the downstream temperatures of
proton and electron, respectively. µ′ is the effective mean molecular
weight, which is defined as

µ′ = 1 −
(
1 − µ′⊙

) β − me
mp

µ′⊙ + (1 − µ′⊙)β −
me
mp

, (10)

where µ′⊙ = 0.62 and me is the electron mass (see Shimoda et al.
2018, for detail). Note that the number density of downstream proton
is function of z, while u2, Tp and Te are constant. In the following,
we neglect the recombination rate ∼ 10−14 s−1 cm−3, which is
very smaller than any other rates. Moreover, we assume nH, j!1s ≪
nH,1s (see Eq. (4)). We will address these assumptions later. Then,
the spatial distribution of narrow hydrogen atoms is given by

∂nN
H,1s
∂z

= −nN
H,1s

CI,N + CCX,N
Vsh

, (11)

where we define the collisional ionization rate,

CI,N =
∑

q={e,p}
nq

∫
f N
H fq∆vqσI

qd3vHd3vq, (12)

and the charge-exchange rate,

CCX,N = np

∫
f N
H fp∆vpσCXd3vHd3vp. (13)

nq is the number density of particle q. vq and vH denote the velocity
vectors of particle q and hydrogen atom, respectively. ∆vq ≡

%%vH −
vq

%% is the relative velocity between the hydrogen atom and particle
q. σI

q is the ionization cross-section by the collision with particle
q and σCX is the total cross-section of charge-exchange reactions.1
We assume the velocity distribution function of narrow hydrogen
atoms as

f N
H =

(
mH

2πkBT0

) 3
2

exp
[
−mH (vH − Vsh)2

2kBT0

]
, (14)

1 We omit rates of collisions between hydrogen atoms, which are small
compared with the rates by proton/electron collisions because of no shock
compression.

MNRAS 000, 1–13 (2018)

Parameters:
① 衝撃波速度 Vsh

② 上流の個数密度 ntot,0

③ 電離度（proton fraction） χ0

④ 下流の陽⼦温度 Tdown

⑤ 下流の電⼦温度 Te=βTdown

Pure hydrogen plasma.
励起準位は4fまで解かれている．

(SJ & Laming 19a)
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Figure 4. The ionization structure of the hydrogen atoms. The blue, red,
and black lines indicate the cases of no precursor (i), only the electron
heating precursor (ii), and the electron heating precursor with decelerated
protons (iii), respectively. The solid lines are the number density of hydrogen
atoms that have not experienced a charge-exchange reaction in the precursor
region, n0

H. The broken line is the number density of hydrogen atoms that
have experienced a charge-exchange reaction with the decelerated protons in
the precursor region, n1

H. The vertical thin lines at ntot, 0z≃−27 × 1015 cm−2

and ntot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the
shock front, respectively.

by

∂n0
H

∂z
= −n0

H
CI + CCX

Vsh
, (32)

∂n1
H

∂z
= n0

HCCX − n1
HCI

u1
, (33)

and
∂np

∂z
=

(
n0

H + n1
H

) CI

u1
, (34)

where n1
H is the number density of hydrogen atoms that have experi-

enced charge-exchange reactions with the decelerated protons. The
bulk velocity of the decelerated protons and that of the hydrogen
atoms having undergone charge-exchange reactions is u 1. The rate
of charge-exchange reactions for the relative velocity of 200 km s−1

is CCX ≃ 4.59 × 10−8(np/1 cm−3) s−1 (Janev & Smith 1993;
Janev, Reiter & Samm 2003). In the following, the total number
density of hydrogen atoms is denoted as nH = n0

H + n1
H. Note that

n1
H = 0 for the cases (i) and (ii) because there are no decelerated

protons. The ionization structure of the downstream region is given
by the same formulations as in Shimoda & Laming (2019). Note
that the velocity distribution function of all particles are shifted
Maxwellians. Fig. 4 shows the ionization structure of hydrogen.
The results are normalized by the total number density ntot, 0 = np +
nH. Here we set the precursor front at ntot,0zpre = 0.14Vsh/C̃I, where
C̃I = CI/np ≃ 2.15 × 10−9 cm3 s−1 is estimated for Te = 106 K.
The hydrogen atoms in the precursor region are modestly ionized by
the heated electrons but most of them experience charge-exchange
reactions with the decelerated protons (ntot, 0zpre ≃ 3npVsh/CCX).

In order to constrain the velocity modification of shock via the H α

emission, the length-scale of modification zpre has to be sufficiently
larger than the characteristic length of the spatial distribution of the
decelerated hydrogen atoms emerging from the charge-exchange
reaction with the decelerated protons, Vsh/CCX("Vsh), where "Vsh

≃ 200 km s−1 is the relative velocity of collision particles. In
this paper, we show the case of zpre ≃ 3(np/ntot, 0)Vsh/CCX. If
the modification comes from CRs accelerated at the shock, the

length-scale of modification can be given by their diffusion length
ldiff ∼ D(E)/Vsh, where D and E are the CR diffusion coefficient
and energy, respectively. Thus, from the observational condition
ldiff ! 3(np/ntot,0)Vsh/CCX, we obtain

D(E) ! 1.05 × 1025 cm−2 s−1
(

Vsh

4000 km s−1

)2

×
( ntot,0

1 cm−3

)−1
(

"Vsh

200 km s−1

)−1

, (35)

where we approximate

CCX

np
≈ 4.59 × 10−8 cm3 s−1

(
"Vsh

200 km s−1

)
.

The diffusion coefficient for the interstellar medium, DISM(1 GeV)
∼ 1028 cm2 s−1, satisfies this condition. When magnetic distur-
bances are excited around an SNR shock, we cannot currently derive
the relevant diffusion coefficient. If we suppose the simplest case,
D(E) ≃ ξBrg(E)c/3, where rg is the gyro radius of CR and ξB

> 1 is the gyro factor characterized by the energy spectrum of
magnetic disturbances, we obtain a lower bound for the CR energy
E responsible for the velocity modification of

E ! 33 TeV
1
ξB

×
(

B

100 µG

)(
Vsh

4000 km s−1

)2

×
( ntot,0

1 cm−3

)−1
(

"Vsh

200 km s−1

)−1

. (36)

Note that this estimate of E is based on the coefficient at the
Bohm limit, D(E) ≃ rg(E)c/3, that gives the shortest diffusion
length for a given E. For Tycho’s SNR, it is implied by the two-
point correlation analysis of synchrotron intensity that the energy
spectrum of downstream magnetic disturbances has a Kolmogorov-
like scaling (Shimoda et al. 2018b).4 If this is also true for the
upstream disturbances, the gyro factor ξB may be greater than unity
and the lower bound of E may be smaller than 33 TeV. Note that
the acceleration efficiency of CRs can be measured simultaneously
by polarimetry of the downstream H α emission (Shimoda et al.
2018a).

We calculate the atomic populations in the same manner as
Shimoda & Laming (2019). Then, we obtain the emissivity of H α

as

jν,µ = hν

4π

(
nH,3sA3s,2pφ

3s,2p
ν,µ + nH,3pA3p,2sφ

3p,2s
ν,µ

+ nH,3dA3d,2pφ
3d,2p
ν,µ

)
, (37)

where nH, k denotes the number density of hydrogen atoms in the
excited state k. The spontaneous transition rate and line profile
function for the transition from k to j are given by Ak, j and φk,j

ν,µ,
respectively (see Shimoda & Laming 2019, for details). Here we
omit the term for the two-photon decay. This emissivity gives the

4Roy et al. (2009) analysed the synchrotron correlation in the SNR Cas A but
they did not take sufficient care of the effects of SNR geometry that are the
bottleneck in this type of analysis (see e.g. Shimoda et al. 2018b). Note that
to analyse the synchrotron correlation, Roy et al. (2009) used interferometric
data directly (i.e. the data are represented in the Fourier space), a different
approach to that of Shimoda et al. (2018b). If we removed the geometrical
effects from such an analysis method, we could obtain the energy spectra
in the Fourier space. In any way, it has been suggested that the magnetic
energy spectrum can be measured in principle.
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Results: Radiative vs. Collisional Cosmic ray modified shock polarimetry 2729

Figure 5. Radiative excitation rate for the transition from 1s to 3p (solid
lines) and total collisional excitation rate for the transitions from 1s
to 3s, 3p, and 3d (dots). The blue, red, and black lines indicate the
cases of no precursor (i), only an electron heating precursor (ii), and
the electron heating precursor with decelerated protons (iii), respectively.
The vertical thin lines at n tot, 0z ≃ −27 × 1015 cm−2 and n tot, 0z ≃
0 cm−2 indicate the locations of the precursor front and the shock front,
respectively.

total intensity of H α including all contributions such as collisional
excitation, radiative excitation, and cascades from higher levels (up
to 4f in our model). Almost all radiative excitation comes from the
absorption of Ly β, which populates n H, 3p. Fig. 5 shows the radiative
rate for the transition from 1s to 3p and the total collisional rate of
the transitions from 1s to 3s, 3p, and 3d. The radiative excitation
dominates over the collisional excitation in the upstream region
because the Lyman lines are trapped. Thus, in the upstream region,
most of H α photons arise from the Ly β–H α conversion. In this
paper, for calculating the Stokes Q of H α, we approximate that all
of the 3p-state hydrogen atoms arise from Ly β absorption. Hence,
we obtain

nH,3p = nH,3p3/2 + nH,3p1/2 ≈
(

1 +
f1s,3p1/2

f1s,3p3/2

)
nH,3p3/2 , (38)

where f1s,3p1/2 = 0.026381 and f1s,3p3/2 = 0.052761 are the oscil-
lator strengths for the transitions from 1s to 3p1/2 and to 3p3/2,
respectively (Wiese & Fuhr 2009). Since we suppose the optically
thin limit for H α, the Stokes I of the scattered H α is given by
I (s)
ν = j

3p3/2,2s
ν,0 L, where L is a path-length along the line of sight and

jk,j
ν,µ is the emissivity for the transition from k to j. Note that our

line of sight is fixed along the y-axis (µ = 0). Thus, we obtain the
normalization factor of the Rayleigh scattering as

NR =
hν
4π nH,3p3/2A3p,2sφ

3p,2s
ν,µ L

∫ 1
−1 I

(i)
ν,µ

(
17
16 − 3

16 µ2
)

dµ
. (39)

Here we estimate the intensity of Ly β in the scattering as

I (i)
ν,µ(z) = ILyβ

ν,µ (z)exp
[
−kν,µ(z)%z

|µ|

]
, (40)

where kν, µ is the absorption coefficient and ILyβ
ν,µ is the specific

intensity of Ly β. They are the outcome of the atomic population
calculations. The spatial resolution of our numerical calculation is
%z: kν, µ%z ≃ 0.08 at the far upstream region. The polarization

Figure 6. The polarization degree of H α. The blue, red, and black lines
indicate the cases of no precursor (i), only an electron heating precursor
(ii), and the electron heating precursor with decelerated protons (iii),
respectively. The vertical thin lines at n tot, 0z ≃ −27 × 1015 cm−2 and
n tot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the shock
front, respectively. Positive values correspond to polarization along the z-
axis, while negative values correspond to polarization along the x-axis. Note
that these results includes all of atomic levels and processes unlike the result
shown in Fig. 2.

degree of H α, finally, is written as

Q(s)
ν

Iν,0
=

NR
∫ 1

−1 I (i)
ν,µ

(
3
16 − 9

16 µ2
)

dµ

jν,0L

=
nH,3pA3p,2s

(
1 +

f1s,3p1/2
f1s,3p3/2

)−1

nH,3sA3s,2p + nH,3pA3p,2s + nH,3dA3d,2p

×
∫ 1

−1 ILy β
ν,µ e− kν,µ

|µ| %z
(

3
16 − 9

16 µ2
)

dµ
∫ 1

−1 I
Ly β
ν,µ e− kν,µ

|µ| %z
(

17
16 − 3

16 µ2
)

dµ
. (41)

Note that this polarization degree includes the effects of collisional
excitation, cascades from higher levels, and scattering in the case of
%j = 0 (transitions from 1s1/2 to 3p1/2 and subsequently to 2s1/2). In
particular, we assume that the precursor collisional excitation and
cascades yield completely unpolarized H α.

Fig. 6 shows the estimated polarization degree of H α in the
upstream region. Here the Stokes parameters are integrated over an
interval of frequency corresponding to the Doppler velocity range
−25 to 25 km s−1. As discussed in Section 2, the sign of Stokes
Q depends on the velocity modification. In the no precursor case
(i), the polarization degree is positive (≃2 per cent) in the region
close to the shock front where the optical depth of Ly β is small.
Then, the polarization becomes negative at optical depth ∼1. Since
the Ly β radiated from the downstream region in the direction of
µ ≈ −1 (along the z-axis) is not so attenuated compared to that
radiated along µ ≈ 0, the ‘photon beam’ is elongated along the
z-axis, giving a negative polarization in the region distant from
the shock. Note that the polarization at z ≃ −5 × 1016 cm is
affected by the photon free escape boundary. On the other hand,
in the simple electron heating precursor case (ii), the polarization
degree is modest (≃−1 per cent) in the precursor region. This is
because the electron heating precursor with no velocity modification
yields a uniform, isotropically emitting medium whose polarization
property is shown in Fig. 2. Note that the polarization degree
in front of the shock is ≃1 per cent in this case (the plots in
Fig. 6 overlap). In the modified shock case (iii), the polarization

MNRAS 489, 2723–2731 (2019)

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article-abstract/489/2/2723/5556955 by N
agoya U

niversity user on 30 O
ctober 2019

上流の3p3/2状態はLyβの吸収励起だけ
に由来する. →だいたいok



Results: Polarization of HaCosmic ray modified shock polarimetry 2729

Figure 5. Radiative excitation rate for the transition from 1s to 3p (solid
lines) and total collisional excitation rate for the transitions from 1s
to 3s, 3p, and 3d (dots). The blue, red, and black lines indicate the
cases of no precursor (i), only an electron heating precursor (ii), and
the electron heating precursor with decelerated protons (iii), respectively.
The vertical thin lines at n tot, 0z ≃ −27 × 1015 cm−2 and n tot, 0z ≃
0 cm−2 indicate the locations of the precursor front and the shock front,
respectively.

total intensity of H α including all contributions such as collisional
excitation, radiative excitation, and cascades from higher levels (up
to 4f in our model). Almost all radiative excitation comes from the
absorption of Ly β, which populates n H, 3p. Fig. 5 shows the radiative
rate for the transition from 1s to 3p and the total collisional rate of
the transitions from 1s to 3s, 3p, and 3d. The radiative excitation
dominates over the collisional excitation in the upstream region
because the Lyman lines are trapped. Thus, in the upstream region,
most of H α photons arise from the Ly β–H α conversion. In this
paper, for calculating the Stokes Q of H α, we approximate that all
of the 3p-state hydrogen atoms arise from Ly β absorption. Hence,
we obtain

nH,3p = nH,3p3/2 + nH,3p1/2 ≈
(

1 +
f1s,3p1/2

f1s,3p3/2

)
nH,3p3/2 , (38)

where f1s,3p1/2 = 0.026381 and f1s,3p3/2 = 0.052761 are the oscil-
lator strengths for the transitions from 1s to 3p1/2 and to 3p3/2,
respectively (Wiese & Fuhr 2009). Since we suppose the optically
thin limit for H α, the Stokes I of the scattered H α is given by
I (s)
ν = j

3p3/2,2s
ν,0 L, where L is a path-length along the line of sight and

jk,j
ν,µ is the emissivity for the transition from k to j. Note that our

line of sight is fixed along the y-axis (µ = 0). Thus, we obtain the
normalization factor of the Rayleigh scattering as

NR =
hν
4π nH,3p3/2A3p,2sφ

3p,2s
ν,µ L

∫ 1
−1 I

(i)
ν,µ

(
17
16 − 3

16 µ2
)

dµ
. (39)

Here we estimate the intensity of Ly β in the scattering as

I (i)
ν,µ(z) = ILyβ

ν,µ (z)exp
[
−kν,µ(z)%z

|µ|

]
, (40)

where kν, µ is the absorption coefficient and ILyβ
ν,µ is the specific

intensity of Ly β. They are the outcome of the atomic population
calculations. The spatial resolution of our numerical calculation is
%z: kν, µ%z ≃ 0.08 at the far upstream region. The polarization

Figure 6. The polarization degree of H α. The blue, red, and black lines
indicate the cases of no precursor (i), only an electron heating precursor
(ii), and the electron heating precursor with decelerated protons (iii),
respectively. The vertical thin lines at n tot, 0z ≃ −27 × 1015 cm−2 and
n tot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the shock
front, respectively. Positive values correspond to polarization along the z-
axis, while negative values correspond to polarization along the x-axis. Note
that these results includes all of atomic levels and processes unlike the result
shown in Fig. 2.

degree of H α, finally, is written as

Q(s)
ν

Iν,0
=

NR
∫ 1

−1 I (i)
ν,µ

(
3
16 − 9

16 µ2
)

dµ

jν,0L

=
nH,3pA3p,2s

(
1 +

f1s,3p1/2
f1s,3p3/2

)−1

nH,3sA3s,2p + nH,3pA3p,2s + nH,3dA3d,2p

×
∫ 1

−1 ILy β
ν,µ e− kν,µ

|µ| %z
(

3
16 − 9

16 µ2
)

dµ
∫ 1

−1 I
Ly β
ν,µ e− kν,µ

|µ| %z
(

17
16 − 3

16 µ2
)

dµ
. (41)

Note that this polarization degree includes the effects of collisional
excitation, cascades from higher levels, and scattering in the case of
%j = 0 (transitions from 1s1/2 to 3p1/2 and subsequently to 2s1/2). In
particular, we assume that the precursor collisional excitation and
cascades yield completely unpolarized H α.

Fig. 6 shows the estimated polarization degree of H α in the
upstream region. Here the Stokes parameters are integrated over an
interval of frequency corresponding to the Doppler velocity range
−25 to 25 km s−1. As discussed in Section 2, the sign of Stokes
Q depends on the velocity modification. In the no precursor case
(i), the polarization degree is positive (≃2 per cent) in the region
close to the shock front where the optical depth of Ly β is small.
Then, the polarization becomes negative at optical depth ∼1. Since
the Ly β radiated from the downstream region in the direction of
µ ≈ −1 (along the z-axis) is not so attenuated compared to that
radiated along µ ≈ 0, the ‘photon beam’ is elongated along the
z-axis, giving a negative polarization in the region distant from
the shock. Note that the polarization at z ≃ −5 × 1016 cm is
affected by the photon free escape boundary. On the other hand,
in the simple electron heating precursor case (ii), the polarization
degree is modest (≃−1 per cent) in the precursor region. This is
because the electron heating precursor with no velocity modification
yields a uniform, isotropically emitting medium whose polarization
property is shown in Fig. 2. Note that the polarization degree
in front of the shock is ≃1 per cent in this case (the plots in
Fig. 6 overlap). In the modified shock case (iii), the polarization

MNRAS 489, 2723–2731 (2019)

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article-abstract/489/2/2723/5556955 by N
agoya U

niversity user on 30 O
ctober 2019

The sign of degree indicates the polarization angle (Stokes Q).



Results: Polarization of Ha
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Figure 5. Radiative excitation rate for the transition from 1s to 3p (solid
lines) and total collisional excitation rate for the transitions from 1s
to 3s, 3p, and 3d (dots). The blue, red, and black lines indicate the
cases of no precursor (i), only an electron heating precursor (ii), and
the electron heating precursor with decelerated protons (iii), respectively.
The vertical thin lines at n tot, 0z ≃ −27 × 1015 cm−2 and n tot, 0z ≃
0 cm−2 indicate the locations of the precursor front and the shock front,
respectively.

total intensity of H α including all contributions such as collisional
excitation, radiative excitation, and cascades from higher levels (up
to 4f in our model). Almost all radiative excitation comes from the
absorption of Ly β, which populates n H, 3p. Fig. 5 shows the radiative
rate for the transition from 1s to 3p and the total collisional rate of
the transitions from 1s to 3s, 3p, and 3d. The radiative excitation
dominates over the collisional excitation in the upstream region
because the Lyman lines are trapped. Thus, in the upstream region,
most of H α photons arise from the Ly β–H α conversion. In this
paper, for calculating the Stokes Q of H α, we approximate that all
of the 3p-state hydrogen atoms arise from Ly β absorption. Hence,
we obtain

nH,3p = nH,3p3/2 + nH,3p1/2 ≈
(

1 +
f1s,3p1/2

f1s,3p3/2

)
nH,3p3/2 , (38)

where f1s,3p1/2 = 0.026381 and f1s,3p3/2 = 0.052761 are the oscil-
lator strengths for the transitions from 1s to 3p1/2 and to 3p3/2,
respectively (Wiese & Fuhr 2009). Since we suppose the optically
thin limit for H α, the Stokes I of the scattered H α is given by
I (s)
ν = j

3p3/2,2s
ν,0 L, where L is a path-length along the line of sight and

jk,j
ν,µ is the emissivity for the transition from k to j. Note that our

line of sight is fixed along the y-axis (µ = 0). Thus, we obtain the
normalization factor of the Rayleigh scattering as

NR =
hν
4π nH,3p3/2A3p,2sφ

3p,2s
ν,µ L

∫ 1
−1 I

(i)
ν,µ

(
17
16 − 3

16 µ2
)

dµ
. (39)

Here we estimate the intensity of Ly β in the scattering as

I (i)
ν,µ(z) = ILyβ

ν,µ (z)exp
[
−kν,µ(z)%z

|µ|

]
, (40)

where kν, µ is the absorption coefficient and ILyβ
ν,µ is the specific

intensity of Ly β. They are the outcome of the atomic population
calculations. The spatial resolution of our numerical calculation is
%z: kν, µ%z ≃ 0.08 at the far upstream region. The polarization

Figure 6. The polarization degree of H α. The blue, red, and black lines
indicate the cases of no precursor (i), only an electron heating precursor
(ii), and the electron heating precursor with decelerated protons (iii),
respectively. The vertical thin lines at n tot, 0z ≃ −27 × 1015 cm−2 and
n tot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the shock
front, respectively. Positive values correspond to polarization along the z-
axis, while negative values correspond to polarization along the x-axis. Note
that these results includes all of atomic levels and processes unlike the result
shown in Fig. 2.

degree of H α, finally, is written as

Q(s)
ν

Iν,0
=

NR
∫ 1

−1 I (i)
ν,µ

(
3
16 − 9

16 µ2
)

dµ

jν,0L

=
nH,3pA3p,2s

(
1 +

f1s,3p1/2
f1s,3p3/2

)−1

nH,3sA3s,2p + nH,3pA3p,2s + nH,3dA3d,2p

×
∫ 1

−1 ILy β
ν,µ e− kν,µ

|µ| %z
(

3
16 − 9

16 µ2
)

dµ
∫ 1

−1 I
Ly β
ν,µ e− kν,µ

|µ| %z
(

17
16 − 3

16 µ2
)

dµ
. (41)

Note that this polarization degree includes the effects of collisional
excitation, cascades from higher levels, and scattering in the case of
%j = 0 (transitions from 1s1/2 to 3p1/2 and subsequently to 2s1/2). In
particular, we assume that the precursor collisional excitation and
cascades yield completely unpolarized H α.

Fig. 6 shows the estimated polarization degree of H α in the
upstream region. Here the Stokes parameters are integrated over an
interval of frequency corresponding to the Doppler velocity range
−25 to 25 km s−1. As discussed in Section 2, the sign of Stokes
Q depends on the velocity modification. In the no precursor case
(i), the polarization degree is positive (≃2 per cent) in the region
close to the shock front where the optical depth of Ly β is small.
Then, the polarization becomes negative at optical depth ∼1. Since
the Ly β radiated from the downstream region in the direction of
µ ≈ −1 (along the z-axis) is not so attenuated compared to that
radiated along µ ≈ 0, the ‘photon beam’ is elongated along the
z-axis, giving a negative polarization in the region distant from
the shock. Note that the polarization at z ≃ −5 × 1016 cm is
affected by the photon free escape boundary. On the other hand,
in the simple electron heating precursor case (ii), the polarization
degree is modest (≃−1 per cent) in the precursor region. This is
because the electron heating precursor with no velocity modification
yields a uniform, isotropically emitting medium whose polarization
property is shown in Fig. 2. Note that the polarization degree
in front of the shock is ≃1 per cent in this case (the plots in
Fig. 6 overlap). In the modified shock case (iii), the polarization
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Figure 7. The surface brightness profile of H α. The blue, red, and black
lines indicate the cases of no precursor (i), only the electron heating
precursor (ii), and the electron heating precursor with decelerated protons
(iii), respectively. The vertical thin lines at ntot, 0z ≃ −27 × 1015 cm−2 and
ntot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the shock
front, respectively.

is positive with a degree of ≃ 5 per cent. The degree of attenuation
of Ly β photons radiated in the direction µ ≈ 1 depends on whether
the decelerated/non-decelerated atoms emit/absorb them, while the
photons radiated in the direction µ ≈ 0 are attenuated by the both
populations of atoms. Thus, the photons with µ ≈ 0 are efficiently
attenuated resulting in positive polarization.

Fig. 7 shows the surface brightness profiles of the frequency-
integrated Stokes I for the three cases. In the existence of a
precursor, cases (ii) and (iii), the emission from the upstream
region is bright and comparable to that from the downstream region.
Thus, in an actual observation, the polarization of such precursor
emission is detectable. Indeed, Sparks et al. (2015) discovered the
polarized H α with a polarization degree of 2.0 ± 0.4 per cent at
SNR SN 1006. Note that the precursor emissions were reported in
several cases in the literature (e.g. Lee et al. 2007; Katsuda et al.
2016; Knežević et al. 2017) although their origin is still a matter
of debate. Candidates for the origin of these precursor emissions
often discussed are the CR precursor, a photoionization precursor,
and a fast neutral precursor as the result of charge exchange
reactions (e.g. Morlino et al. 2012). In particular, by constructing
an H α emission model with a fast neutral precursor, Morlino et al.
(2012) showed that the fast neutral precursor can contribute up to
∼40 per cent of the total H α emission in the case of complete
proton–electron temperature equilibration and Vsh ≈ 2500 km s−1.
Note that the fast neutral precursor also leads to an upstream velocity
modification of ∼10 per cent of Vsh (Blasi et al. 2012; Ohira 2012)
for Vsh ! 2000 km s−1. For Vsh " 2000 km s−1, the modification
hardly occurs because of the rapid decrease of the charge-exchange
cross-section at relative velocities "2000 km s−1.

Fig. 8 is the ratio of the frequency-integrated Stokes I of H β to
that of H α. The ratio does not depend on the existence of a velocity
modification, in other words, the net optical depth of the Lyman
lines does not depend on the modification. This is also indicated
by Fig. 5. The reason is that both decelerated and non-decelerated
hydrogen atoms survive sufficiently in the precursor region for the
absorption of Lyman lines. Thus, the polarimetry of H α is a unique
diagnostic for the velocity modification of a shock that is one of the
essential predictions for collisionless shocks efficiently accelerating
non-thermal particles.

The intensity ratio of H β to H α (the so-called Balmer decrement)
is often discussed as a ratio in photon counts, which is obtained by

Figure 8. The Balmer decrement (total intensity ratio of H β to H α). The
blue, red, and black lines indicate the cases of no precursor (i), only the
electron heating precursor (ii), and the electron heating precursor with
decelerated protons (iii), respectively. The vertical thin lines at ntot, 0z ≃
−27 × 1015 cm−2 and ntot, 0z ≃ 0 cm−2 indicate the locations of the
precursor front and the shock front, respectively.

multiplying the intensity ratio by a factor of 0.74 (see Shimoda &
Laming 2019). Tseliakhovich, Hirata & Heng (2012) evaluated the
ratio in photon counts as ≃0.3 for the case of only proton direct
collisional excitation by assuming Delta-function distributions for
protons and hydrogen atoms. Note that this estimate does not
include the Lyman–Balmer conversions and cascades from higher
levels. Following Tseliakhovich et al. (2012), if we evaluate the
downstream ratio in photon counts including the electron direct
collisional excitation for a typical relative collision velocity of
≃3/4Vsh = 3000 km s−1, we obtain ≃0.38. Thus, the ratio at the edge
of downstream, ≃0.5 × 0.74 ≃ 0.37, may be almost determined by
the collisional excitation for typical relative velocities. Towards
the shock front, the ratio becomes smaller due to the Lyman–
Balmer conversions. Note that because the oscillator strength of
the transition from 1s to 3p is stronger than that to 4p, the Ly β–H α

conversion is more efficient than the Ly γ –H β conversion.

4 SU M M A RY A N D D I S C U S S I O N

We have shown that the polarimetry of H α can be a useful and
unique diagnostic of a CR modified shock. The H α emission
from the upstream region mainly originates from the Ly β–H α

conversion as a consequence of photon-scattering, even if there is an
electron heating precursor yielding collisional excitation. Therefore,
the upstream H α is linearly polarized with a polarization degree
of ∼ a few per cent. The polarization direction (angle) depends
strongly on whether there is a velocity modification. For the case
of no velocity modification, the polarization direction is parallel to
the shock surface. On the other hand, if there are velocity modified
hydrogen atoms generated by charge-exchange reactions with the
decelerated upstream protons, the direction is perpendicular to the
shock surface. Moreover, the upstream surface brightness of H α is
comparable to the downstream brightness. Furthermore, we have
shown that even if the velocity modification is just 5 per cent of Vsh,
the polarization of H α responds to the modification sensitively.
Hence, polarimetry of upstream H α may be realized that will
constrain the modification of the shock due to the CR back reactions
and bring new insights to particle acceleration in collisionless
shocks.

There is another diagnostic for the CR acceleration rate that is
often discussed. H α emission with full width at half-maximum
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Discovery of polarized Hα emission
@ bright filament of SN 1006 (Sparks+ 15)

electron–proton equilibration at the shock front, with β< 0.07.
They also conclude that the Lyβ optical depth is low,
τ(Lyβ)∼ 0.5.

Morlino et al. (2012) consider Balmer emission from
collisionless shocks in a partially ionized medium. For a shock
velocity of 3000 km s−1, they find that the ratio of flux from the

Figure 2. Upper, co-added spectra showing total intensity after basic reductions, and lower, same after subtraction of sky background showing strong Balmer
dominated shock spectrum. Lines visible are, right to left, Hα, Hβ, and Hγ.

Figure 3. Un-normalized spectra for Stokes I, Q, and U, each the total across a 2.5 arcsec spatial window centered on the bright filament rim and averaged over 18
individual sequences. Hence the total counts are ≈18× the y axis values. The Q and U plots have been lightly smoothed with a Gaussian of σ ≈ 0.37 nm.

Table 1
Polarimetry Results for Cores of Hα and Hβ Lines in the SN 1006 Remnant

SN 1006 Stokes I Q U p, pn
a θ

Hα 52201.2 663.4 +/−147.7 −64.9 +/−139 0.0128 +/−0.0028 143.7 +/−6.3
0.0197 +/− 0.0043

Hβ 12522.1 217.6 +/−107 −79.8 +/−107 0.0185 +/−0.0086 131.4 +/−13.2

Note.
a The polarization of the total narrow-line core is p, and the estimated polarization of the narrow component only, pn, assuming the broad component is unpolarized.
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Ø Linear Polarization
Ø Polarization angle：

perpendicular to the shock
Ø Degree： 2.0 ± 0.4 %

are used to yield a complete set of linear Stokes polarization
spectra. Our observations used half-wave plate rotation angles
of 0°, 22°.5, 45°, and 67°.5. The spectral window includes the
first three lines of the Balmer series, Hα (656.3 nm), Hβ
(486.1 nm), and Hγ (434.1 nm), Figure 2.

Observations were obtained in VLT service mode on the
nights of 2013 April 12/13 (6 sequences), 2013 April 19/20 (8
sequences), and 2013 May 8 (4 sequences), for a total of 18
sequences, each sequence comprising a 305 s exposure for each
of four retarder settings, yielding a total exposure time on target
of 6.1 hr. Both polarized and unpolarized standard star
observations were provided by ESO, using the same observing
procedure.

The data were debiassed, flat-fielded using a pixel sensitivity
flat field, corrected for image shear following Sparks et al.
(2014), and co-added to result in a final set of (ordinary) o- and
(extraordinary) e-beam pairs for each of the four retarder
settings. A simple cosmic-ray rejection algorithm was applied
during the co-addition by comparing each frame, normalized
by the median in the spatial direction, to a median of all 18
similar spectra. The cosmic rays were identified in a mask
image, and omitted during the subsequent averaging of like-
frames. To derive the polarization information, we used the flux
ratio method (Miller et al. 1987). The normalized Stokes
parameters are given by q R R1 1q q( ) ( )� � � , where

Rq
I
I

I
I

o

e

o

e
0

0

45

45
( ) ( )� and u R R1 1u u( ) ( )� � � , where
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I
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e
22.5
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67.5
( ) ( )� . The Stokes I and normalized q and u

frames were derived without sky subtraction, which resulted in
a clean set of q and u images since sky lines are unpolarized,
and a Stokes I image, which includes the sky. The normalized q
and u data were converted to polarized intensities Stokes Q and
U by multiplying q and u by Stokes I. We then subtracted a sky
estimate from the Stokes I image by averaging the spectra
below the bright Hα rim seen in Figure 2 (to the lower left in
Figure 1), and subtracting it from Stokes I. This worked well,
as is evident from the lower panel of Figure 2. To measure the

line emission polarization, we took the 2.5 arcsec wide region
covering the bright rim (the entire filament structure is
≈10 arcsec across), and derived a spatially integrated spectrum
for I, Q, and U, Figure 3. We integrated the section from 653.6
to 658.6 nm for Hα and 483.6 to 488.6 for Hβ, after subtracting
“continuum” regions on either side, 619.6–649.6 nm and
662.6–692.6 nm for Hα and 449.6–479.6 and
492.6–522.6 nm for Hβ. The continuum baseline subtraction
served to remove any zero point offsets from the I, Q, and U
intensity spectra. The mean values for baseline subtracted Q
and U were divided by the mean of the sky subtracted, baseline
subtracted Stokes I to derive new, final normalized Stokes
parameters q f and uf, and hence polarization degree
p q uf f

2 2� � , and position angle U Qtan1
2

1( )R G� �� ,
where f includes the instrument rotation on the sky to slit
position angle −35° and the retarder offset calibration provided
by ESO.3 The rms dispersion of Q and U about the baseline fits
provided the uncertainty estimates used for Table 1.

3. RESULTS

Figure 3 illustrates the data used to derive the polarimetric
results presented in Table 1. For the narrow core of the
dominant Hα line, polarization is detected at a level ≈4.5σ,
p≈ 0.0128 polarization degree (i.e., 1.3% polarization) and
position angle at 143°.7, only 1°.3 from the perpendicular to the
filament. The Hβ polarization is barely significant, at an≈ 2σ
level, though the values are consistent within the uncertainties
with those for Hα, at position angle 13° +/−13° from the
filament perpendicular. The Hα results form the basis of our
assertion that polarized line emission has been discovered in
the SN 1006 remnant. We estimated that the intensity of the
narrow component In to that of the broad component Ib, within
the spectral range of the narrow component only, is In /Ib≈ 1.9
(cf. Nikolić et al. 2013). Hence if only the narrow component is
contributing to the polarization, the implied corrected polariza-
tion degree of the narrow component is pn ≈ 0.0197, i.e.,
≈2.0% orthogonal to the filament direction.

4. DISCUSSION

Laming (1990) predicted emission line polarization due to
the highly anisotropic impact of energetic protons and
electrons. Specifically, Laming (1990) considers strong shocks
in a pure hydrogen plasma. For the range of shock parameters
he considers, he finds that the polarization vector should be
normal to the plane of the shock front. His analysis gives
predicted values of the polarization of the narrow Hα
component as seen in a plane perpendicular to the direction
of motion of the shock front, for various values of the shock
velocity and of the ratio β=Te/Ti of the electron to proton
post-shock temperatures. He also gives two sets of values,
depending on whether the Lyβ transition is optically thin (Case
A) or optically thick (Case B). The difference here is that if
Lyα photons are absorbed and then re-emitted at Hα, then
those Hα photons would have essentially zero net polarization.
Ghavamian et al. (2002) model the optical spectra of SN

1006. They observe essentially the same filament section as we
do. From their analysis, they conclude that the shock velocity is
2890+/−100 km s−1, and they require a low degree of

Figure 1. Location of 22 arcsec polarization slit segment on the Hubble Space
Telescope (HST) image of the SN 1006 remnant. North is up, east is to the left;
the SNR filament is in position angle ≈55°.

3 http://www.eso.org/sci/facilities/paranal/instruments/fors/inst/
pola.html

2

The Astrophysical Journal Letters, 815:L9 (4pp), 2015 December 10 Sparks et al.

Stokes I

Stokes Q

Stokes U

Observed Area



Discovery of polarized Hα emission
@ bright filament of SN 1006 (Sparks+ 15)

electron–proton equilibration at the shock front, with β< 0.07.
They also conclude that the Lyβ optical depth is low,
τ(Lyβ)∼ 0.5.

Morlino et al. (2012) consider Balmer emission from
collisionless shocks in a partially ionized medium. For a shock
velocity of 3000 km s−1, they find that the ratio of flux from the

Figure 2. Upper, co-added spectra showing total intensity after basic reductions, and lower, same after subtraction of sky background showing strong Balmer
dominated shock spectrum. Lines visible are, right to left, Hα, Hβ, and Hγ.

Figure 3. Un-normalized spectra for Stokes I, Q, and U, each the total across a 2.5 arcsec spatial window centered on the bright filament rim and averaged over 18
individual sequences. Hence the total counts are ≈18× the y axis values. The Q and U plots have been lightly smoothed with a Gaussian of σ ≈ 0.37 nm.

Table 1
Polarimetry Results for Cores of Hα and Hβ Lines in the SN 1006 Remnant

SN 1006 Stokes I Q U p, pn
a θ

Hα 52201.2 663.4 +/−147.7 −64.9 +/−139 0.0128 +/−0.0028 143.7 +/−6.3
0.0197 +/− 0.0043

Hβ 12522.1 217.6 +/−107 −79.8 +/−107 0.0185 +/−0.0086 131.4 +/−13.2

Note.
a The polarization of the total narrow-line core is p, and the estimated polarization of the narrow component only, pn, assuming the broad component is unpolarized.
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Ø Polarization angle：

perpendicular to the shock
Ø Degree： 2.0 ± 0.4 %

are used to yield a complete set of linear Stokes polarization
spectra. Our observations used half-wave plate rotation angles
of 0°, 22°.5, 45°, and 67°.5. The spectral window includes the
first three lines of the Balmer series, Hα (656.3 nm), Hβ
(486.1 nm), and Hγ (434.1 nm), Figure 2.

Observations were obtained in VLT service mode on the
nights of 2013 April 12/13 (6 sequences), 2013 April 19/20 (8
sequences), and 2013 May 8 (4 sequences), for a total of 18
sequences, each sequence comprising a 305 s exposure for each
of four retarder settings, yielding a total exposure time on target
of 6.1 hr. Both polarized and unpolarized standard star
observations were provided by ESO, using the same observing
procedure.

The data were debiassed, flat-fielded using a pixel sensitivity
flat field, corrected for image shear following Sparks et al.
(2014), and co-added to result in a final set of (ordinary) o- and
(extraordinary) e-beam pairs for each of the four retarder
settings. A simple cosmic-ray rejection algorithm was applied
during the co-addition by comparing each frame, normalized
by the median in the spatial direction, to a median of all 18
similar spectra. The cosmic rays were identified in a mask
image, and omitted during the subsequent averaging of like-
frames. To derive the polarization information, we used the flux
ratio method (Miller et al. 1987). The normalized Stokes
parameters are given by q R R1 1q q( ) ( )� � � , where
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frames were derived without sky subtraction, which resulted in
a clean set of q and u images since sky lines are unpolarized,
and a Stokes I image, which includes the sky. The normalized q
and u data were converted to polarized intensities Stokes Q and
U by multiplying q and u by Stokes I. We then subtracted a sky
estimate from the Stokes I image by averaging the spectra
below the bright Hα rim seen in Figure 2 (to the lower left in
Figure 1), and subtracting it from Stokes I. This worked well,
as is evident from the lower panel of Figure 2. To measure the

line emission polarization, we took the 2.5 arcsec wide region
covering the bright rim (the entire filament structure is
≈10 arcsec across), and derived a spatially integrated spectrum
for I, Q, and U, Figure 3. We integrated the section from 653.6
to 658.6 nm for Hα and 483.6 to 488.6 for Hβ, after subtracting
“continuum” regions on either side, 619.6–649.6 nm and
662.6–692.6 nm for Hα and 449.6–479.6 and
492.6–522.6 nm for Hβ. The continuum baseline subtraction
served to remove any zero point offsets from the I, Q, and U
intensity spectra. The mean values for baseline subtracted Q
and U were divided by the mean of the sky subtracted, baseline
subtracted Stokes I to derive new, final normalized Stokes
parameters q f and uf, and hence polarization degree
p q uf f

2 2� � , and position angle U Qtan1
2

1( )R G� �� ,
where f includes the instrument rotation on the sky to slit
position angle −35° and the retarder offset calibration provided
by ESO.3 The rms dispersion of Q and U about the baseline fits
provided the uncertainty estimates used for Table 1.

3. RESULTS

Figure 3 illustrates the data used to derive the polarimetric
results presented in Table 1. For the narrow core of the
dominant Hα line, polarization is detected at a level ≈4.5σ,
p≈ 0.0128 polarization degree (i.e., 1.3% polarization) and
position angle at 143°.7, only 1°.3 from the perpendicular to the
filament. The Hβ polarization is barely significant, at an≈ 2σ
level, though the values are consistent within the uncertainties
with those for Hα, at position angle 13° +/−13° from the
filament perpendicular. The Hα results form the basis of our
assertion that polarized line emission has been discovered in
the SN 1006 remnant. We estimated that the intensity of the
narrow component In to that of the broad component Ib, within
the spectral range of the narrow component only, is In /Ib≈ 1.9
(cf. Nikolić et al. 2013). Hence if only the narrow component is
contributing to the polarization, the implied corrected polariza-
tion degree of the narrow component is pn ≈ 0.0197, i.e.,
≈2.0% orthogonal to the filament direction.

4. DISCUSSION

Laming (1990) predicted emission line polarization due to
the highly anisotropic impact of energetic protons and
electrons. Specifically, Laming (1990) considers strong shocks
in a pure hydrogen plasma. For the range of shock parameters
he considers, he finds that the polarization vector should be
normal to the plane of the shock front. His analysis gives
predicted values of the polarization of the narrow Hα
component as seen in a plane perpendicular to the direction
of motion of the shock front, for various values of the shock
velocity and of the ratio β=Te/Ti of the electron to proton
post-shock temperatures. He also gives two sets of values,
depending on whether the Lyβ transition is optically thin (Case
A) or optically thick (Case B). The difference here is that if
Lyα photons are absorbed and then re-emitted at Hα, then
those Hα photons would have essentially zero net polarization.
Ghavamian et al. (2002) model the optical spectra of SN

1006. They observe essentially the same filament section as we
do. From their analysis, they conclude that the shock velocity is
2890+/−100 km s−1, and they require a low degree of

Figure 1. Location of 22 arcsec polarization slit segment on the Hubble Space
Telescope (HST) image of the SN 1006 remnant. North is up, east is to the left;
the SNR filament is in position angle ≈55°.

3 http://www.eso.org/sci/facilities/paranal/instruments/fors/inst/
pola.html
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「速度変化」があるかはまだ分からない．

ü 上流・下流を空間分解した観測が必要．
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Figure 5. Radiative excitation rate for the transition from 1s to 3p (solid
lines) and total collisional excitation rate for the transitions from 1s
to 3s, 3p, and 3d (dots). The blue, red, and black lines indicate the
cases of no precursor (i), only an electron heating precursor (ii), and
the electron heating precursor with decelerated protons (iii), respectively.
The vertical thin lines at n tot, 0z ≃ −27 × 1015 cm−2 and n tot, 0z ≃
0 cm−2 indicate the locations of the precursor front and the shock front,
respectively.

total intensity of H α including all contributions such as collisional
excitation, radiative excitation, and cascades from higher levels (up
to 4f in our model). Almost all radiative excitation comes from the
absorption of Ly β, which populates n H, 3p. Fig. 5 shows the radiative
rate for the transition from 1s to 3p and the total collisional rate of
the transitions from 1s to 3s, 3p, and 3d. The radiative excitation
dominates over the collisional excitation in the upstream region
because the Lyman lines are trapped. Thus, in the upstream region,
most of H α photons arise from the Ly β–H α conversion. In this
paper, for calculating the Stokes Q of H α, we approximate that all
of the 3p-state hydrogen atoms arise from Ly β absorption. Hence,
we obtain

nH,3p = nH,3p3/2 + nH,3p1/2 ≈
(

1 +
f1s,3p1/2

f1s,3p3/2

)
nH,3p3/2 , (38)

where f1s,3p1/2 = 0.026381 and f1s,3p3/2 = 0.052761 are the oscil-
lator strengths for the transitions from 1s to 3p1/2 and to 3p3/2,
respectively (Wiese & Fuhr 2009). Since we suppose the optically
thin limit for H α, the Stokes I of the scattered H α is given by
I (s)
ν = j

3p3/2,2s
ν,0 L, where L is a path-length along the line of sight and

jk,j
ν,µ is the emissivity for the transition from k to j. Note that our

line of sight is fixed along the y-axis (µ = 0). Thus, we obtain the
normalization factor of the Rayleigh scattering as

NR =
hν
4π nH,3p3/2A3p,2sφ

3p,2s
ν,µ L

∫ 1
−1 I

(i)
ν,µ

(
17
16 − 3

16 µ2
)

dµ
. (39)

Here we estimate the intensity of Ly β in the scattering as

I (i)
ν,µ(z) = ILyβ

ν,µ (z)exp
[
−kν,µ(z)%z

|µ|

]
, (40)

where kν, µ is the absorption coefficient and ILyβ
ν,µ is the specific

intensity of Ly β. They are the outcome of the atomic population
calculations. The spatial resolution of our numerical calculation is
%z: kν, µ%z ≃ 0.08 at the far upstream region. The polarization

Figure 6. The polarization degree of H α. The blue, red, and black lines
indicate the cases of no precursor (i), only an electron heating precursor
(ii), and the electron heating precursor with decelerated protons (iii),
respectively. The vertical thin lines at n tot, 0z ≃ −27 × 1015 cm−2 and
n tot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the shock
front, respectively. Positive values correspond to polarization along the z-
axis, while negative values correspond to polarization along the x-axis. Note
that these results includes all of atomic levels and processes unlike the result
shown in Fig. 2.

degree of H α, finally, is written as

Q(s)
ν

Iν,0
=

NR
∫ 1

−1 I (i)
ν,µ

(
3
16 − 9

16 µ2
)

dµ

jν,0L

=
nH,3pA3p,2s

(
1 +

f1s,3p1/2
f1s,3p3/2

)−1

nH,3sA3s,2p + nH,3pA3p,2s + nH,3dA3d,2p

×
∫ 1

−1 ILy β
ν,µ e− kν,µ

|µ| %z
(

3
16 − 9

16 µ2
)

dµ
∫ 1

−1 I
Ly β
ν,µ e− kν,µ

|µ| %z
(

17
16 − 3

16 µ2
)

dµ
. (41)

Note that this polarization degree includes the effects of collisional
excitation, cascades from higher levels, and scattering in the case of
%j = 0 (transitions from 1s1/2 to 3p1/2 and subsequently to 2s1/2). In
particular, we assume that the precursor collisional excitation and
cascades yield completely unpolarized H α.

Fig. 6 shows the estimated polarization degree of H α in the
upstream region. Here the Stokes parameters are integrated over an
interval of frequency corresponding to the Doppler velocity range
−25 to 25 km s−1. As discussed in Section 2, the sign of Stokes
Q depends on the velocity modification. In the no precursor case
(i), the polarization degree is positive (≃2 per cent) in the region
close to the shock front where the optical depth of Ly β is small.
Then, the polarization becomes negative at optical depth ∼1. Since
the Ly β radiated from the downstream region in the direction of
µ ≈ −1 (along the z-axis) is not so attenuated compared to that
radiated along µ ≈ 0, the ‘photon beam’ is elongated along the
z-axis, giving a negative polarization in the region distant from
the shock. Note that the polarization at z ≃ −5 × 1016 cm is
affected by the photon free escape boundary. On the other hand,
in the simple electron heating precursor case (ii), the polarization
degree is modest (≃−1 per cent) in the precursor region. This is
because the electron heating precursor with no velocity modification
yields a uniform, isotropically emitting medium whose polarization
property is shown in Fig. 2. Note that the polarization degree
in front of the shock is ≃1 per cent in this case (the plots in
Fig. 6 overlap). In the modified shock case (iii), the polarization

MNRAS 489, 2723–2731 (2019)

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article-abstract/489/2/2723/5556955 by N
agoya U

niversity user on 30 O
ctober 2019

2730 J. Shimoda and J. M. Laming

Figure 7. The surface brightness profile of H α. The blue, red, and black
lines indicate the cases of no precursor (i), only the electron heating
precursor (ii), and the electron heating precursor with decelerated protons
(iii), respectively. The vertical thin lines at ntot, 0z ≃ −27 × 1015 cm−2 and
ntot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the shock
front, respectively.

is positive with a degree of ≃ 5 per cent. The degree of attenuation
of Ly β photons radiated in the direction µ ≈ 1 depends on whether
the decelerated/non-decelerated atoms emit/absorb them, while the
photons radiated in the direction µ ≈ 0 are attenuated by the both
populations of atoms. Thus, the photons with µ ≈ 0 are efficiently
attenuated resulting in positive polarization.

Fig. 7 shows the surface brightness profiles of the frequency-
integrated Stokes I for the three cases. In the existence of a
precursor, cases (ii) and (iii), the emission from the upstream
region is bright and comparable to that from the downstream region.
Thus, in an actual observation, the polarization of such precursor
emission is detectable. Indeed, Sparks et al. (2015) discovered the
polarized H α with a polarization degree of 2.0 ± 0.4 per cent at
SNR SN 1006. Note that the precursor emissions were reported in
several cases in the literature (e.g. Lee et al. 2007; Katsuda et al.
2016; Knežević et al. 2017) although their origin is still a matter
of debate. Candidates for the origin of these precursor emissions
often discussed are the CR precursor, a photoionization precursor,
and a fast neutral precursor as the result of charge exchange
reactions (e.g. Morlino et al. 2012). In particular, by constructing
an H α emission model with a fast neutral precursor, Morlino et al.
(2012) showed that the fast neutral precursor can contribute up to
∼40 per cent of the total H α emission in the case of complete
proton–electron temperature equilibration and Vsh ≈ 2500 km s−1.
Note that the fast neutral precursor also leads to an upstream velocity
modification of ∼10 per cent of Vsh (Blasi et al. 2012; Ohira 2012)
for Vsh ! 2000 km s−1. For Vsh " 2000 km s−1, the modification
hardly occurs because of the rapid decrease of the charge-exchange
cross-section at relative velocities "2000 km s−1.

Fig. 8 is the ratio of the frequency-integrated Stokes I of H β to
that of H α. The ratio does not depend on the existence of a velocity
modification, in other words, the net optical depth of the Lyman
lines does not depend on the modification. This is also indicated
by Fig. 5. The reason is that both decelerated and non-decelerated
hydrogen atoms survive sufficiently in the precursor region for the
absorption of Lyman lines. Thus, the polarimetry of H α is a unique
diagnostic for the velocity modification of a shock that is one of the
essential predictions for collisionless shocks efficiently accelerating
non-thermal particles.

The intensity ratio of H β to H α (the so-called Balmer decrement)
is often discussed as a ratio in photon counts, which is obtained by

Figure 8. The Balmer decrement (total intensity ratio of H β to H α). The
blue, red, and black lines indicate the cases of no precursor (i), only the
electron heating precursor (ii), and the electron heating precursor with
decelerated protons (iii), respectively. The vertical thin lines at ntot, 0z ≃
−27 × 1015 cm−2 and ntot, 0z ≃ 0 cm−2 indicate the locations of the
precursor front and the shock front, respectively.

multiplying the intensity ratio by a factor of 0.74 (see Shimoda &
Laming 2019). Tseliakhovich, Hirata & Heng (2012) evaluated the
ratio in photon counts as ≃0.3 for the case of only proton direct
collisional excitation by assuming Delta-function distributions for
protons and hydrogen atoms. Note that this estimate does not
include the Lyman–Balmer conversions and cascades from higher
levels. Following Tseliakhovich et al. (2012), if we evaluate the
downstream ratio in photon counts including the electron direct
collisional excitation for a typical relative collision velocity of
≃3/4Vsh = 3000 km s−1, we obtain ≃0.38. Thus, the ratio at the edge
of downstream, ≃0.5 × 0.74 ≃ 0.37, may be almost determined by
the collisional excitation for typical relative velocities. Towards
the shock front, the ratio becomes smaller due to the Lyman–
Balmer conversions. Note that because the oscillator strength of
the transition from 1s to 3p is stronger than that to 4p, the Ly β–H α

conversion is more efficient than the Ly γ –H β conversion.

4 SU M M A RY A N D D I S C U S S I O N

We have shown that the polarimetry of H α can be a useful and
unique diagnostic of a CR modified shock. The H α emission
from the upstream region mainly originates from the Ly β–H α

conversion as a consequence of photon-scattering, even if there is an
electron heating precursor yielding collisional excitation. Therefore,
the upstream H α is linearly polarized with a polarization degree
of ∼ a few per cent. The polarization direction (angle) depends
strongly on whether there is a velocity modification. For the case
of no velocity modification, the polarization direction is parallel to
the shock surface. On the other hand, if there are velocity modified
hydrogen atoms generated by charge-exchange reactions with the
decelerated upstream protons, the direction is perpendicular to the
shock surface. Moreover, the upstream surface brightness of H α is
comparable to the downstream brightness. Furthermore, we have
shown that even if the velocity modification is just 5 per cent of Vsh,
the polarization of H α responds to the modification sensitively.
Hence, polarimetry of upstream H α may be realized that will
constrain the modification of the shock due to the CR back reactions
and bring new insights to particle acceleration in collisionless
shocks.

There is another diagnostic for the CR acceleration rate that is
often discussed. H α emission with full width at half-maximum
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Figure 7. The surface brightness profile of H α. The blue, red, and black
lines indicate the cases of no precursor (i), only the electron heating
precursor (ii), and the electron heating precursor with decelerated protons
(iii), respectively. The vertical thin lines at ntot, 0z ≃ −27 × 1015 cm−2 and
ntot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the shock
front, respectively.

is positive with a degree of ≃ 5 per cent. The degree of attenuation
of Ly β photons radiated in the direction µ ≈ 1 depends on whether
the decelerated/non-decelerated atoms emit/absorb them, while the
photons radiated in the direction µ ≈ 0 are attenuated by the both
populations of atoms. Thus, the photons with µ ≈ 0 are efficiently
attenuated resulting in positive polarization.

Fig. 7 shows the surface brightness profiles of the frequency-
integrated Stokes I for the three cases. In the existence of a
precursor, cases (ii) and (iii), the emission from the upstream
region is bright and comparable to that from the downstream region.
Thus, in an actual observation, the polarization of such precursor
emission is detectable. Indeed, Sparks et al. (2015) discovered the
polarized H α with a polarization degree of 2.0 ± 0.4 per cent at
SNR SN 1006. Note that the precursor emissions were reported in
several cases in the literature (e.g. Lee et al. 2007; Katsuda et al.
2016; Knežević et al. 2017) although their origin is still a matter
of debate. Candidates for the origin of these precursor emissions
often discussed are the CR precursor, a photoionization precursor,
and a fast neutral precursor as the result of charge exchange
reactions (e.g. Morlino et al. 2012). In particular, by constructing
an H α emission model with a fast neutral precursor, Morlino et al.
(2012) showed that the fast neutral precursor can contribute up to
∼40 per cent of the total H α emission in the case of complete
proton–electron temperature equilibration and Vsh ≈ 2500 km s−1.
Note that the fast neutral precursor also leads to an upstream velocity
modification of ∼10 per cent of Vsh (Blasi et al. 2012; Ohira 2012)
for Vsh ! 2000 km s−1. For Vsh " 2000 km s−1, the modification
hardly occurs because of the rapid decrease of the charge-exchange
cross-section at relative velocities "2000 km s−1.

Fig. 8 is the ratio of the frequency-integrated Stokes I of H β to
that of H α. The ratio does not depend on the existence of a velocity
modification, in other words, the net optical depth of the Lyman
lines does not depend on the modification. This is also indicated
by Fig. 5. The reason is that both decelerated and non-decelerated
hydrogen atoms survive sufficiently in the precursor region for the
absorption of Lyman lines. Thus, the polarimetry of H α is a unique
diagnostic for the velocity modification of a shock that is one of the
essential predictions for collisionless shocks efficiently accelerating
non-thermal particles.

The intensity ratio of H β to H α (the so-called Balmer decrement)
is often discussed as a ratio in photon counts, which is obtained by

Figure 8. The Balmer decrement (total intensity ratio of H β to H α). The
blue, red, and black lines indicate the cases of no precursor (i), only the
electron heating precursor (ii), and the electron heating precursor with
decelerated protons (iii), respectively. The vertical thin lines at ntot, 0z ≃
−27 × 1015 cm−2 and ntot, 0z ≃ 0 cm−2 indicate the locations of the
precursor front and the shock front, respectively.

multiplying the intensity ratio by a factor of 0.74 (see Shimoda &
Laming 2019). Tseliakhovich, Hirata & Heng (2012) evaluated the
ratio in photon counts as ≃0.3 for the case of only proton direct
collisional excitation by assuming Delta-function distributions for
protons and hydrogen atoms. Note that this estimate does not
include the Lyman–Balmer conversions and cascades from higher
levels. Following Tseliakhovich et al. (2012), if we evaluate the
downstream ratio in photon counts including the electron direct
collisional excitation for a typical relative collision velocity of
≃3/4Vsh = 3000 km s−1, we obtain ≃0.38. Thus, the ratio at the edge
of downstream, ≃0.5 × 0.74 ≃ 0.37, may be almost determined by
the collisional excitation for typical relative velocities. Towards
the shock front, the ratio becomes smaller due to the Lyman–
Balmer conversions. Note that because the oscillator strength of
the transition from 1s to 3p is stronger than that to 4p, the Ly β–H α

conversion is more efficient than the Ly γ –H β conversion.

4 SU M M A RY A N D D I S C U S S I O N

We have shown that the polarimetry of H α can be a useful and
unique diagnostic of a CR modified shock. The H α emission
from the upstream region mainly originates from the Ly β–H α

conversion as a consequence of photon-scattering, even if there is an
electron heating precursor yielding collisional excitation. Therefore,
the upstream H α is linearly polarized with a polarization degree
of ∼ a few per cent. The polarization direction (angle) depends
strongly on whether there is a velocity modification. For the case
of no velocity modification, the polarization direction is parallel to
the shock surface. On the other hand, if there are velocity modified
hydrogen atoms generated by charge-exchange reactions with the
decelerated upstream protons, the direction is perpendicular to the
shock surface. Moreover, the upstream surface brightness of H α is
comparable to the downstream brightness. Furthermore, we have
shown that even if the velocity modification is just 5 per cent of Vsh,
the polarization of H α responds to the modification sensitively.
Hence, polarimetry of upstream H α may be realized that will
constrain the modification of the shock due to the CR back reactions
and bring new insights to particle acceleration in collisionless
shocks.

There is another diagnostic for the CR acceleration rate that is
often discussed. H α emission with full width at half-maximum

MNRAS 489, 2723–2731 (2019)

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article-abstract/489/2/2723/5556955 by N
agoya U

niversity user on 30 O
ctober 2019

Hβ/Hα
「速度変化」を捉えてい
るのは偏光観測だけ．



Outcome
Cosmic ray modified shock polarimetry 2729

Figure 5. Radiative excitation rate for the transition from 1s to 3p (solid
lines) and total collisional excitation rate for the transitions from 1s
to 3s, 3p, and 3d (dots). The blue, red, and black lines indicate the
cases of no precursor (i), only an electron heating precursor (ii), and
the electron heating precursor with decelerated protons (iii), respectively.
The vertical thin lines at n tot, 0z ≃ −27 × 1015 cm−2 and n tot, 0z ≃
0 cm−2 indicate the locations of the precursor front and the shock front,
respectively.

total intensity of H α including all contributions such as collisional
excitation, radiative excitation, and cascades from higher levels (up
to 4f in our model). Almost all radiative excitation comes from the
absorption of Ly β, which populates n H, 3p. Fig. 5 shows the radiative
rate for the transition from 1s to 3p and the total collisional rate of
the transitions from 1s to 3s, 3p, and 3d. The radiative excitation
dominates over the collisional excitation in the upstream region
because the Lyman lines are trapped. Thus, in the upstream region,
most of H α photons arise from the Ly β–H α conversion. In this
paper, for calculating the Stokes Q of H α, we approximate that all
of the 3p-state hydrogen atoms arise from Ly β absorption. Hence,
we obtain

nH,3p = nH,3p3/2 + nH,3p1/2 ≈
(

1 +
f1s,3p1/2

f1s,3p3/2

)
nH,3p3/2 , (38)

where f1s,3p1/2 = 0.026381 and f1s,3p3/2 = 0.052761 are the oscil-
lator strengths for the transitions from 1s to 3p1/2 and to 3p3/2,
respectively (Wiese & Fuhr 2009). Since we suppose the optically
thin limit for H α, the Stokes I of the scattered H α is given by
I (s)
ν = j

3p3/2,2s
ν,0 L, where L is a path-length along the line of sight and

jk,j
ν,µ is the emissivity for the transition from k to j. Note that our

line of sight is fixed along the y-axis (µ = 0). Thus, we obtain the
normalization factor of the Rayleigh scattering as

NR =
hν
4π nH,3p3/2A3p,2sφ

3p,2s
ν,µ L

∫ 1
−1 I

(i)
ν,µ

(
17
16 − 3

16 µ2
)

dµ
. (39)

Here we estimate the intensity of Ly β in the scattering as

I (i)
ν,µ(z) = ILyβ

ν,µ (z)exp
[
−kν,µ(z)%z

|µ|

]
, (40)

where kν, µ is the absorption coefficient and ILyβ
ν,µ is the specific

intensity of Ly β. They are the outcome of the atomic population
calculations. The spatial resolution of our numerical calculation is
%z: kν, µ%z ≃ 0.08 at the far upstream region. The polarization

Figure 6. The polarization degree of H α. The blue, red, and black lines
indicate the cases of no precursor (i), only an electron heating precursor
(ii), and the electron heating precursor with decelerated protons (iii),
respectively. The vertical thin lines at n tot, 0z ≃ −27 × 1015 cm−2 and
n tot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the shock
front, respectively. Positive values correspond to polarization along the z-
axis, while negative values correspond to polarization along the x-axis. Note
that these results includes all of atomic levels and processes unlike the result
shown in Fig. 2.

degree of H α, finally, is written as

Q(s)
ν

Iν,0
=

NR
∫ 1

−1 I (i)
ν,µ

(
3
16 − 9

16 µ2
)

dµ

jν,0L

=
nH,3pA3p,2s

(
1 +

f1s,3p1/2
f1s,3p3/2

)−1

nH,3sA3s,2p + nH,3pA3p,2s + nH,3dA3d,2p

×
∫ 1

−1 ILy β
ν,µ e− kν,µ

|µ| %z
(

3
16 − 9

16 µ2
)

dµ
∫ 1

−1 I
Ly β
ν,µ e− kν,µ

|µ| %z
(

17
16 − 3

16 µ2
)

dµ
. (41)

Note that this polarization degree includes the effects of collisional
excitation, cascades from higher levels, and scattering in the case of
%j = 0 (transitions from 1s1/2 to 3p1/2 and subsequently to 2s1/2). In
particular, we assume that the precursor collisional excitation and
cascades yield completely unpolarized H α.

Fig. 6 shows the estimated polarization degree of H α in the
upstream region. Here the Stokes parameters are integrated over an
interval of frequency corresponding to the Doppler velocity range
−25 to 25 km s−1. As discussed in Section 2, the sign of Stokes
Q depends on the velocity modification. In the no precursor case
(i), the polarization degree is positive (≃2 per cent) in the region
close to the shock front where the optical depth of Ly β is small.
Then, the polarization becomes negative at optical depth ∼1. Since
the Ly β radiated from the downstream region in the direction of
µ ≈ −1 (along the z-axis) is not so attenuated compared to that
radiated along µ ≈ 0, the ‘photon beam’ is elongated along the
z-axis, giving a negative polarization in the region distant from
the shock. Note that the polarization at z ≃ −5 × 1016 cm is
affected by the photon free escape boundary. On the other hand,
in the simple electron heating precursor case (ii), the polarization
degree is modest (≃−1 per cent) in the precursor region. This is
because the electron heating precursor with no velocity modification
yields a uniform, isotropically emitting medium whose polarization
property is shown in Fig. 2. Note that the polarization degree
in front of the shock is ≃1 per cent in this case (the plots in
Fig. 6 overlap). In the modified shock case (iii), the polarization
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Figure 4. The ionization structure of the hydrogen atoms. The blue, red,
and black lines indicate the cases of no precursor (i), only the electron
heating precursor (ii), and the electron heating precursor with decelerated
protons (iii), respectively. The solid lines are the number density of hydrogen
atoms that have not experienced a charge-exchange reaction in the precursor
region, n0

H. The broken line is the number density of hydrogen atoms that
have experienced a charge-exchange reaction with the decelerated protons in
the precursor region, n1

H. The vertical thin lines at ntot, 0z≃−27 × 1015 cm−2

and ntot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the
shock front, respectively.

by

∂n0
H

∂z
= −n0

H
CI + CCX

Vsh
, (32)

∂n1
H

∂z
= n0

HCCX − n1
HCI

u1
, (33)

and
∂np

∂z
=

(
n0

H + n1
H

) CI

u1
, (34)

where n1
H is the number density of hydrogen atoms that have experi-

enced charge-exchange reactions with the decelerated protons. The
bulk velocity of the decelerated protons and that of the hydrogen
atoms having undergone charge-exchange reactions is u 1. The rate
of charge-exchange reactions for the relative velocity of 200 km s−1

is CCX ≃ 4.59 × 10−8(np/1 cm−3) s−1 (Janev & Smith 1993;
Janev, Reiter & Samm 2003). In the following, the total number
density of hydrogen atoms is denoted as nH = n0

H + n1
H. Note that

n1
H = 0 for the cases (i) and (ii) because there are no decelerated

protons. The ionization structure of the downstream region is given
by the same formulations as in Shimoda & Laming (2019). Note
that the velocity distribution function of all particles are shifted
Maxwellians. Fig. 4 shows the ionization structure of hydrogen.
The results are normalized by the total number density ntot, 0 = np +
nH. Here we set the precursor front at ntot,0zpre = 0.14Vsh/C̃I, where
C̃I = CI/np ≃ 2.15 × 10−9 cm3 s−1 is estimated for Te = 106 K.
The hydrogen atoms in the precursor region are modestly ionized by
the heated electrons but most of them experience charge-exchange
reactions with the decelerated protons (ntot, 0zpre ≃ 3npVsh/CCX).

In order to constrain the velocity modification of shock via the H α

emission, the length-scale of modification zpre has to be sufficiently
larger than the characteristic length of the spatial distribution of the
decelerated hydrogen atoms emerging from the charge-exchange
reaction with the decelerated protons, Vsh/CCX("Vsh), where "Vsh

≃ 200 km s−1 is the relative velocity of collision particles. In
this paper, we show the case of zpre ≃ 3(np/ntot, 0)Vsh/CCX. If
the modification comes from CRs accelerated at the shock, the

length-scale of modification can be given by their diffusion length
ldiff ∼ D(E)/Vsh, where D and E are the CR diffusion coefficient
and energy, respectively. Thus, from the observational condition
ldiff ! 3(np/ntot,0)Vsh/CCX, we obtain

D(E) ! 1.05 × 1025 cm−2 s−1
(

Vsh

4000 km s−1

)2

×
( ntot,0

1 cm−3

)−1
(

"Vsh

200 km s−1

)−1

, (35)

where we approximate

CCX

np
≈ 4.59 × 10−8 cm3 s−1

(
"Vsh

200 km s−1

)
.

The diffusion coefficient for the interstellar medium, DISM(1 GeV)
∼ 1028 cm2 s−1, satisfies this condition. When magnetic distur-
bances are excited around an SNR shock, we cannot currently derive
the relevant diffusion coefficient. If we suppose the simplest case,
D(E) ≃ ξBrg(E)c/3, where rg is the gyro radius of CR and ξB

> 1 is the gyro factor characterized by the energy spectrum of
magnetic disturbances, we obtain a lower bound for the CR energy
E responsible for the velocity modification of

E ! 33 TeV
1
ξB

×
(

B

100 µG

)(
Vsh

4000 km s−1

)2

×
( ntot,0

1 cm−3

)−1
(

"Vsh

200 km s−1

)−1

. (36)

Note that this estimate of E is based on the coefficient at the
Bohm limit, D(E) ≃ rg(E)c/3, that gives the shortest diffusion
length for a given E. For Tycho’s SNR, it is implied by the two-
point correlation analysis of synchrotron intensity that the energy
spectrum of downstream magnetic disturbances has a Kolmogorov-
like scaling (Shimoda et al. 2018b).4 If this is also true for the
upstream disturbances, the gyro factor ξB may be greater than unity
and the lower bound of E may be smaller than 33 TeV. Note that
the acceleration efficiency of CRs can be measured simultaneously
by polarimetry of the downstream H α emission (Shimoda et al.
2018a).

We calculate the atomic populations in the same manner as
Shimoda & Laming (2019). Then, we obtain the emissivity of H α

as

jν,µ = hν

4π

(
nH,3sA3s,2pφ

3s,2p
ν,µ + nH,3pA3p,2sφ

3p,2s
ν,µ

+ nH,3dA3d,2pφ
3d,2p
ν,µ

)
, (37)

where nH, k denotes the number density of hydrogen atoms in the
excited state k. The spontaneous transition rate and line profile
function for the transition from k to j are given by Ak, j and φk,j

ν,µ,
respectively (see Shimoda & Laming 2019, for details). Here we
omit the term for the two-photon decay. This emissivity gives the

4Roy et al. (2009) analysed the synchrotron correlation in the SNR Cas A but
they did not take sufficient care of the effects of SNR geometry that are the
bottleneck in this type of analysis (see e.g. Shimoda et al. 2018b). Note that
to analyse the synchrotron correlation, Roy et al. (2009) used interferometric
data directly (i.e. the data are represented in the Fourier space), a different
approach to that of Shimoda et al. (2018b). If we removed the geometrical
effects from such an analysis method, we could obtain the energy spectra
in the Fourier space. In any way, it has been suggested that the magnetic
energy spectrum can be measured in principle.
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Figure 4. The ionization structure of the hydrogen atoms. The blue, red,
and black lines indicate the cases of no precursor (i), only the electron
heating precursor (ii), and the electron heating precursor with decelerated
protons (iii), respectively. The solid lines are the number density of hydrogen
atoms that have not experienced a charge-exchange reaction in the precursor
region, n0

H. The broken line is the number density of hydrogen atoms that
have experienced a charge-exchange reaction with the decelerated protons in
the precursor region, n1

H. The vertical thin lines at ntot, 0z≃−27 × 1015 cm−2

and ntot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the
shock front, respectively.

by

∂n0
H

∂z
= −n0

H
CI + CCX

Vsh
, (32)

∂n1
H

∂z
= n0

HCCX − n1
HCI

u1
, (33)

and
∂np

∂z
=

(
n0

H + n1
H

) CI

u1
, (34)

where n1
H is the number density of hydrogen atoms that have experi-

enced charge-exchange reactions with the decelerated protons. The
bulk velocity of the decelerated protons and that of the hydrogen
atoms having undergone charge-exchange reactions is u 1. The rate
of charge-exchange reactions for the relative velocity of 200 km s−1

is CCX ≃ 4.59 × 10−8(np/1 cm−3) s−1 (Janev & Smith 1993;
Janev, Reiter & Samm 2003). In the following, the total number
density of hydrogen atoms is denoted as nH = n0

H + n1
H. Note that

n1
H = 0 for the cases (i) and (ii) because there are no decelerated

protons. The ionization structure of the downstream region is given
by the same formulations as in Shimoda & Laming (2019). Note
that the velocity distribution function of all particles are shifted
Maxwellians. Fig. 4 shows the ionization structure of hydrogen.
The results are normalized by the total number density ntot, 0 = np +
nH. Here we set the precursor front at ntot,0zpre = 0.14Vsh/C̃I, where
C̃I = CI/np ≃ 2.15 × 10−9 cm3 s−1 is estimated for Te = 106 K.
The hydrogen atoms in the precursor region are modestly ionized by
the heated electrons but most of them experience charge-exchange
reactions with the decelerated protons (ntot, 0zpre ≃ 3npVsh/CCX).

In order to constrain the velocity modification of shock via the H α

emission, the length-scale of modification zpre has to be sufficiently
larger than the characteristic length of the spatial distribution of the
decelerated hydrogen atoms emerging from the charge-exchange
reaction with the decelerated protons, Vsh/CCX("Vsh), where "Vsh

≃ 200 km s−1 is the relative velocity of collision particles. In
this paper, we show the case of zpre ≃ 3(np/ntot, 0)Vsh/CCX. If
the modification comes from CRs accelerated at the shock, the

length-scale of modification can be given by their diffusion length
ldiff ∼ D(E)/Vsh, where D and E are the CR diffusion coefficient
and energy, respectively. Thus, from the observational condition
ldiff ! 3(np/ntot,0)Vsh/CCX, we obtain

D(E) ! 1.05 × 1025 cm−2 s−1
(

Vsh

4000 km s−1

)2

×
( ntot,0

1 cm−3

)−1
(

"Vsh

200 km s−1

)−1

, (35)

where we approximate

CCX

np
≈ 4.59 × 10−8 cm3 s−1

(
"Vsh

200 km s−1

)
.

The diffusion coefficient for the interstellar medium, DISM(1 GeV)
∼ 1028 cm2 s−1, satisfies this condition. When magnetic distur-
bances are excited around an SNR shock, we cannot currently derive
the relevant diffusion coefficient. If we suppose the simplest case,
D(E) ≃ ξBrg(E)c/3, where rg is the gyro radius of CR and ξB

> 1 is the gyro factor characterized by the energy spectrum of
magnetic disturbances, we obtain a lower bound for the CR energy
E responsible for the velocity modification of

E ! 33 TeV
1
ξB

×
(

B

100 µG

)(
Vsh

4000 km s−1

)2

×
( ntot,0

1 cm−3

)−1
(

"Vsh

200 km s−1

)−1

. (36)

Note that this estimate of E is based on the coefficient at the
Bohm limit, D(E) ≃ rg(E)c/3, that gives the shortest diffusion
length for a given E. For Tycho’s SNR, it is implied by the two-
point correlation analysis of synchrotron intensity that the energy
spectrum of downstream magnetic disturbances has a Kolmogorov-
like scaling (Shimoda et al. 2018b).4 If this is also true for the
upstream disturbances, the gyro factor ξB may be greater than unity
and the lower bound of E may be smaller than 33 TeV. Note that
the acceleration efficiency of CRs can be measured simultaneously
by polarimetry of the downstream H α emission (Shimoda et al.
2018a).

We calculate the atomic populations in the same manner as
Shimoda & Laming (2019). Then, we obtain the emissivity of H α

as

jν,µ = hν

4π

(
nH,3sA3s,2pφ

3s,2p
ν,µ + nH,3pA3p,2sφ

3p,2s
ν,µ

+ nH,3dA3d,2pφ
3d,2p
ν,µ

)
, (37)

where nH, k denotes the number density of hydrogen atoms in the
excited state k. The spontaneous transition rate and line profile
function for the transition from k to j are given by Ak, j and φk,j

ν,µ,
respectively (see Shimoda & Laming 2019, for details). Here we
omit the term for the two-photon decay. This emissivity gives the

4Roy et al. (2009) analysed the synchrotron correlation in the SNR Cas A but
they did not take sufficient care of the effects of SNR geometry that are the
bottleneck in this type of analysis (see e.g. Shimoda et al. 2018b). Note that
to analyse the synchrotron correlation, Roy et al. (2009) used interferometric
data directly (i.e. the data are represented in the Fourier space), a different
approach to that of Shimoda et al. (2018b). If we removed the geometrical
effects from such an analysis method, we could obtain the energy spectra
in the Fourier space. In any way, it has been suggested that the magnetic
energy spectrum can be measured in principle.
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Figure 4. The ionization structure of the hydrogen atoms. The blue, red,
and black lines indicate the cases of no precursor (i), only the electron
heating precursor (ii), and the electron heating precursor with decelerated
protons (iii), respectively. The solid lines are the number density of hydrogen
atoms that have not experienced a charge-exchange reaction in the precursor
region, n0

H. The broken line is the number density of hydrogen atoms that
have experienced a charge-exchange reaction with the decelerated protons in
the precursor region, n1

H. The vertical thin lines at ntot, 0z≃−27 × 1015 cm−2

and ntot, 0z ≃ 0 cm−2 indicate the locations of the precursor front and the
shock front, respectively.

by

∂n0
H

∂z
= −n0

H
CI + CCX

Vsh
, (32)

∂n1
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HCCX − n1
HCI

u1
, (33)

and
∂np
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=
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H + n1
H

) CI

u1
, (34)

where n1
H is the number density of hydrogen atoms that have experi-

enced charge-exchange reactions with the decelerated protons. The
bulk velocity of the decelerated protons and that of the hydrogen
atoms having undergone charge-exchange reactions is u 1. The rate
of charge-exchange reactions for the relative velocity of 200 km s−1

is CCX ≃ 4.59 × 10−8(np/1 cm−3) s−1 (Janev & Smith 1993;
Janev, Reiter & Samm 2003). In the following, the total number
density of hydrogen atoms is denoted as nH = n0

H + n1
H. Note that

n1
H = 0 for the cases (i) and (ii) because there are no decelerated

protons. The ionization structure of the downstream region is given
by the same formulations as in Shimoda & Laming (2019). Note
that the velocity distribution function of all particles are shifted
Maxwellians. Fig. 4 shows the ionization structure of hydrogen.
The results are normalized by the total number density ntot, 0 = np +
nH. Here we set the precursor front at ntot,0zpre = 0.14Vsh/C̃I, where
C̃I = CI/np ≃ 2.15 × 10−9 cm3 s−1 is estimated for Te = 106 K.
The hydrogen atoms in the precursor region are modestly ionized by
the heated electrons but most of them experience charge-exchange
reactions with the decelerated protons (ntot, 0zpre ≃ 3npVsh/CCX).

In order to constrain the velocity modification of shock via the H α

emission, the length-scale of modification zpre has to be sufficiently
larger than the characteristic length of the spatial distribution of the
decelerated hydrogen atoms emerging from the charge-exchange
reaction with the decelerated protons, Vsh/CCX("Vsh), where "Vsh

≃ 200 km s−1 is the relative velocity of collision particles. In
this paper, we show the case of zpre ≃ 3(np/ntot, 0)Vsh/CCX. If
the modification comes from CRs accelerated at the shock, the

length-scale of modification can be given by their diffusion length
ldiff ∼ D(E)/Vsh, where D and E are the CR diffusion coefficient
and energy, respectively. Thus, from the observational condition
ldiff ! 3(np/ntot,0)Vsh/CCX, we obtain

D(E) ! 1.05 × 1025 cm−2 s−1
(

Vsh

4000 km s−1

)2

×
( ntot,0

1 cm−3

)−1
(

"Vsh

200 km s−1

)−1

, (35)

where we approximate

CCX

np
≈ 4.59 × 10−8 cm3 s−1

(
"Vsh

200 km s−1

)
.

The diffusion coefficient for the interstellar medium, DISM(1 GeV)
∼ 1028 cm2 s−1, satisfies this condition. When magnetic distur-
bances are excited around an SNR shock, we cannot currently derive
the relevant diffusion coefficient. If we suppose the simplest case,
D(E) ≃ ξBrg(E)c/3, where rg is the gyro radius of CR and ξB

> 1 is the gyro factor characterized by the energy spectrum of
magnetic disturbances, we obtain a lower bound for the CR energy
E responsible for the velocity modification of

E ! 33 TeV
1
ξB

×
(

B

100 µG

)(
Vsh

4000 km s−1

)2

×
( ntot,0

1 cm−3

)−1
(

"Vsh

200 km s−1

)−1

. (36)

Note that this estimate of E is based on the coefficient at the
Bohm limit, D(E) ≃ rg(E)c/3, that gives the shortest diffusion
length for a given E. For Tycho’s SNR, it is implied by the two-
point correlation analysis of synchrotron intensity that the energy
spectrum of downstream magnetic disturbances has a Kolmogorov-
like scaling (Shimoda et al. 2018b).4 If this is also true for the
upstream disturbances, the gyro factor ξB may be greater than unity
and the lower bound of E may be smaller than 33 TeV. Note that
the acceleration efficiency of CRs can be measured simultaneously
by polarimetry of the downstream H α emission (Shimoda et al.
2018a).

We calculate the atomic populations in the same manner as
Shimoda & Laming (2019). Then, we obtain the emissivity of H α

as

jν,µ = hν

4π

(
nH,3sA3s,2pφ

3s,2p
ν,µ + nH,3pA3p,2sφ

3p,2s
ν,µ

+ nH,3dA3d,2pφ
3d,2p
ν,µ

)
, (37)

where nH, k denotes the number density of hydrogen atoms in the
excited state k. The spontaneous transition rate and line profile
function for the transition from k to j are given by Ak, j and φk,j

ν,µ,
respectively (see Shimoda & Laming 2019, for details). Here we
omit the term for the two-photon decay. This emissivity gives the

4Roy et al. (2009) analysed the synchrotron correlation in the SNR Cas A but
they did not take sufficient care of the effects of SNR geometry that are the
bottleneck in this type of analysis (see e.g. Shimoda et al. 2018b). Note that
to analyse the synchrotron correlation, Roy et al. (2009) used interferometric
data directly (i.e. the data are represented in the Fourier space), a different
approach to that of Shimoda et al. (2018b). If we removed the geometrical
effects from such an analysis method, we could obtain the energy spectra
in the Fourier space. In any way, it has been suggested that the magnetic
energy spectrum can be measured in principle.

MNRAS 489, 2723–2731 (2019)
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Figure 3. Large upper panel shows a very deep Hα image of SN 1006, after continuum subtraction, obtained at the CTIO 4 m Blanco telescope with the Mosaic II
camera, 2010. The relatively bright filaments to the NW are saturated in this display, in order to emphasize the far fainter emission elsewhere in the remnant. The field
is 36′ square, and exactly matches that of the X-ray image, Figure 2. The smaller images below show both the 1998 and 2010 images at the same scale; most of the
features seen in the 2010 image are also visible in the earlier low-resolution image.

2013). We discuss these possibilities further in Section 8.3.
There are also several thin arcs of Balmer emission without an
obvious X-ray knot behind, which could have resulted from less
dense clumps of ejecta or ones that have dissipated.

In the NW, the new Hα image clearly shows the complex
structure ahead of the bright filaments, best shown in Figure 5
(center), where this region is displayed with a very hard stretch
to show the faintest emission. Very faint X-ray emission is also

seen outside the main Balmer filament, up to the outermost
limit of optical emission. The optical morphology indicates a
rippled sheet seen edge-on, with the multiple edges representing
tangencies at different locations (as shown by Hester 1987). It
has long been clear that this is the cause for the undulating
structure of the primary NW filament, but the deeper image
shows this structure to be more complex than previously
realized. The bright filament is the result of an encounter
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Figure 2. “True-color” X-ray mosaic of all the 2012 Chandra/ACIS observations of SN 1006; red = soft (0.5–1.2 keV), green = medium (1.2–2.0 keV), blue = hard
(2.0–7.0 keV). The synchrotron-dominated regions along the NE and SW rims are much harder than the thermal-dominated emission from elsewhere in SN 1006.

is presumably in the foreground or background and not physi-
cally associated with SN 1006 itself. It is not clear just which
emission features within the shell are physically associated, but
some—ones with associated X-ray features—definitely are, as
we discuss in the following section.

4. RELATION OF X-RAY AND OPTICAL FEATURES

Comparison between the X-ray and optical images shows
several thin arcs of Balmer emission, primarily within the
southern portion of the SN 1006 shell, that lie immediately in
front of some of the brighter tufts or flocculi of X-ray emission.
These X-ray structures, also seen in previous X-ray images, have
scales that are typically 10′′–30′′ (0.1–0.3 pc). Two examples are
shown in Figure 4. These Balmer filaments seen (in projection)
in the remnant interior strongly resemble bowshocks, and the
X-ray tufts behind them have spectra indicating that they are
ejecta-dominated (see Section 6). These are probably similar
structures to the far brighter bulge in the NW Balmer filament,
at about 2 o’clock in Figure 3, which precedes a bright thermal

X-ray knot that has long been attributed to an ejecta bullet (Long
et al. 2003; Vink et al. 2003; Broersen et al. 2013).

The presence of Balmer emission absolutely requires partially
neutral interstellar H ahead of the shock, so the bowshock
features must be located on the front or back sides of the
remnant’s shell, seen in the interior only in projection. The X-ray
knots behind them have a somewhat flattened appearance,
consistent with ejecta running into interstellar material. There
are many small X-ray tufts similar to those shown in Figure 4,
and with a spectral character that indicates SN ejecta, but that
are not preceded by optical bowshocks. This absence simply
indicates the absence of neutral gas in front of them; they may
not have reached the remnant shell, or the pre-shock gas at that
point could be fully ionized or too tenuous to produce significant
Balmer emission. The origin of the X-ray tufts—whether with
or without associated Balmer bowshocks—is not obvious; they
could have resulted from small-scale density inhomogeneities
imprinted during the explosion itself (Orlando et al. 2012), or
they could be the result of more recent Rayleigh–Taylor (R-T)
instabilities in the expanding ejecta (e.g., Warren & Blondin
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Figure 2. “True-color” X-ray mosaic of all the 2012 Chandra/ACIS observations of SN 1006; red = soft (0.5–1.2 keV), green = medium (1.2–2.0 keV), blue = hard
(2.0–7.0 keV). The synchrotron-dominated regions along the NE and SW rims are much harder than the thermal-dominated emission from elsewhere in SN 1006.

is presumably in the foreground or background and not physi-
cally associated with SN 1006 itself. It is not clear just which
emission features within the shell are physically associated, but
some—ones with associated X-ray features—definitely are, as
we discuss in the following section.

4. RELATION OF X-RAY AND OPTICAL FEATURES

Comparison between the X-ray and optical images shows
several thin arcs of Balmer emission, primarily within the
southern portion of the SN 1006 shell, that lie immediately in
front of some of the brighter tufts or flocculi of X-ray emission.
These X-ray structures, also seen in previous X-ray images, have
scales that are typically 10′′–30′′ (0.1–0.3 pc). Two examples are
shown in Figure 4. These Balmer filaments seen (in projection)
in the remnant interior strongly resemble bowshocks, and the
X-ray tufts behind them have spectra indicating that they are
ejecta-dominated (see Section 6). These are probably similar
structures to the far brighter bulge in the NW Balmer filament,
at about 2 o’clock in Figure 3, which precedes a bright thermal

X-ray knot that has long been attributed to an ejecta bullet (Long
et al. 2003; Vink et al. 2003; Broersen et al. 2013).

The presence of Balmer emission absolutely requires partially
neutral interstellar H ahead of the shock, so the bowshock
features must be located on the front or back sides of the
remnant’s shell, seen in the interior only in projection. The X-ray
knots behind them have a somewhat flattened appearance,
consistent with ejecta running into interstellar material. There
are many small X-ray tufts similar to those shown in Figure 4,
and with a spectral character that indicates SN ejecta, but that
are not preceded by optical bowshocks. This absence simply
indicates the absence of neutral gas in front of them; they may
not have reached the remnant shell, or the pre-shock gas at that
point could be fully ionized or too tenuous to produce significant
Balmer emission. The origin of the X-ray tufts—whether with
or without associated Balmer bowshocks—is not obvious; they
could have resulted from small-scale density inhomogeneities
imprinted during the explosion itself (Orlando et al. 2012), or
they could be the result of more recent Rayleigh–Taylor (R-T)
instabilities in the expanding ejecta (e.g., Warren & Blondin
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Figure 2. “True-color” X-ray mosaic of all the 2012 Chandra/ACIS observations of SN 1006; red = soft (0.5–1.2 keV), green = medium (1.2–2.0 keV), blue = hard
(2.0–7.0 keV). The synchrotron-dominated regions along the NE and SW rims are much harder than the thermal-dominated emission from elsewhere in SN 1006.

is presumably in the foreground or background and not physi-
cally associated with SN 1006 itself. It is not clear just which
emission features within the shell are physically associated, but
some—ones with associated X-ray features—definitely are, as
we discuss in the following section.

4. RELATION OF X-RAY AND OPTICAL FEATURES

Comparison between the X-ray and optical images shows
several thin arcs of Balmer emission, primarily within the
southern portion of the SN 1006 shell, that lie immediately in
front of some of the brighter tufts or flocculi of X-ray emission.
These X-ray structures, also seen in previous X-ray images, have
scales that are typically 10′′–30′′ (0.1–0.3 pc). Two examples are
shown in Figure 4. These Balmer filaments seen (in projection)
in the remnant interior strongly resemble bowshocks, and the
X-ray tufts behind them have spectra indicating that they are
ejecta-dominated (see Section 6). These are probably similar
structures to the far brighter bulge in the NW Balmer filament,
at about 2 o’clock in Figure 3, which precedes a bright thermal

X-ray knot that has long been attributed to an ejecta bullet (Long
et al. 2003; Vink et al. 2003; Broersen et al. 2013).

The presence of Balmer emission absolutely requires partially
neutral interstellar H ahead of the shock, so the bowshock
features must be located on the front or back sides of the
remnant’s shell, seen in the interior only in projection. The X-ray
knots behind them have a somewhat flattened appearance,
consistent with ejecta running into interstellar material. There
are many small X-ray tufts similar to those shown in Figure 4,
and with a spectral character that indicates SN ejecta, but that
are not preceded by optical bowshocks. This absence simply
indicates the absence of neutral gas in front of them; they may
not have reached the remnant shell, or the pre-shock gas at that
point could be fully ionized or too tenuous to produce significant
Balmer emission. The origin of the X-ray tufts—whether with
or without associated Balmer bowshocks—is not obvious; they
could have resulted from small-scale density inhomogeneities
imprinted during the explosion itself (Orlando et al. 2012), or
they could be the result of more recent Rayleigh–Taylor (R-T)
instabilities in the expanding ejecta (e.g., Warren & Blondin
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the assumption of a spectral difference between the NE and the
SW region. The large uncertainties on SW( make this difference
not significant and more data are crucially needed to shed light
on this point. Finally, the presence or not of a hadronic
component does not explain why the SW region is fainter than
the NE region in the GeV band. This could mean that the IC
emission is dimmer in this energy band, for instance due to a
harder electron population in the SW region where part of the
shock is interacting with a cloud. Again, more data is needed to
confirm this effect.

As the new spectral points for the whole remnant are very
close to the upper limits from Acero et al. (2015b), our
modeling is consistent with the one shown in the upper panel of
Figure 6 in Miceli et al. (2016); we confirm that a total hadronic
energy of 5 1049q erg is conceivable to explain the HE γ-ray
emission in the SW region of SN1006.

6. Conclusion

In this work, we studied the shell-type SNRs HESSJ1731
−347 and SN1006 in the GeV band. Analyzing 8 years of LAT
Pass 8 data in the energy range 1 GeV− 2 TeV, we found
significant γ-ray excesses at the positions of both sources. The
spectral study using templates derived from the H.E.S.S. excess
maps revealed a photon index of 1.66 0.16 0.12stat syst( � o o
for HESSJ1731−347 and 1.79 0.17 0.27stat syst( � o o for
SN1006, both in agreement with previous works (Acero et al.
2015b; Xing et al. 2016). Although a detection of these two
sources with Fermi-LAT was not expected without several more
years of data, as argued in Acero et al. (2015b)ʼs conclusion, the
improved efficiency of the Pass8 data combined with an energy
range extended to higher energy made it feasible.

In our Figure 3, we reproduce Figure 3 from Acero et al.
(2015b) and overlay HESSJ1731−347 and SN1006 spectral
points in the GeV–TeV band. We can see that the new spectra
are in good agreement with the models. Overall, the hard
spectra of these SNRs suggest a common scenario in which the
bulk of the γ-ray emission is produced by inverse Compton

scattering of high-energy electrons. The γ-ray emission is likely
to be leptonic dominated. However, this does not rule out
efficient hadron acceleration in these TeV shells and the
spectral asymmetry visible in SN1006 might be a first
evidence in this respect.
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Summary
Ø εCR ~1 eV cm-3 ( ~GeV CRsが担う)

• Supernova が最有⼒“候補“.
• 分⼦雲の電離度は星形成率で説明できるのか？
• CR ~ turbulence ~ B-field ~ thermal ~ 1 eV/cc
は銀河(ISM)のどこでも成り⽴つのか？

Ø SNRの先⾏研究
• 宇宙線の⽣成率と加速機構は未解明．

• SNRでの加速機構を解明するための提案：
Hαの偏光観測が重要である. 

Cf. Shimoda et al. 2018
Shimoda & Laming 2019 a, b（⾒てね）


